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Abstract

Astrospheres are large-scale structures arising from the interaction between the stel-
lar wind and the interstellar medium (ISM). This study investigates the effect of
various parameters, such as the simulation time, mass loss rate, ISM density, ISM
temperature, and ISM magnetic field, on the evolution of an astrosphere using the
two-dimensional magnetohydrodynamic model of Fahr and Kausch (2000). The em-
phasis is on calculating the density profile, bow shock (BS) compression ratio, speed,
and BS width as the stellar wind (SW) expands into the ISM. Results show that
later simulation times lead to a more developed astrosphere with a thin outer shell
forming, the thickness of which depends on the radiative cooling process. The mass
loss rate affects the size of the astrosphere, with higher rates resulting in larger as-
trospheric structures. The ISM density also influences the size of the astrospheric
cavity and the radiative cooling process. The ISM magnetic field can either expand
or compress the outer structure of the astrosphere, depending on its orientation. The
study also investigates the astrosphere of A Cephei. A Cephei is a bright runaway
star. Simulations of Baalmann et al. (2021) show the position of the termination
shock (TS), astropause (AP), and bow shock (BS) of A Cephei. A comparison be-
tween the simulations by Baalmann et al. (2021) and the Pen et al. (2003) model
used in this work shows similar results. Due to the Pen et al. (2003) model excluding
the radiative cooling process and being solved on a Cartesian grid, the bow shock
width is somewhat different. The study also investigated variations in the relative
velocity and ISM magnetic field strength on A Cephei’s astrosphere, where, when the
relative velocity was decreased from 80 km /s to 40 km/s. The size of the astrosphere
increased, with the largest difference seen in the bow shock regions. The effect of
the ISM magnetic field on the astrosphere’s form was also investigated. When the
ISM magnetic field increased, the structure of the astrosphere changed, and due to

the high ISM magnetic field, the astrosphere became asymmetrical.

Keywords: Magnetohydrodynamics; stellar wind; astrosphere; interstellar medium;

A Cephei; termination shock; bow shock.
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Table of abbreviations

A table containing a list of abbreviations that will be used throughout the text.

AMF Astrospheric Magnetic Field

AP Astropause

BS Bow Shock

D Dimension

Gaia Global Astrometric Interferometer for Astrophysics
HCS Heliospheric Current Sheet

HD Hydrodynamic

HMF Heliospheric Magnetic Field

HP Heliospheric Pause

HTS Heliospheric Termination Shock

TAS Inner Astrosheath

IHS Inner Heliospheric

IPHAS INT Photometric Ha Survey of the Northern Galactic Plane
IMF Interplanetary Magnetic Field

ISM Interstellar Medium

LBV Luminous Blue Stars

LISM Local Interstellar Medium

MHD Magnetohydrodynamic

MIPS  Multiband Imaging Photometer for Spitzer

OAS Outer Astrosheath

OHS Outer Heliospheric

SW Stellar Wind
SNR Supernova Remnants
TS Termination Shock

v



Table 1: Typical physical constant and non-standard units in centimeter-gram-
second units will be used throughout this work (Richardson, 2019).

Name Symbol | Value Units
mass of proton my 1.6726 x107%4 | g
Boltzmann constant || kg 1.3807 x107% | erg/K
Planck constant h 6.6261 x107%7 | erg.s
Astronomical units 1 AU 1.496 x10'3 cm
Parsec 1 pc 3.086 x10'8 cm
kilometres per second || 1 km/s | 10° cm/s
Solar radius R, 6.957 x10'° cm
Solar luminosity Lo 3.828 x10% erg/s
Solar mass Mo, 1.988 x 1033 g




Chapter 1

Introduction

An astrosphere is a large-scale structure resulting from the interaction between a
star’s outward-flowing stellar wind (SW) and the surrounding interstellar medium
(ISM). The relative motion of the star, in relation to its local interstellar medium,
gives rise to the formation of a bullet-shaped bubble, typically characterised by
supersonic outflow and relative speeds. These give rise to the formation of a termi-

nation shock (TS) and a bow shock (BS), respectively.

The termination shock (TS) is the transition from supersonic to subsonic speeds for
the SW. The astropause (AP) serves as the discontinuity between the SW outflow
and the flow of ISM, effectively separating the two fluids. The bow shock (BS)
is located between the AP and the undisturbed ISM. The region situated between
the TS and the BS is termed the astrosheath, comprising the inner astrosheath
positioned between the TS and the AP and the outer astrosheath extending from
the AP to the BS.

Chapter 2 will give an introduction showing that the structure and shape of an
astrosphere depend on the type of star. The most well-known example of an astro-
sphere is the heliosphere. The heliosphere is characterised by four distinct regions
that are thermodynamically separated by the termination shock and the heliopause
boundary. However, if the Sun’s motion relative to the local interstellar medium
(LISM) is subsonic, the heliosphere might lack a bow shock and instead have a
bow wave. The presence or absence of the heliospheric BS is an ongoing subject of
debate, contingent upon the composition of the ISM, see McComas et al. (2012b),
Scherer and Fichtner (2014).

Observations of the solar wind speed, density and temperature upstream of the
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termination shock and the region close to the heliopause have been observed by
Voyager 1 and Voyager 2, also the post-shocked observation in (Richardson et al.,
2022), with simulations by Strauss (2013) and others yielding a reasonable approx-
imation to those results. Also, the solar magnetic field is frozen in the solar wind
and transported by the solar wind into interplanetary space. This magnetic field
is known as the heliospheric magnetic field or interplanetary magnetic field, first
described by Parker (1958).

The structure of an astrosphere is modelled using various hydrodynamic (HD) and
magnetohydrodynamic (MHD) models. These models include the two-dimensional
model by Fahr and Kausch (2000), Scherer and Ferreira (2005), Ferreira and de
Jager (2008), the three-dimensional magnetohydrodynamic (MHD) model discussed
in Pen et al. (2003), and the three-dimensional magnetohydrodynamic model by
Kissmann et al. (2018) called the Cronos model. Apart from solving the standard
MHD equations, these models may include or exclude radiative cooling, see Chapter
3.

This study will investigate some of the parameters that influence the evolution of
the astrospheric structure using the two-dimensional model discussed above. These
parameters include the simulation time, mass loss rate, ISM density, ISM magnetic
field, ISM temperature, and stellar wind (SW) outflow speed, see Chapter 4. The
compression ratio, the bow shock width, and the radius of the bow shock will be

calculated and shown as a function of simulation time.

The astrospheric structure of A Cephei is studied in Chapter 5. Observational im-
ages discussed in Baalmann et al. (2020) and the three-dimensional magnetohydro-
dynamic model simulation from Baalmann et al. (2021) of A Cephei will be shown
to show the TS, AP and BS. The three-dimensional magnetohydrodynamic model
results from Baalmann et al. (2021) are compared with that of the Pen et al. (2003)
model. The influence of the relative velocity and the impact of the ISM magnetic
field strength on the astrosphere of A\ Cephei, using the Pen et al. (2003) model, will

shown.



Chapter 2

Astrosphere

This chapter introduces the reader to the astrospheric structure and also discusses
its evolution in different interstellar conditions. An astrosphere’s evolution depends
on various factors, such as its mass, age, and activity. In addition, the density
and temperature of the surrounding interstellar medium play an important role in
determining the astrospheric structure. This chapter will briefly discuss these. One
of the most important examples of an astrosphere is the heliosphere. Analysing
heliospheric observations and theoretical insights can provide valuable insights into

astrospheric structures.

2.1 Star formation

An astrosphere’s structure and shape depend on the type of star. Generally, stars
are classified based on distinct spectral characteristics (Russell, 1914). The most
common system used to differentiate stars from the hottest to the coolest is the
Morgan-Keenan system (Morgan and Keenan, 1973), shown in Table 2.1. The
Morgan-Keenan system uses the letters O, B, A, F, G, K, and M, with the hottest
being O and the coolest being M.

Stars are formed in interstellar gas clouds that are dense, cool, and collapse under
critical pressure. After young protostellar systems are formed, the complex interplay
of various physical processes within molecular clouds, such as turbulence, conser-
vation of angular momentum, gravitational interactions, and magnetic fields. The
effects of stellar feedback can lead to relative motion among these young protostellar

systems and ultimately lead to the transition from their dense birthplaces.
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Table 2.1: The Morgan Keenan classification system using the Hertzsprung-Russell
diagram (Chaisson et al., 2005).

Class | Chromaticity | Temperature (Kelvin)
O Blue 30000

B Blue - white | 10000 - 30000

A white 7500 - 10000

F Yellow- White | 6000 - 7500

G Yellow 5200 - 6000

K Light orange | 3700 - 5200

M Orange - red | 2400 - 3700

Young protostellar systems can transition from a frigid and dense interstellar gas
environment to a hotter and less compact interstellar gas environment surrounded
by dense clouds. Moreover, they undergo significant environmental changes after
some period and exhibit more consistent but less intense winds when, for example,
entering the T-Tauring stage' (Hartmann, 2009). These winds can be of wave-like
characteristics, such as solar wind or dust-driven type or of the radiation-pressure
like of the winds emanating from bright O and B stars, Cassinelli and Lamers (1987),
Dupree and Reimers (1987) and Holzer (1989).

Furthermore, wind-driven stars, such as O and B stars, are characterised not only
by their high mass loss rates (Mg = d(Mg)/dt) but also by the specific momentum
loss, which relates to how mass and energy ejected from the star. The mass loss
rate is the rate at which a star loses mass over time. The specific mass loss rate
and the specific momentum loss influence the formation of an astropause (AP) as
plasma from the star and the local interstellar medium move in different directions
(Weaver et al., 1977). Therefore, the duration of the adaptation period (the period
before the formation of an astropause) varies among different types of stars. For
T-Tauri stars and Wolf-Rayet stars (massive evolved stars that have lost their outer
hydrogen envelopes, exposing their hot and helium-rich cores, Crowther, 2007), the
adaptation period is comparatively lengthy, lasting at least 10 000 years. On the
contrary, lower-mass stars like G-type stars, including the Sun, have less intense mass
loss and shorter adaptation periods (around 300 years). The previously mentioned
indicates that the formation of an astropause occurs relatively quickly in G stars
(Fahr and Scherer, 1995).

Moreover, when a star moves relative to its local interstellar gas environment, an as-

trospheric bubble is formed, such as runaway stars, stars ejected from their original

I T-Tauring stage is the process in which young pre-main-sequence stars are still in the process
of forming, known as T-Tauri stars (Hartmann, 2009).
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stellar groups, or binary star systems at very high velocities. These stars typically
move at fast speeds between 40 km /s to 200 km /s relative to their local environment
Blaauw (1961), Gies (1987), Hoogerwerf et al. (2001) and Perets and Subr (2012).
Due to this, a bow shock forms as they move through their local interstellar environ-
ment at supersonic speeds. The interstellar medium is swept up in front, forming
the bow shock. In contrast, stars that move at subsonic speeds show a bow wave
instead of a bow shock (McComas et al., 2012a).

It is possible for magnetic pressure, kinetic ram pressure (associated with the motion
of the plasma), and thermal pressure (related to the temperature of the plasma) to
influence the geometrical shape of these astrospheric boundaries, Fahr and Neutsch
(1983), Frisch (1993) and Fahr et al. (1986) for more details.

2.2 Heliospheric physics

One of the most well-known examples of an astrosphere is the heliosphere. The
heliosphere is formed by the interaction between the solar wind and the surrounding
interstellar medium, as described by Parker (1963). Since then, it has been the
subject of much research and study. This section will explore some background
knowledge regarding the formation of heliospherc structures, which gives a good

understanding of what is expected of other astrospheres.

2.2.1 The Sun

The Sun is a yellow dwarf star and is the closest star to Earth. The mass of the
Sun consists of 90% hydrogen, 10% helium, and trace amounts of components like
carbon, nitrogen, and oxygen, which total approximately 1% (IKivelson et al., 1995).
The structure of the Sun has six different regions, mainly the corona, chromosphere,
photosphere, convection zone, radiative zone, and core. The solar interior comprises
the core, radiative, and convection zones, with the remainder belonging to the at-
mosphere and solar surface. The interior of the Sun is unobservable. Our knowledge
of the structure of the solar interior is, therefore, based on theoretical solar models,
Kivelson et al. (1995) and Hoogerwerf et al. (2001).

The Sun exhibits an 11-year periodicity known as the solar cycle. The hypothesis

of this cycle results from interactions between the Sun’s internal dynamo, magnetic
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fields, and the differential rotation occurring within the Sun. This cycle involves
variations in solar activity, including changes in the number of sunspots, solar flares,
and the solar magnetic field (Usoskin, 2008). Sunspots are dark, cooler regions on
the Sun’s surface (Babcock, 1961), and are associated with concentrated magnetic
fields that inhibit convection, leading to reduced surface temperatures. Sunspots
often appear in pairs, with each spot having a magnetic polarity opposite its partner.
These magnetic pairs are a vital feature of sunspot groups, Solanki (2003) and Moore
and Rabin (1985).

Moreover, because the sunspot group includes a bipolar magnetic region, an active
region? (AR) is formed Munoz-Jaramillo et al. (2021) and McClintock et al. (2014).
The presence and behaviour of sunspots, including their magnetic polarities, are
described by Hale (1908). These laws state that sunspots within a given hemisphere
of the Sun have the same magnetic polarity during one solar cycle and the opposite
polarity during the next cycle. Hale’s laws provide insight into the Sun’s magnetic
reversals over time. Sunspot groups can vary in size and complexity. Each isolated
group may contain one or multiple individual sunspots, and their sizes can range

from 10 square degrees or more (Temmer et al., 2006).

The solar cycle is monitored by counting the number of sunspots on the Sun’s surface.
Figure 2.1 displays the yearly and monthly relative sunspot numbers averaged from
1944 to 2017. These numbers serve as an activity index that quantifies the level
of solar activity. The solar cycle exhibits two primary phases: solar minimum and
solar maximum. During a solar minimum, the Sun is relatively less active, and the
number of sunspots is typically small; in contrast, during a solar maximum, the Sun

is more active, and the number of sunspots is greater (Norton et al., 2023).

2.2.2 Solar wind

The solar wind is a continuous stream of charged particles, or plasma, originating
from the Sun’s outermost atmosphere, the corona. This plasma is heated to high
temperatures within the corona. When it reaches a point where the Sun’s gravita-
tional pull can no longer contain it, it is expelled into space, creating the solar wind.
The plasma in the solar wind follows the Sun’s magnetic field lines, which extend
radially outward from the Sun’s surface. Due to its plasmatic nature, the solar wind

carries the Sun’s magnetic field as it flows outward into space (Biermann, 1957).

2 Active region is a region on the solar surface where there is a higher level of magnetic activity
compared to the surrounding areas
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The monthly and yearly sunspot data from 1944 to 2017
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Figure 2.1: The number of sunspots from 1944 to 2017. The blue line
shows the monthly data, while the red dash-dot line represents the yearly

data. Data from: https://ngdc. noaa. gov/ stp/ space-weather/solar-data/
solar-indices/ sunspot-numbers/ american/ lists/ .

The Sun experiences differential rotation, meaning that different parts of the Sun’s
surface rotate at different speeds because the Sun is not a solid body but is composed

of hot, ionised gas (plasma), and its rotation is not uniform throughout (Beck, 2000).

The factors that contribute to this differential rotation are as follows:

e The Sun’s interior is not well-mixed. The transition region between the radia-
tive zone and the convective zone is called the tachocline. The tachocline is
presumed to be the region where the Sun’s differential rotation is generated.
It is a layer where the Sun’s magnetic field is generated and shaped, and it

plays a critical role in the Sun’s rotation dynamics, Balbus and Latter (2010)

and Miesch et al. (2006).

e The Sun’s magnetic field lines are generated by the motion of charged particles
(mainly protons and electrons) in its outer layers. These charged particles
are affected by the Sun’s magnetic field, which in turn is influenced by the
differential rotation. As a result, the Sun’s magnetic field lines become twisted

and stretched due to the differential rotation (Moss, 1992).

As a result of these factors, the Sun’s equatorial regions rotate faster than the


https://ngdc.noaa.gov/stp/space-weather/solar-data/solar-indices/sunspot-numbers/american/lists/
https://ngdc.noaa.gov/stp/space-weather/solar-data/solar-indices/sunspot-numbers/american/lists/
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polar regions. This differential rotation can cause the Sun’s magnetic field lines
to become twisted and form a spiral pattern above the Sun’s polar regions. Over
time, the magnetic field lines can become buoyant and rise to the surface, leading

to sunspots, solar flares, and coronal mass ejections (Solanki, 2007).

There are regions within the corona where the magnetic field lines are open or
have "gaps." These gaps create corridors for the plasma to escape from the Sun’s
gravitational pull. These regions are often associated with coronal holes, which
are lower in temperature and less dense areas in the corona. Within these open
magnetic field line regions, the high-temperature plasma is ineffectively contained
by the magnetic field. Instead, it follows the path of least resistance and streams
outwards into space. This escaping plasma, composed of charged particles (primarily
electrons and protons), is guided by the magnetic field lines and is released into space
as the solar wind, Solanki (2003) and Aschwanden (2006).

The Sun’s magnetic field and the differential rotation of the Sun, play an important
roles in shaping and controlling the solar wind. Still, the initial source of the solar
wind is the hot and highly energetic corona, Schwenn (1983), Withbroe et al. (1991),
Scherer et al. (2000) and Cranmer and Winebarger (2019).

Characteristics of the solar wind

In 1990, the Ulysses spacecraft was launched to make observations of the equatorial
and polar regions close to the Sun by completing multiple orbits around the Sun.
This was done by passing over the Sun’s south and north poles and measuring the
solar wind speed, magnetic field strength, direction and composition (Smith and
Marsden, 1995). Some of the observations from the spacecraft are shown in Figure
2.2. In Figure 2.2, panel (a) shows the Ulysses heliographic latitude in degrees with
the heliocentric distance in astronomical units showing the spacecraft’s position,
including the three fast latitude scans. Panel (b) shows the observed solar wind
plasma speed, and panel (c¢) shows the magnitude of the interplanetary magnetic
field (IMF) or heliospheric magnetic field (HMF). Ulysses made three latitude scans,
as shown in the green writing. The first and third were in a period with minimal
solar activity, and the second was in high solar activity. During these fast latitudinal

scans, the Ulysses spacecraft was between ~ 1.3 AU to ~3 AU away from the Sun.

During solar minimum periods, at latitudes of -35° to 35° (near and within the Sun’s

equator at mid-latitude), the solar wind showed that the lowest average speed was
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Figure 2.2: The Ulysses spacecraft showing the latitude and heliocentric distance in
panel (a), the solar wind plasma speed in panel (b), and the interplanetary magnetic

field or heliospheric magnetic field in panel (c¢) from 1991 to 2007. Data from:
https: // omniweb. gsfc. nasa. gov/ coho/ .

approximately 315 km /s. This was due to the enclosed magnetic loops and endpoints
at the solar surface at lower latitudes. The closed loops emanating from the Sun
lead to the formation of streamer belts. The streamer belts exhibit a perpendicular
orientation concerning the solar wind’s outflow, impeding its escape. Hence, the
emergence of the slow solar wind emanates from diminutive coronal holes and the
peripheries of more extensive coronal holes, Ofman (2004), Schwenn (2006) and
Wang (2012).

In the polar regions, however, the observed solar wind speed was faster, approxi-
mately 800 km/s, due to unobstructed field lines with a single end connected to the
Sun’s surface extending from coronal holes to the vast expanse of interstellar space.
These field lines facilitate the radial outflow and development of the fast solar wind,
Cranmer (2002) and Huang et al. (2017).

Furthermore, in the 1970s, when Skylab was in operation, it became abundantly
clear that the coronal source of the high-speed streams was the area with less bright-
ness at extreme ultraviolet (EUV) and soft X-ray wavelengths. This was called a
coronal hole (the regions where the magnetic field lines of the corona are exposed
to interplanetary space), demonstrating that the number of electrons and the tem-

perature are much lower in this area, Krieger et al. (1973) and Neupert and Pizzo


https://omniweb.gsfc.nasa.gov/coho/
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Also, Phillips et al. (1995) found that the heliosphere structure could be stretched
in the polar direction because the wind’s outward pressure is more significant over
the poles than around the equator. Figure 2.3 shows the schematic representation
of the origin of the solar wind at different latitudes with the Sun projection, polar

coronal hole projection, active region projection and slow and fast winds.

polar coronal hole projection
fast wind

\ L

slow
wind

wind

aclive region
projection

Figure 2.3: The origin of fast and slow solar wind. Image credit: htips: //
skyfallmeteorites. com/ education-research/glossary/solar-wind/.

An analytical expression can be constructed for the solar wind speed (V'), Hattingh
(1998), Langner and Potgieter (2004) and Strauss and Potgieter (2010). These
authors have included a dependence on both latitude and radial distance in the flow
speed expression of the solar wind. It is, therefore, postulated that the radial and

latitudinal variables are independent of each other and are given as follows:

V(r,0) =V (r,0)e, = V,.(r)Va(0)e,. (2.1)

As discussed in Hattingh (1998), the polar angle measured from the Sun’s north pole
is 0, the radial distance in AU is r, and e, is the unit vector in the radial direction,
Langner et al. (2006) and Scherer et al. (2011). The latitudinal dependence Vj(0)

given by Hattingh (1998) for low solar activity is assumed to be given as:

2
Vp(6) = 1.5 F 0.5 tanh (é(e —90° £ go)) . (2.2)


https://skyfallmeteorites.com/education-research/glossary/solar-wind/
https://skyfallmeteorites.com/education-research/glossary/solar-wind/
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There is no latitudinal dependence for the solar maxima, and it is assumed that:

Vp(6) = 1.0. (2.3)

Figure 2.4 illustrates the observed solar wind speeds latitude dependence given by
equations 2.2 (representing solar minima) and 2.3 (representing solar maxima). For
the model, the northern hemisphere is from 0° < 6 < 90° and the southern hemi-
sphere is from 90° < 6 < 180° with ¢ = 30°. Data from the three fast latitude scans
of the Ulysses spacecraft are shown and compared to these analytical expressions.

There is good agreement, especially for solar minimum periods, as shown.

The radial dependence of the solar wind can be assumed as follows:

V(r) =V, (1 —eap [%TQT: ’“D (2.4)

inside the termination shock, in equation 2.4, V, represents the initial solar wind
velocity, ro = 1 AU is the distance from Earth to the Sun, and ro = 0.005 AU is

the radial distance at which the solar wind is assumed to be purely radial.

A study conducted by Sheeley et al. (1997) showed that solar wind speed rose from
approximately 150 km/s in the vicinity of 5 Ry to approximately 300 km/s in the
vicinity of 25 R, while using Large Angle and Spectrometric Coronagraph (LASCO)
observations. Moreover, Esser et al. (1997) found that the solar speed could reach
a value of 750 km/s at a distance of 5 Ry with similar results found by Corti et al.
(1997). A summary of the average solar wind characteristics associated with two
fundamental types of solar wind (slow and fast) at a distance of 1 AU is shown in
Table 2.2.

Figure 2.5 shows the radial dependence within the slow and fast solar wind range
compared to Voyager 1, Voyager 2, Pioneer 10, and Pioneer 11 data. The model
takes the initial speed (V,) as 250 km/s, 400 km/s and 800 km/s. The light grey

area represents the slow speed, and the linen area corresponds to the fast speed.

As shown in Figure 2.5, there are fluctuations between slow and fast solar winds
(from 1 AU to 9 AU). However, at radial distances greater than 10 AU, most data
indicate a fast solar wind, for the solar wind detected by Pioneer 11 and Voyager 2.
The bulk of the data from the various spacecraft falls between 250 km /s to 800 km/s.

Additionally, a third form of solar wind arises from coronal mass ejections (CMEs).
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solar wind observation from the latitude scans of Ulysses

900

Solar Minimum

800+

~
o
o

)]
o
o

Plasma speed (km/s)

(8]
o
o

400

300+

first latitude scan
second latitude scan
—— third latitude scan
= = SW model

,aﬂ

_-———

/ ”m‘\'f‘\ MM |

-80 —60 —40

Figure 2.4: Solar wind speed observed as a function of latitude by the Ulysses
spacecraft. The analytical expressions for solar minimum (the blue dash line shows
equation 2.2) and mazimum (the black line shows the equation 2.3) are shown. The
Ulysses data is compared to the model for the three fast latitude scans, with the first
latitude scan indicated by an orange line, the second by a pink line, and the final
latitude scan, a green line. Data from hittps: //omniweb. gsfc. nasa. gov/ coho/ .

This kind of solar wind includes a broad spectrum of speeds, between 400 and 2000
km/s, and is frequently associated with interplanetary shocks, Hundhausen (1972)

and Schwenn (1986).

Table 2.2: Typical solar wind parameters at 1 AU during periods of low solar

activity (Scherer et al., 2000).

-20 0 20

Latitude of the S/C (degrees)

40 60 80

Parameter Slow Wind Fast Wind

Flow Speed 250-400 km/s 400 - 800 km/s
Proton Density 10.7 cm ™3 3cm 3

Proton Flux Density 3.7 x 108 cm™2 71 2.0 x 108 cm™2 571
Proton Temperature 3.4 x 10* K 2.3 x 10° K

Electron Temperature 1.3 x 10° K 1.0 x 10° K
Momentum Flux Density 2.12 x 108 dyne.cm™2 | 2.26 x 10® dyne.cm ™2
Total Energy Flux Density || 1.55 erg.cm™2.s71 1.43 erg.cm™2.s7!
Helium Content 2.5 %, variable 3.6 %, stationary
Sources Streamer Belt Coronal Holes
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Plasma speed data merged with the model
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Figure 2.5: The radial dependence of the solar wind speed inside the termina-
tion shock, using Voyager 1, Voyager 2, Pioneer 10, and Pioneer 11 data merged
with the model. The line shows the model in equation 2.4. Data from:htips:
// skyfallmeteorites. com/ education-research/ glossary/solar-wind/.

2.2.3 Heliospheric magnetic field

The solar magnetic field is entrapped in the solar wind and transported by the solar
wind into interplanetary space and is called the heliospheric magnetic field (HMF)
or interplanetary magnetic field (IMF). The simplest form was introduced by Parker
(1958), referred to as the Parker HMF. In this particular scenario, the rotational
movement of the Sun creates the HMF lines to adopt the shape of an Archimedean
spiral. These spirals are directed radially outward from the Sun’s rest frame and

stretch towards interplanetary space. The Parker HMF expression is given as:

2
B =28, (—) (e —tantey) . (2.5)
r
Here, B, is the heliospheric magnetic field magnitude, e, and e, are unit vectors in
the radial and azimuthal directions, and r,= 1 AU is the distance of Earth from the
Sun. The symbol ¢ denotes the Parker spiral angle. Tt determines the winding of

the HMF lines and is given as follows:

Q(r —rg)siné

Vsw

tan1) = (2.6)

In equation 2.6, Vgy represents the solar wind speed; generally v is 45° at the

Earth, and when r > 10 AU at the equatorial plane, it approaches 90°. Figure 2.6
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shows the HMF for three polar angles, 45° (orange), 90° (black) and 135° (green),
for a solar wind speed of 400 km/s. Lately, there have been suggestions for alterna-
tive HMF models and their modifications, as proposed by Jokipii and Kota (1989),
Moraal (1990), Smith and Bieber (1991) and Giacalone (1999), alongside a range of
commonly used HMF models, as discussed by Burger (2005).

Figure 2.6: 3D structure of Parker field lines (HMF) with the Sun in the centre.

A study by Wilcox and Ness (1965) noted from magnetic field measurements in
space that there is a pattern where the magnetic fields are organised into distinct
"sectors", alternating between inward and outward directions. This phenomenon
marked the initial identification of what is now known as the heliospheric current
sheet (HCS).

According to Smith (2001), the HCS represents the boundary between oppositely
directed magnetic field lines, typically originating as extensions of the solar magnetic
dipole, and is influenced by factors such as the dipole tilt, solar rotation, and the
outward propagation of the solar wind. Peaks and valleys form within the current
sheet because of the non-alignment of the rotation and magnetic axes. The HCS
extends across the heliosphere, reaching the farthest regions explored by Pioneer
and Voyager missions, Burlaga and Ness (1993), Smith (1989) and Smith (1990). It
effectively functions as a magnetic equator, with solar wind characteristics, including
speed, temperature, density, and composition, varying as a function of distance from
the HCS. Notably, the current sheet and sector structure persists throughout the

solar cycle, including solar maximum.
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At a distance of 1 AU, the width of the HCS measures approximately 10 000 km,
while the surrounding plasma sheet is approximately 30 times thicker, as per Smith
(2001). Zhou et al. (2005) observed the thickness of the HCS to be finite, decreasing
with the radial distance. It’s important to note that the magnetic field inside the
HCS does not simply diminish to zero and reappear in the opposite polarity. Instead,
it undergoes nearly continuous rotations between polarities. Despite theoretical
expectations that magnetic fields on opposing sides of the HCS would merge or

reconnect, there is limited evidence to support such occurrences (Hoeksema et al.,
1983).

IMF or HMF magnitude (nT)

101_

10°
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Scalar B magnitude(nT)
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Voyager 1 data
Voyager 2 data
Pioneer 10 data
Pioneer 11 data
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1IOO 161
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Figure 2.7: The observed HMF magnitude by the Voyager 1, 2 and Pioneer 10,
11. The black line shows the radial dependency (%) Data from https: // omniwebd.
g9sfc. nasa. gov/ coho/ .

Figure 2.2, panel (c), shows that the HMF magnitude at the equator is higher than
at the poles, regardless of solar activity levels. This observation suggests that the
strength of the heliospheric magnetic field varies with latitude. Radial observations
of the HMF were made by spacecraft such as the Voyager 1, Voyager 2, Pioneer 10,
and Pioneer 11 and are shown in Figure 2.7. These observations show that the HMF
magnitude at 1 AU is higher in relation to further distances from the Sun. The black
line shows that the HMF decreased as % as the spacecraft moved further from the
Sun. As the spacecraft crossed the termination shock at approximately 84 AU, there
was a slight increase in the heliospheric magnetic field magnitude. This increase is
attributed to the compression of magnetic field lines beyond the termination shock
(Zan, 1999). The observations shown in Figures 2.2 and 2.7 show the heliospheric

magnetic field variations as a function of latitude and radial distance from the Sun.
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2.2.4 Heliospheric structure

Over the past few decades, our understanding of the heliosphere, a vast region of
space dominated by the Sun’s influence, has advanced significantly. An important
moment came in 2004 when NASA’s Voyager 1 spacecraft became the first human-
made probe to venture beyond the heliospheric termination shock, reaching a stag-
gering distance of approximately 94 AU from our Sun, Stone et al. (2005, 2008)
and Decker et al. (2005). The Voyager 2 spacecraft soon followed and crossed the
termination shock in August 2007 at a helio-radius of 84 AU, Burlaga et al. (2008)
and Stone et al. (2008).

Armed with different scientific instruments, Voyagers 1 and 2 encountered different
particle populations in this post-shock region. These particles are neutral atoms,
energetic neutral atoms (ENAs), pick-up ions (PUIs), and cosmic rays, each playing
vital roles in the dynamic processes that define the heliosphere, particularly in its
outer reaches, Scherer et al. (2000) and Zank (2015).

LISM

Region 4

Figure 2.8: Schematic representation of the heliospheric boundaries. Image from
Izmodenov et al. (2003).

The heliosphere extends over ~120 AU in the direction of the Sun to the interstellar
medium (this direction is toward the nose), and, opposite to this direction, it can
extend much further toward the tail. The heliospheric environment, with the sur-
rounding local interstellar medium, can be broken into four distinct thermodynamic

regions. The zones illustrated in Figure 2.8 can be described as follows:
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e Region 1 is the supersonic wind region, which ends at the heliospheric termi-
nation shock (HTS). This zone’s conditions are relatively cool temperatures,
exceptionally high radial speed (as shown in section 2.2.2), and sparse particle

densities.

e Moving outward to Region 2, the inner heliosheath (IHS) is encountered, where
the solar wind transforms from its supersonic state to a subsonic through the
TS. Here, temperatures rise notably, particle densities increase, magnetic fields
intensify, and flow velocities decrease compared to the distant supersonic solar

winds to subsonic values.

e Region 3 is the outer heliosheath, the heliospheric pause (HP), a tangential
or contact discontinuity and the bow shock (BS). The HP is the border that
divides plasma originating from the Sun from plasma that emerged from the
interstellar medium. In HP, the density is significantly higher. However, the

plasma flow speed is relatively low.

e Region 4 marks the undisturbed ISM plasma. Due to the relative speed of the
Sun and the interstellar medium, a bow shock (BS) is found between Region
3 and Region 4 (Zank, 2015).

When the flow speed of the interstellar medium (ISM) falls within the range of 23
to 27 km/s, the presence or absence of the bow shock (BS) becomes an unresolved
question. McComas et al. (2012b) and Zieger et al. (2013) demonstrated that the
speed of the ISM could dip as low as 23 £ 0.3 km/s and 23.84 + 0.90 km/s, re-
spectively, resulting in an initial subsonic condition and was enough to argue for
the replacement of the BS with the bow wave instead. Conversely, if the interstellar
medium begins in a supersonic state, it is possible to hinder the formation of the

bow, e.g. due to magnetic pressure within the ISM, see Pogorelov et al. (2009)

An alternative viewpoint posited by Scherer and Fichtner (2014) contends that con-

sidering the He™ component of the local interstellar medium (LISM) results in both

4

Alfvén ? and fast magnetosonic * wave speeds that are lower than the flow speed of

3Alfvén waves are waves characterised by transverse magnetic tension, and they propagate
along magnetic field lines. These waves can be induced in any electrically conductive fluid that is
pervaded by a magnetic field (Finlay, C., 2007).

4Fast magnetosonic waves, alternatively referred to as fast MHD waves or fast magnetoacoustic
waves, entail compressional movement, leading to alterations in both the magnetic field and plasma
density. Their propagation can occur either parallel or obliquely to the magnetic field lines (Chu
et al., 2023).
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the LISM. Consequently, the established scenario featuring a bow shock preceding
the heliosphere remains applicable, as depicted in numerous simulations modelling

the interaction between the solar wind and the LISM.

Whether or not a bow shock exists, robust plasma interactions prevent interstellar
plasma from blending with the solar wind plasma. This separation is evident in the
contact discontinuity, illustrated as the irregular paraboloid heliopause in Figure
2.8, between the HTS and bow shocks (or waves). The heliopause is commonly
regarded as the actual boundary of the heliosphere and serves as the boundary line
between the solar wind and the ISM plasma. In this work, the astropause would be

the boundary of an astrosphere.

Heliospheric observations

Until the early 2000s, what was acknowledged regarding the region beyond the
termination shock remained largely theoretical, lacking any observational evidence
to validate models that aimed to describe this region. However, a significant turning
point occurred when Voyager 1 and 2 traversed the termination shock (TS) and
later on transitioned beyond the heliospheric pause (HP). With these two crossings,
valuable spacecraft data became available, as shown in Figure 2.9, also see Zank
(2015).

This data showed that the solar wind plasma density decreased proportionally to
r~2 inside the HTS. After the crossing, there was a slight increase in density, coin-
ciding with the deceleration of solar wind speed as it transitioned from supersonic to
subsonic at the T'S. There was also a notable increase in temperature in the subsonic

region, Richardson et al. (2008).

Voyager 1 and 2 spacecraft missions also revealed a notable geometric asymmetry
within the heliosphere, with the highest compression occurring in the southern hemi-
sphere, as demonstrated by Opher et al. (2006), who showed that the orientation
of the interstellar magnetic field may account for such an asymmetry as shown in
Figure 2.10. Also, see Pogorelov et al. (2007), who support these findings. More-
over, models by McComas et al. (2009), Pogorelov et al. (2011) and Heerikhuisen
and Pogorelov (2011) strengthened this notion by stating that the tail region of the
heliosphere might be deflected upward, further corroborating that the interstellar

magnetic field may be inclined.

Strauss (2013) used a 3D MHD model developed by Pen et al. (2003) to calculate
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Daily Voyage data merged
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Figure 2.9: The Voyager 1 and 2 spacecraft daily data as a function of distance.
Panel (a) shows the speed of the solar wind, panel (b) presents the density profile,
and panel (¢) shows the temperature profile. Voyager 1 has crossed the heliospheric

termination shock at a heliocentric distance of roughly 94 AU. Data from: https:
// omniweb. gsfc. nasa. gouv/ coho/ .

Figure 2.10: The heliospheric magnetic field strength is shown as a contour plot.
The black lines depict the interstellar magnetic field, while the paths of Voyager 1
and Voyager 2 are marked with white arrows. The heliospheric current sheet (shown

in deep blue) is bent northward within the heliosheath. Image from Opher et al.
(2006).

different radial profiles, as shown in Figure 2.11. The solid line represents a cross-
section along the axis, corresponding to the stagnation line (the symmetry y-axis),
and the dashed line corresponds to a cross-section along the z-axis, indicating the

north-south direction. The red lines depict the expected dependencies within the
pre-shock region.


https://omniweb.gsfc.nasa.gov/coho/
https://omniweb.gsfc.nasa.gov/coho/

CHAPTER 2. ASTROSPHERE 21

__10° -
3] @2
£ £ 100
5 =3
& 10° °
s 2
£ o %
= 10 £ 10p 4
@ 5 Red: Inside TS
= ] K
0 10 & Dashed: North-south
Solid: Stagnation
10° 1 ‘ '
- -400 -200 0 200 400
y/z (AU)
107 T T
/——————n
10 ar
/
. 10° P
‘= = o
L= &
= 10 © 4ps ’r !
= 2 10 L
T © ! I
" @ _ n e f
g 10 E_ 10°F |‘
L 8 ‘
T 10 e, (d) :
[ E 1 ] I
10 ¢ o : . 102 i g
-400 -200 0 200 400 -400 -200 0 200 400
y/z (AU) yiz (AU)

Figure 2.11: The figure illustrates cross-sections made along two different axes:
the y-axis (indicated by the solid line, known as the stagnation line) and the z-axis
(represented by the dashed line, termed the north-south line). The red lines depict
the expected profiles of these quantities in the supersonic solar wind. Panel (a)
displays the density profile, panel (b) shows the solar wind speed, panel (c¢) shows
the magnitude of the heliospheric magnetic field (HMF), and panel (d) shows the
temperature distribution. Within panel (c), the presence of two red lines signifies
distinct radial profiles of the HMF in both the equatorial and polar regions. Images
from Strauss (2013).

The density profiles in panel (a) exhibit an expected decrease proportional to r—2
within the termination shock (TS), followed by a compression of ~4 at the TS. A
second compression is evident at the bow shock (BS), primarily observed in the
nose direction. The profile illustrates the geometric asymmetry of the TS in the
nose direction; the TS is situated at approximately 75 AU, while in the tail region,
it extends to around 100 AU, a well-documented nose-tail asymmetry. Similarly, (in
the southern hemisphere), the TS is located at approximately 75 AU. In contrast, (in
the northern hemisphere) it extends to roughly 100 AU, reflecting the north-south
asymmetry initially discovered by the Voyagers spacecraft. The compression of the
magnetic field coincides with the solar wind speed change. A more detailed analysis
of the heliospheric structure is provided by Zank (2015). Note that the computed
density, speed, and magnetic field were in good agreement with the result of the

Voyager 2 spacecraft.
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Astrospheric structure

Scherer et al. (2015a) discussed a possible and expected astrospheric structure (as
shown in Figure 2.12) similar to the heliosphere, as shown in Figure 2.10. The
uniform interstellar medium (ISM) originates from the left, and the cylindrical sym-
metry is due to a single preferential direction aligned with the horizontal axis passing
through the star. The key features in this configuration are the termination shock
(TS), astropause (AP), and bow shock (BS). Analogous to the heliosphere, the re-
gion between TS and BS is the inner astrosheath (IAS), while the region between
BS and AP is the outer astrosheath (OAS). TAS is characterised by incompressible
and subsonic flow. The AP is a boundary layer that separates the stellar wind from
the ISM, marked by a tangential discontinuity with no mass transport. Thermal
pressures from the stellar wind and ISM are in equilibrium at the AP’s shock front.
The BS arises from the astrosphere expanding into the ISM, resulting from super-
sonic relative motion between the ISM and the star. The existence of a bow shock
only requires supersonic relative motion, regardless of whether the star or the ISM

exhibits supersonic motion, Scherer et al. (2016a,b).

upwind downwind

SN,

TD

Figure 2.12: The astrospheric structure schematic for a generic star, showing the
TS, AP and BS boundary regions. Image from Scherer et al. (2015a).

Like the heliosphere, stars possess magnetic fields carried by and integrated into
the stellar wind (SW). The SW continuously carries the stellar magnetic field into
the astrosphere, creating the astrospheric magnetic field (AMF), Parker (1958) and
Owens and Forsyth (2013). In cases where the ISM magnetic field deviates from
alignment with the ISM inflow vector, the astrosphere exhibits asymmetry, necessi-
tating a comprehensive 3D magnetohydrodynamic model, as shown by Opher et al.
(2006). However, if the ISM magnetic field aligns with the flow vector and the in-

fluence of the stellar wind magnetic field is minimal (or both fields are negligible,
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as in a hydrodynamical scenario), a simplified 2D axisymmetric model in a single

half-plane suffices, as used in chapter 5, see also Baranov and Zaitsev (1995).

2.3 Summary

This chapter briefly discussed some necessary background to understand the intricate
structure of an astrosphere. The discussion starts with star formation and various
star types, as classified by the Morgan Keenan system. To illustrate the formation of
an astropause and bow shock (with particular emphasis on runaway stars), attention
was focused on O- and B-type stars, which possess the highest potential for a bow
shock due to their elevated relative speeds through the interstellar medium (ISM).

Model simulations of such a star are shown in Chapter 5

Furthermore, observations of the main characteristics of the heliosphere, including
solar wind plasma speed, the heliospheric magnetic field (HMF), and the interstellar
medium (ISM) were examined. As shown, there are three distinct heliospheric re-
gions: the heliospheric termination shock (HTS), the heliospheric pause (HP), and
the possible bow shock or bow wave, and, discussed in the context of model and
data collected from missions such as Ulysses, Voyager 1, Voyager 2, Pioneer 10 and
Pioneer 11, all of which have significantly contributed to the enhancement of our

comprehension of the factors influencing the evolution of astrospheric structures.

A schematic representation shown in Figure 2.12 by Scherer et al. (2015a), presented
a generic astrosphere and the different boundaries: the termination shock (T'S), the
astropause (AP), and the bow shock (BS).
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Astrospheric Modelling

3.1 Introduction

This chapter introduces the reader to the astrospheric models used in this work.
The models include the two-dimensional model of Fahr and Kausch (2000), Scherer
and Ferreira (2005) and Ferreira and de Jager (2008), the three-dimensional mag-
netohydrodynamic (MHD) model of Pen et al. (2003), and the three-dimensional
magnetohydrodynamic model of Kissmann et al. (2018) called the Cronos model.
These models use the MHD equations to describe the behaviour of magnetised flu-
ids (plasma) within astrospheres. Choudhuri (1998) and Sébastien (2016) give the
MHD equations as follows:

dp ,
-r . = 1
5 TV (p0) =0, (3.1)
L (*®*+P*I—i§®§)—o (3.2)
ot pree 47 - '
Oe o 5
% +V-[(e+ P*)v —WB(B 0] = —nengA(T), (3.3)
%—lerVx(éxU): : (3.4)
V-B=0. (3.5)
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Where the bulk velocity is v, the density is p, the magnetic field is represented by
g, the unit matrix is represented by I, and ® is the dyadic product. The pressure
is given by P* = P + E/SW, and the total energy is given by:

plt? P B?
. 3.6
2 + v—1 * 8T (36)

e =

Here ~ is the adiabatic index, combined with the induction equation and the re-
striction that the magnetic field be divergence-free. The equations represent the
conservation of mass, momentum, and energy. The pressure expression P* refers
to the ISM’s overall pressure, consisting of gas pressure (P) and magnetic pressure
(B2/8n ). The radiative cooling is included and given by the expression —nngA(T),
where n, is the electron density and ng is the proton density. The cooling efficiency
is given by A(T) (Dalgarno and McCray, 1972).

3.2 Two-dimensional MHD model

The first model used in this work will be an extension of the hydrodynamic model by
Fahr and Kausch (2000). This model was first applied to calculate the interaction
between different fluids in the solar system and the interstellar medium to form a
heliosphere. Later, Scherer and Ferreira (2005) used this model to calculate the
plasmatic background of the heliospheric environment. From this calculation, the
relevant input parameters for a transport model were determined to simulate cosmic
ray particles’ transport and acceleration within dynamic heliospheric conditions.
Also, Ferreira and de Jager (2008) used this model to simulate supernova remnants
(SNR) evolution throughout a non-uniform interstellar medium and extended the
original hydrodynamic model to include the magnetic field. By doing this, they
showed that when the forward shock of a supernova remnant transitions into a
medium with a different density, a reflection wave is generated at the interface
between the two media and subsequently influences the retention time of the reverse
shock of an SNR to the origin shock.

Recently, Light et al. (2022) used this model to simulate the astrospheric structures
surrounding luminous blue variable stars (LBV), which are massive O-type stars
that show variable outflow parameters and include radiative cooling effects. Their
research showed how dynamic changes in the stellar outflow parameters, particu-

larly during eruptions, result in termination shock oscillation. These oscillations, or
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eruptions, are then damped in the subsonic post-shock region.
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Figure 3.1: A computed astrospheric density profile after 200000 years of simula-
tion time, using the standard parameters given in Table 3.1. The TS, AP, BS, and
the two astrosheath (IAS and OAS) areas are shown.

Figure 3.1 shows a computed astrospheric structure using the standard parameters
given in Table 3.1. The black line represents the computed density profile, and
the blue dashed line shows the computed stellar wind outflow speed. The stellar
wind density decreases from 5.2x 1072 g.cm™3 to 4.1x 10727 g.cm~3 from the inner
boundary to the termination shock. The location of the TS is at ~1.54 pc, and the
AP is at ~6.55 pc. The latter is created when the stellar wind ram pressure balances
the ISM pressure. At the TS, the density increases (from 4.1x 1072" g.cm™ to 1.8
1072 g.cm™3), leading to a compression ratio of ~4, and the stellar wind speed
decreases from 1400 km/s to 350 km/s as it decreases from supersonic to subsonic
values. The inner astrosheath region is between ~1.54 pc and ~6.55 pc. The density
increases in the AP until it reaches the outer astrosheath region. The bow shock is
located at ~6.85 PC.

Table 3.1: Standard parameters assumed in the model.

Parameters Standard values

Mass loss rate 2 x107°% M, /year
SW Outflow speed | 1500 km/s

ISM density 1.6726 x10723 g.cm™3
ISM temperature 1000 K

ISM magnetic field | 3 uG

The temperature profile of the astrosphere is shown in Figure 3.2 and is calculated

from the pressure using the ideal gas law. The parameters are the same as in Figure
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3.1. The thermal energy of the plasma decreases up to the termination shock.
At the termination shock, the temperature increases as the kinetic energy from
stellar matter (stellar wind) is converted to thermal energy, thereby increasing the
temperature of the IAS. At the AP, the thermal pressure of the stellar wind and the
ISM on opposite sides are equal. Beyond the bow shock, the temperature drops to

the interstellar medium temperature.
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Figure 3.2: The computed temperature profile after 200000 years of simulation
time, assuming the standard parameters given in Table 3.1.

At the astropause (AP), a state of thermal equilibrium prevails, with the thermal
pressures exerted by the stellar wind and the interstellar medium (ISM) on opposing
sides achieving equilibrium. Beyond the bow shock, the temperature decreases to

that of the surrounding interstellar medium.

3.3 Radiative cooling

This section discusses the effect of radiative cooling on the evolution of an astro-
spheric structure (Dalgarno and McCray, 1972). Radiative cooling occurs by ionis-
ing and exciting atoms, ions and molecules, causing energy loss through radiation
emission and is thus dependent upon the gas’s composition. Collisional processes
transform the thermal kinetic energy of the gas into radiation. Hence, an ion, atom,
or molecule will be excited by collisional events and consequently acquire energy

until it is emitted as a photon. Furthermore, in this case, a photon can exit the
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environment if it is assumed to be optically thin, eliminating the energy obtained
and lowering the total thermal kinetic energy of the environment, as discussed in

Dyson and Williams (1997). The equation below illustrates how the process occurs:

A+ B A+ B,

when particle A collides with particle B, causing B to become energised. After a

while, this leads to:

B* — B+ hu. (3.7)

Hence, hv denotes the energy of the photon released from the collision. Radiative
cooling, as mentioned in van Marle and Keppens (2011), is essential for simulations.
The addition of radiative cooling in the MHD models leads to a decrease in thermal
energy as a result of energy loss due to radiation. As high-thermal-pressure areas
cool, the gas transitions from adiabatic to isothermal behaviour. The second effect
is the generation of radiative cooling instabilities because the cooling is temperature
or density-dependent. If the instability is caused by density-dependent cooling,
the high-density zones will lose more energy than the rest of the environment. As
a result of the energy loss, the high-density area has a lower temperature, which
results in lower local pressure. These areas are compressed due to the decrease in
local pressure, increasing the density and thus accelerating the cooling rate, which

then repeats the process.

Figure 3.3 illustrates the comparison between two cooling functions proposed by
Mellema and Lundqvist (2002) and Schure et al. (2009), showing their temperature
dependencies. There are notable differences within the temperature range from 10*
K to 10° K, with the cooling functions differing by a factor of ~2. It is worth noting
that the cooling function introduced by Schure et al. (2009) is only defined for
temperatures beyond 10* K. In contrast, the cooling function proposed by Mellema

and Lundqvist (2002) applies to temperatures as low as 10? K.

Light et al. (2022) showed the effects of the cooling function of Mellema and Lundqvist
(2002) on astrospheric evolution. Figure 3.4 shows the computed density profile after
300000 years of simulation time with the parameters as given in Table 3.2. Includ-
ing the cooling function in the model increased the bow shock compression ratio

during its initial expansion phase. Additionally, it gave rise to the formation of a
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10_21 E

1022 =+

32 10—23 __

m ]
-
v
o

Q 10—24 +

= ]

10—25 -+

10726 =

] —— Mellema & Lundqvist (2002)
Schure et al. (2009)
10 10° 104 10° 10° 107 108

Temperature (K)

Figure 3.3: Two cooling functions as a function of temperature. The blue line
corresponds to the cooling function of Mellema and Lundquist (2002), while the
dashed orange line represents the cooling function of Schure et al. (2009). Image
from Light et al. (2022).

thin, dense shell in the outer astrosphere. Cooling had a negligible effect within the
astrosphere, however, because of the astrosphere’s low stellar density, particularly
at the termination shock, its impact was proportional to the square of the density.
After the cooling had stopped, the thin outer shell expanded once again. The cool-
ing of the thin outer shell resulted in a reduction of thermal pressure, leading to a
smaller astrosphere size. Considering the cooling effects, the bow shock moved from

approximately 17.7 pc, in the absence of cooling, to roughly 16.8 pc.

It is important to note that other cooling functions exist, including those proposed
by Cowie et al. (1981), Sutherland and Dopita (1993), Lykins et al. (2013) and Gnat
and Ferland (2012), among others. The cooling function implemented for the 2D
MHD model in this study was taken from Mellema and Lundqvist (2002).
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Table 3.2: The parameters used in the Light et al. (2022) simulation.

Parameters Standard values
Inner boundary 0.03 pc

Mass loss rate 2.88 x107% M, /year
stellar wind speed | 1000 km /s

ISM density 1 particle.cm™3

ISM temperature | 9 x 10 K

ISM magnetic field | 3 uG

3.4 The three-dimensional MHD model

The second model used in this study is the 3D MHD model by Pen et al. (2003). Re-
sults from this model are shown in Chapter 5. The model solves the MHD equations,
utilising a flux-conservative approach, using a second-order total variation dimin-
ishing (TVD) scheme, as proposed by Jin and Xin (1995). The MHD equations
were solved on a three-dimensional Cartesian grid. The simulation offers several ad-
vantages, including high resolution per grid cell, second-order spatial and temporal

accuracy, minimal memory requirements, speed, simplicity, and precise enforcement
of the V- B =0 (Evans and Hawley, 1988).

The model was used by Strauss (2013) to simulate the heliospheric structure. Figure
3.5 (from Strauss (2013)) shows the computed heliosphere in terms of density in
panel (a), plasma speed in panel (b), the magnitude of the heliospheric magnetic
field in panel (c), and temperature in panel (d) all in the meridian plane of the
heliosphere. The Voyager 1 and 2 spacecraft trajectories were also projected onto
the same plane. The interstellar flow is directed toward the left. The computed
TS were encountered at ~ 80 AU in the equatorial plane. The computed plasma
speed shown in panel (b) shows that the solar wind went from supersonic to subsonic.
Afterwards, the inner heliosheath temperature increased, as shown in panel (d). The
panel also shows a decrease in temperature after passing the heliopause at ~115. A
bow shock is also shown at ~ 200 AU. In panel (c), the impact of HMF magnitude
also shows the a asymmetry similar to that of Opher et al. (2006). Note the model

does not include radiative cooling.

Most recently, the model has been used by Marais (2023) to determine the effects of
different grid sizes on the astrospheric simulations. The results are shown in Figure
3.6. These results showed that the profiles became smoother when the grid size
increased. For example, in the density profile computed in panel (d), the termination

shock and the bow shock for a smaller grid were farther outward and less smooth.
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Figure 3.4: The computed density profile for a pure hydrodynamical case shows
the difference between an astrosphere, with and without radiative cooling and also
for two different simulation times. Image from Light et al. (2022).

As a result, the inner and outer astrosheath sizes increased slightly in small grid

sizes, with the largest difference occurring in scenarios (a) and (c).

3.5 The Cronos model

In Chapter 5, A Cephei results from the Pen et al. (2003) model will be shown and
compared to those in Baalmann et al. (2020, 2021) who used the Cronos model.
The Cronos model was developed by Kissmann et al. (2018) and can solve hydro-
dynamical and magnetohydrodynamical situations. The model currently supports
Cartesian, spherical, and cylindrical coordinates. The model utilises a finite-volume
representation and provides various approximate Riemann solvers that are dynami-
cally selected. Note that the current model uses the cooling function of Schure et al.
(2009).
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Figure 3.5: The computed heliospheric environment in terms of density in panel
(a), plasma speed in panel (b), HMF magnitude in panel (c), and temperature in
panel (d). Images from Strauss (2013).

Herbst et al. (2020) used the model to study M-stars, focusing explicitly on V374
Peg, Proxima Centauri, and LHS 1140. These particular stars were selected due
to their different astrospheric characteristics, aiming to demonstrate that V374 Peg
possesses a considerably larger astrosphere than our Sun. In contrast, Proxima
Centauri and LHS 1140 likely have astrospheres comparable to or even smaller than

our heliosphere, respectively, Herbst et al. (2022) and Scherer et al. (2015b).

In Herbst et al. (2022), the Cronos model was used to simulate the heliospheric
structure to assess its suitability for modelling cooler stars. Figure 3.7 illustrates
the computed heliospheric densities along the inflow line in panel (a). The figure
indicates the termination shock and heliospheric pause as dashed lines. Note that
the bow shock was absent around the heliosphere. The absence of a bow shock
suggests that the plasma flow speed did not exceed the fast magnetosonic speed, as

discussed in Scherer and Fichtner (2014).
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Moving to panel (b), the model shows the density profile (in black line) and tem-
perature (in red line) along the stagnation line. Additionally, panel (¢) shows the
speed (black line) and magnetic field values (red line) as functions of heliospheric
distance along the stagnation line. The TS was situated upwind at 92 AU and the
HP at 125 AU. The model’s results compared to the observations of the Voyager 2
spacecraft were in good agreement. See Chapter 2 and Richardson et al. (2022) for

the Voyager 2 spacecraft observation.

Astrosphere at different grid sizes
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Figure 3.6: Computed astrosphere for different grid sizes. Scenario (a) has Az =
Ay = ANz = 10 pc/350, scenario (b) has Az = Ay = Az = 20 pc/350, and scenario
(c) has Az = Ay = Az = 30 pc/350. Panel (a) corresponds to scenario (a), panel
(b) corresponds to scenario (b), panel (c) corresponds to scenario (¢), and panel (d)
shows the compared density profiles as a function of radial distance for the different
grid size scenarios. Images from Marais (2023).
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Figure 3.7: The computed heliospheric environment in terms of density in panel
(a), the line of sight for density and temperature in panel (b), HMF magnitude and
the plasma speed in panel (c). The interstellar medium is flowing from the right-
hand side. The position of the heliospheric pause and the termination shock are
shown. Images from: Herbst et al. (2022).

3.6 Summary and Conclusions

This chapter introduced the reader to the two-dimensional model of Fahr and Kausch
(2000), Scherer and Ferreira (2005) and Ferreira and de Jager (2008), the three-
dimensional magnetohydrodynamical model developed by Pen et al. (2003) and the
Cronos model by Kissmann et al. (2018). The first two models will be used in this
work, with the Cronos model results of A Cephie being compared to simulations
in Chapter 5. The cooling function proposed by Mellema and Lundqvist (2002) is
included in the two-dimensional model. In the Cronos model, the cooling function
of Schure et al. (2009) is used. For now, the Pen et al. (2003) 3D MHD model does

not include radiative cooling.

Radiative cooling causes energy loss through radiation emission, primarily affecting
the outer astrosheath. As shown in Figure 3.4, a thin, dense shell with a high
compression ratio is formed. However, after cooling, the thin outer shell expands

again at a later simulation time.

The 3D MHD model of Pen et al. (2003) was used by Strauss (2013) for heliospheric
simulations shown in Figure 3.5. The results showed the computed density, solar
wind flow speed, HMF magnitude and temperature. The computed HMF magnitude
showed similar results as that of Opher et al. (2006). Most recently, Marais (2023)
showed that the 3D MHD model by Pen et al. (2003) is influenced by the different
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grid sizes, with the profiles becoming smoother when the grid size increases. Note

that this model does not yet include radiative cooling.

The Cronos Model is used to simulate the heliospheric structure, as shown in Figure
3.7, and it showed that the TS is located at 92 AU and the HP at 125 AU. These
results were in good agreement with that of the Voyager 2 spacecraft data, see
Richardson et al. (2022). This model will be used in Chapter 5 to compare the 3D
MHD model of Pen et al. (2003) with the results of Baalmann et al. (2020, 2021).



Chapter 4

The effects of different parameters on

astrospheric evolution.

4.1 Introduction

In this chapter, the two-dimensional model described in chapter 3 will be used
to study the effects of various parameters’ on astrospheric evolution. This will
be accomplished by comparing the results from each changing parameter with the
standard parameters given in Table 4.1. This will be done systematically, with
one parameter changed at a time while the others keep their standard values. The
parameters include the simulation time, mass loss rate, ISM density, ISM magnetic
field, ISM temperature, and stellar wind (SW) outflow speed.

Table 4.1: Standard parameters assumed in the model.

Parameters Standard values

Mass loss rate 2 x107°% M, /year
Outflow speed 1500 km /s

ISM density 1.6726 x10723 g.cm™
ISM temperature 1000 K

ISM magnetic field | 3 uG

36
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4.2 Astrospheric evolution structure at different sim-

ulation times.

In this section, the astrospheric structure at different simulation times were pre-
sented. Figure 4.1 shows the computed density profile for different simulation times
when including radiative cooling in the model. The red dotted line shows the model
simulation after 50000 years of simulation time, the blue dash-dotted line corre-
sponds to 100000 years, the yellow dashed line corresponds to a simulation time

of 150000 years, and the green line corresponds to a simulation time after 200000
years.

As shown in Figure 4.1, the astrosphere expands as time progresses, increasing the
size of IAS and OAS. For example, the [AS size increased by ~3.7 pc when comparing
the density profile at 50000 years with the same at a simulation time of 200000 years.
Earlier simulation times, such as 50000 years, show a thin, high-density area closer to
the TAS that is 0.3 pc in width, due to radiative cooling removing the thermal energy
in the region. However, as the simulation time increases, this feature disappears, as
can be seen by the two density peaks shown at 100000 years. As time increases, the

density distribution changes to the classic non-cooling result.

Standard model at different simulation times
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—— simulation time of 200 000 years

. \ i ——- simulation time of 100 000 years
10 N\ simulation time of 150 000 years

--------- simulation time of 50 000 years
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Distance (pc)
Figure 4.1: The computed density profile corresponding to different simulation

times for standard parameters, including radiative cooling and its effect, is visible at
early stmulation times, as listed in Table 4.1.
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4.3 Effects of different mass-loss rates on astrospheric

evolution.

This section discusses the effects of different mass-loss rates on the structure of
the astrosphere as it evolves. The density conversion (as needed in the model) is

calculated by assuming the following continuity equation:

M

Amor?’

p (4.1)
The radius, represented by r, is assumed to be the inner boundary of the model at
0.0032 pc. The speed is represented by v, and M represents the star mass loss rate.
The relationship between the stellar wind ram pressure and the mass loss rate is
given by:

1
Pom = 5;)1)2. (4.2)

This equation shows that the stellar-wind-ram pressure is directly proportional to the
stellar-wind density. Figure 4.2 shows the result of Light (2020), wherein the vary-
ing density profiles were computed after 200000 years. The changes in the mass loss
rate led to different densities at the inner boundary, for example, of 1 particles.cm ™3
(the blue dotted line), 10 particles.cm™ (solid orange line), 20 particles.cm™ (green
dashed line), and 100 particles.cm™ (red dash-dotted line), respectively, using equa-

tion 4.1.

Note that a change in the mass loss rate directly affects the ram pressure of the stellar
wind, as shown by equation 4.2. An increase in the mass loss rate will increase the
ram pressure, thereby causing the distance between the inner boundary, termination
shock, astropause, and bow shock to increase, as shown in Figure 4.2. A high mass
loss rate results in a later cooling period. Also, cooling occurs earlier for a smaller
mass loss rate and has already occurred for the small mass loss rate shown in Figure
4.2.
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Table 4.2: The parameters used in the model illustrate the effect of the mass loss
rate on a computed astrosphere, Light (2020).

Parameters Values
Simulation time 200000 years
Outflow speed 1000 km/s
ISM density 1 particle.cm™3
ISM temperature 1000 K

ISM magnetic field | 3 G

Different mass loss rates after 200000 years
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Figure 4.2: The computed density profile for different mass loss rates. The changes
in the mass-loss influence the stellar wind density is as follows: the blue dot line is for
~1 particle.cm™3, the solid orange line is for ~10 particles.cm™2, the green dashed
line is for ~20 particles.cm™3, the red dash-dotted line is for ~100 particles.cm™>
at the inner boundary. Image from Light (2020).
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4.4 Effect of the stellar wind outflow speed on the

astrospheric evolution

This section discusses the effect of the stellar wind outflow speed on astrospheric
evolution utilising the 2D MHD model. Figure 4.3 shows the computed density
profile (panel (a)), stellar wind outflow speed profile (panel (b)), temperature profile
(panel (c)), compression ratio (panel (d)), bow shock radius (panel (e)), and width
of the bow shock (panel (f)) for different stellar wind (SW) outflow speeds when
including radiative cooling. The solid black lines represent the standard model
parameters, as given in Table 4.1. For this figure, the green dotted lines represent the
model simulation corresponding to the outflow speed of 1200 km /s, and the orange
dashed lines correspond to the outflow speed of 1800 km/s. All other parameters

are given in Table 4.1.

The computed density profile in panel (a) is after 200000 years of simulation time.
As already stated, different computed outflow speed scenarios are compared. The
panel shows that for slower outflow speeds, the astrosphere size decreases; hence,
the position of the termination shock, the astropause, and the bow shock is close to
the inner boundary. The stellar wind travels further for the highest outflow speed,
leading to a larger astrosphere. Also, note that cooling occurs late because of the
high outflow speed scenario. For this scenario, a thin, high-dense area is visible near
the astropause; for the remaining options, cooling has already taken place, and the

thin shell is relaxed.

The computed outflow speed profile in panel (b) shows a decrease of a factor of ~ 4
in speeds at the termination shock for all the scenarios during the speed transitions
from supersonic to subsonic. Afterwards, the outflow speed gradually declines for

all scenarios until the interstellar medium flows.

The temperature profile shown in panel (c) is again at 200000 years of simulation
time. The figure shows that from 0 to ~ 1.5 pc, the temperature decreases for all
outflow speed scenarios until the termination shock. After the termination shock,
the temperature increases with the lower SW outflow speed having the lowest tem-
peratures, compared to the high-speed scenarios due to the large kinetic energy,
which converts to thermal energy. Furthermore, a cool astrosheath is visible close to
the bow shock for the high outflow speed scenario due to the late cooling compared

to the other scenarios.
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Figure 4.3
speeds.

sion ratio (panel (e)), and bow shock width (panel (f)). Three different SW outflow

speeds are shown: 1800 km/s (dashed orange line), 1500 km/s (solid black line) and

1200 km/s (green dotted line).
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Panel (e) shows the compression ratio as a function of the simulation time. Visible
here are the effects of cooling, where the compression is much larger compared to
pure hydrodynamic shocks, where the compression ratio is expected to be ~4. After
~75000 years or so, radiative cooling no longer influences the simulations and the
value of ~4 is reached. However, between 0 and ~ 53000 years, the compression ratio
for all scenarios is much higher than 4, with the higher SW outflow speed having
a maximum compression ratio of ~24. For a lower outflow speed, the bow shock
becomes less compressed than the other scenarios in its earliest years. Note that in
higher SW outflow speed scenarios, e.g. 1500 km/s and 1800 km /s, the compression
ratio is much larger, with the highest difference between 1200 km/s and 1800 km/s
being ~7.

The bow shock distance (radius) as a function of simulation time for all the scenarios
is shown in panel (d). The BS radius increases for all the scenarios as a function
of time, with the highest outflow speed resulting in the largest BS radius. The
expansion of the bow shock is directly proportional to the outflow speed. Panel
(f) shows the width of the bow shock as a function of the simulation time for the
different scenarios again. The BS width increase is initially faster up to ~75000
years, for a lower outflow speed, whereafter it stays constant and then increases
later. For high outflow speeds, the opposite occurs. The width first increases slowly

compared to other scenarios up to ~75000 years, and thereafter, it increases fast.

4.5 Effects of different ISM densities on astrospheric

evolution

This section shows the effect of different ISM densities on astrospheric evolution.
With radiative cooling included, the model results corresponding to three ISM den-
sities are shown in Figure 4.4. The density profile (panel (a)), compression ratio as
a function of simulation time (panel (b)), bow shock radius as a function of simula-
tion time (panel (c)) and bow shock width (panel (d)) are shown. Apart from the
different ISM densities, the parameters used in the model are given in Table 4.1.
The computed ISM density scenarios are as follows: The solid black line shows the
standard ISM density, the red lines show the ISM density of 8.3631 x10723 g.cm™3,
and the blue lines show the ISM density of 1.6726 x1072? g.cm~3.

The density profiles in panel (a) show that the astrosphere size is smaller for a high
ISM density. The TAS regions shrink in size, with the largest difference in the TAS



43

CHAPTER 4. PARAMETER STUDY

Density (g.cm™3)

10-21 Different densities after 200 000 years
(@) _.N.\_m...““...“H“HHHHHHHHHHHHHHH
10723 ! [ :
| —— ISM density of 1.6726 x10723 g.cm™3
_“ ........ ISM density of 1.6726 x1072%2 g.cm™3
___ ---- ISM density of 8.3631 x10723 g.cm™3
107251 “
0.0 25 50 7.5 100 125 150 17.5 20.0

Distance (pc)

The bow shock distance of different densities

()]

Distance (pc)
e

—— ISM density of 1.6726 x10723 g.cm™3
—— ISM density of 8.3631 x10723 g.cm™3

—— ISM density of 1.6726 x10722 g.cm~3

(c)

75 100
Years (103)

125 150 175 200

The compression ratio of different densities

20+ —— ISM density = 1.6726 x10723 g.cm™3
.m —— ISM density = 8.3631 x10723 g.cm~3
< 15 —— ISM density = 1.6726 x10722 g.cm™3
5
a
0 10+ (b)
a
€
o
O 5

0 25 50 75 100 125 150 175 200

Years (103)
The bow shock width vs time of different densities

1.0 .
—— ISM density of 1.6726 x10723 g.cm™3

0.84 — ISMdensity of 8.3631 x1072% g.cm™3
\m/. —— ISM density of 1.6726 x10722_g.cm™3
0.6
O
5 (d)
% 0.4
o

0.21

75 100
Years (103)

125 150 175 200

The astrosphere structure for three different ISM densities when all

the other parameters are the standard values shown in Table 4.1. The density profile

Figure 4.4

is shown in panel (a), the compression ratio is shown in panel (b), the bow shock
radius as a function of simulation time is shown in panel (c¢), and the bow shock

width as a function of simulation time is shown in panel (d).
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occurring between the ISM density of 1.6726 x10723 g.cm™3 and 1.6726 x1022
g.cm ™3, showing a decrease in size by ~2.3 pc. For a higher ISM pressure, the size

of the astrosphere reduced, increasing the post-shock density of the stellar wind.

The compression ratio as a function of the simulation time is shown in panel (b).
The higher the ISM density, the lower the compression ratio in the first ~50000
years due to cooling. For example, the maximum compression ratio between the
ISM density of 1.6726 x1072% g.cm ™2 and 1.6726 x10722 g.cm ™2 has a difference of
~45.64%. Furthermore, the larger the ISM density, the sooner cooling occurs, and

the compression is reduced to the standard hydrodynamic value.

Panel (c¢) shows the bow shock’s radius as a function of simulation time. As ex-
pected, the radius is much smaller for a higher ISM density. In panel (d), the width
of the bow shock as a function of simulation time shows an increase in width as sim-
ulation time progresses. However, the rate of this increase varies across the scenarios
corresponding to different interstellar medium densities. There is a slower rate of
increase during the early stages for scenarios with a lower ISM density, which is

higher at later stages, in contrast to those with a higher ISM density.

4.6 Effect of the interstellar magnetic field on the

astrospheric evolution

This section studies the ISM magnetic field’s effects on the astrosphere’s evolution.
Magnetic fields play an integral part in the interstellar medium, and their magnitude
may vary based on the environmental circumstances (Beck, 2009). As a result,
during the expansion of the stellar wind into the interstellar medium, the stellar wind
ram pressure interacts with the interstellar pressures, notably the thermal pressure
(if the ISM is hot), constraining the expansion. If an interstellar magnetic field is
present, it introduces a third pressure known as the ISM magnetic pressure, which,
depending on its strength, can potentially impact the morphology of the astrosphere.
Additionally, if the magnetic field lines embedded in the ISM are initially pushed
outward by the wind, then in the shocked outer shell, these magnetic field lines
are forced together, increasing magnetic pressure. However, the increased magnetic
pressure is insufficient to prevent the star wind from expanding (van Marle et al.,

2015), but may affect the compression and cooling.

Figure 4.5 shows the effects of the ISM magnetic field on the model solutions when
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Figure 4.5

The solid lines correspond to the different ISM densities with

ISM magnetic fields.

an ISM magnetic field of 3uG. The dashed line corresponds to the different ISM
densities with an ISM magnetic field of 61 G. Panel (a) corresponds to the density

profile, panel (b) is the compression ratio as a function of simulation time, panel (c)
is the bow shock radius as a function of simulation time, and panel (d) is the bow

shock width.
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Table 4.3: Parameters changed in the model.

Parameters Values

Simulation time 200000 years

ISM density 1.6726 x10723 g.cm ™3
ISM density 8.3631 x107% g.cm™3
ISM density 1.6726 x107%2 g.cm™3

ISM temperature | 1000 K
ISM magnetic field | 3 pG
ISM magnetic field | 6 G

the field strength is changed from 3 uG (as in the previous figure) to 6 pG. The
density profile (panel (a)), compression ratio as a function of simulation time (panel
(b)), bow shock radius as a function of time (panel (¢)) and the bow shock width
as a function of simulation time (panel (d)) are again shown. The inner boundary
remains at 0.0032 pc, and the parameters changed in the model are given in Table
4.3. The solid lines represent different ISM densities, having an ISM magnetic field
of 3 uG. The dashed lines show the same ISM densities, but with the ISM magnetic
field increased to 6 uG.

Panel (a) shows the computed density profiles after 200000 years of simulation time.
The astrosheath size remains unchanged for the high ISM density, irrespective of
the magnetic field value. For the lowest ISM density scenario, the size of the outer
astrosheath increases when the magnetic field increases. There is a slight increase

in the bow shock width with a difference of ~0.01 pc computed.

Panel (b) shows the compression ratio as a function of the simulation time. When a
high interstellar medium magnetic field is present, the maximum compression ratio
decreases for all scenarios shown. For instance, in this scenario, for an ISM density
of 1.6726 x10723 g.cm ™2, the ratio in compression between a low ISM magnetic field
and a high ISM magnetic field is 0.81 in this scenario. As the ISM density increases,

the difference between the two magnetic-field scenarios becomes less.

Panel (c) shows the bow shock radius as a function of the simulation time for the
three different ISM densities and different ISM magnetic fields. As expected, the
magnetic field magnitude is only important for the lowest ISM density scenario. At
high ISM densities, this effect is not visible.

Panel (d) shows the bow shock’s width as a function of simulation time. As the
interstellar medium magnetic field strength increases, the width of the bow shock
also increases due to the added pressure. This effect is particularly pronounced in

scenarios with a low ISM density. It is worth noting that this effect is not as evident
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in high ISM density scenarios. Note that due to the limitation of the 2D model, the
ISM magnetic field was assumed to be azimuthal everywhere azimuthal causing the

field to be perpendicular to the direction of the outflow.

4.7 The effects of different ISM temperatures on as-

trospheric evolution

This section discusses the effect of different ISM temperatures on astrospheric evo-
lution. The ISM temperature in the model increased from 1000 K to 10000 K in
the model. The density profile (panel (a)), compression ratio as a function of sim-
ulation time (panel (b)), bow shock radius as a function of time (panel (¢)) and
the bow shock width as a function of simulation time (panel (d)) are shown. The
inner boundary remains at 0.0032 pc, and other parameter changes in the model are
shown in Table 4.4. All solid lines shown in Figure 4.6 have an ISM temperature of
10® K, and the dashed lines have an ISM temperature of 10*K.

Table 4.4: The model parameters.

Parameters Values

ISM density 1.6726 x107%3 g.cm™3
ISM density 8.3631 x10~% g.cm ™3
ISM density 1.6726 x10722 g.cm™3
ISM magnetic field | 3 pG

The density profile (in panel (a)) after 200000 years of simulation time shows that the
size of the inner astrosheath decreases in scenarios characterised by a high interstellar
medium temperature. On the other hand, the width of the bow shock increases for
high-temperature scenarios. Also, the maximum density found in the bow shock

decreases when temperatures are assumed to be larger.

The compression ratio as a function of simulation time (in panel (b)) shows that
at high ISM temperatures, the computed compression ratio becomes ~4, earlier
compared to a lower temperature. The maximum compression ratio decreases for

all high-ISM temperature scenarios.

The radius of the bow shock as a function of simulation time (in panel (c)) shows
that for a larger ISM temperature, the radius of the bow shock is slightly larger at
the end of the simulation time. The largest difference occurred between the two ISM

temperature scenarios at high ISM densities due to the temperature dependence of
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panel (b) the compression ratio as a function of simulation time, panel (c) the bow
shock radius as a function of simulation time, and panel (d) the bow shock width as

The solid lines show scenarios corresponding to an
ISM temperature of 1000 K, whereas the dashed lines show the differences in ISM

density with an ISM temperature of 10000 K.

a function of simulation time.
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the cooling function, as shown in Figure 4.6.

The bow shock width as a function of simulation time, in panel (d) shows an increase
in this value as the ISM temperature increases for all the different ISM densities,
with the highest ISM density being the most influenced.

4.8 Summary and Conclusions

The chapter has shown how various parameters affect the evolution of the astro-
sphere. As shown in Figure 4.1, the simulation time is important as the astrosphere
evolves into the interstellar medium. The effect of the mass loss rate is also shown
in Figure 4.2, showing that the larger the mass loss rate, the larger the density will
be at the inner boundary, thus increasing the size of the astrosphere. The effects
of stellar wind outflow speed are shown in Figure 4.3, where it is evident that an
increase in outflow speed increases the astrospheric cavity and increases thermal
energy after the TS up to the BS.

The effect of the ISM density is shown in Figure 4.4, showing that a high ISM
density can reduce the astrosphere’s size while a lower density has the opposite
effect. The ISM magnetic field strength was also shown in Figure 4.5, showing
that this parameter mostly impacts the astrosphere’s outer structure. This effect
is, however, mitigated in scenarios with a significant ISM density. In Figure 4.6 the
impact of the ISM temperature affected the positioning of the maximum BS, with

the high density increasing faster as the simulation time increased.



Chapter 5

Astrosphere of A Cephei

5.1 Introduction

This chapter presents the model results of the astrospheric structure of A Cephei.
The three-dimensional model of Pen et al. (2003) is compared to that of Baalmann
et al. (2021), who used the model of Kissmann et al. (2018). The effect of the relative
velocity of the evolution of this astrosphere is briefly shown, as well as the effect of
the ISM magnetic field strength and orientation on A Cephei’s astrosphere using the
Pen et al. (2003) model.

5.2 )\ Cephei

A Cephei is a blue runaway supergiant of spectral type O6.5 with an apparent
magnitude® of + 5.05 in V band and a luminosity® of 6.3 x10° Ly (Bouret et al.,
2012). X Cephei has a mass loss rate of M = 6.8 x 1076 M, /yr with a relative
velocity of 80 km/s relative to its local interstellar medium and a high stellar wind
speed of 2500 km/s, resulting in the formation of the bow shock and astrosphere
extending several parsecs, as per Scherer et al. (2016b) and Baalmann et al. (2021,
2020). Bouret et al. (2012) calculated the distance from Earth to A Cephei (dy) as
950 pc. However, Gaia Collaboration (2018) showed that dy = 617 pc when using

the Gaia (Global Astrometric Interferometer for Astrophysics) measurement.

! Apparent magnitude is the brightness of an object as it appears to an observer on Earth
(Ferreras, 2019).

2Luminosity is a measure of the total amount of power or energy emitted by a star or other
celestial object per time (Ferreras, 2019).

20
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5.3 Observations

This section shows recent images captured near A Cephei, as shown by Baalmann
et al. (2020) in Figure 5.1. These images were reproduced by combining obser-
vational data from three distinct infrared bands observed through the Wide-field
Infrared Survey Explorer (WISE, Wright et al., 2010, in panel (a)), the Multiband
Imaging Photometer for Spitzer (MIPS, Werner et al., 2004, and Rieke et al., 2004,
in panel (b)), and the Ha emissions obtained from the INT Photometric Ha Survey
of the Northern Galactic Plane (IPHAS, Drew et al., 2005, and Barentsen et al.,2014,
in panel (c)).

Figure 5.1: Images of \ Cephei around its local interstellar medium. Panel (a)
shows the observation using WISE in three infrared bands, panel (b) corresponds to
the grey scale MIPS observation of A Cephei, and panel (¢) shows the Hoa simulated
composite observation from IPHAS. X\ Cephei is placed at the centre of all the panels
and is marked by the magenta cross. Images from Baalmann et al. (2020).

Figure 5.1 shows that the star is moving in the south-southwest direction (in the
figure, east to the left and west to the right), resulting in the faint visibility of a
bow shock in Ha as well as in the infrared, and is visible as a broad arc southeast
to the west of the star in the longwave infrared spectrum. The astropause is shown
by the infrared emission structure near the BS. In He, the internal structure of the
astrosphere is not visible. Scherer et al. (2020) proposed that the lack of visibility of
the inner astrosphere, particularly the region from the A Cephei to the astropause,
may be attributed to the low number density ranging from 1072 to 1072 c¢m™3.
Additionally, despite a highly heated inner astrosheath, the emission of X-rays or Ha
is notably subdued due to the energy being far below the range of the observational
instruments. For a more detailed analysis that includes the observation of total

fluxes of synchrotron radiation and bremsstrahlung, also, Ha flux, see Baalmann
et al. (2020) and Scherer et al. (2020). For details such as the thermal plasma, ram
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pressure, and the total pressure beta, see Baalmann et al. (2021).

5.4 Cronos model

This section discusses the simulations of Scherer et al. (2016b, 2020) and Baalmann
et al. (2021), who used the Cronos model of Kissmann et al. (2018). Table 5.1
shows the parameters for the model, where a spherical grid was performed, with a
resolution of N, x Ny x N, = 990 x 30 x 60 cells. Figure 5.2 shows the results as a

polar contour plot.

Table 5.1: The parameters used in the model to compute the astrosphere of A
Cephei using the Cronos model. From Scherer et al. (2020) and Baalmann et al.
(2021).

Region | Parameter value

ISM Density 1.8399 x107%% g.cm™
ISM Temperature 10000 K

ISM Speed 80 km/s

ISM Magnetic field strength | 10 puG

— Inner boundary 6000 AU

SW Density 6.8578 x107% g.cm™3
SW Temperature 1000 K

SW Speed 2500 km/s

SW Magnetic field strength | 0.67 uG

— Cooling function Schure et al. (2009)

Figure 5.2 shows the expected bullet-shape polar contour plot of the outflow speed
(in black) with density (shown by the colour bar). The ISM inflow is from the right
to the left. From the star to the nose, the astrosphere is ~ 2.3 pc, but it extends
more than 10 pc from A Cephei to the astrotail. The computed density shows that,
in all the directions from the A\ Cephei, the density decreases up to the termination
shock and subsequently increases. The astropause and bow shock were shown to
have high densities. Note that the black polar contour plot only shows the changes

in the outflow speed.

Figure 5.3 shows a radial plot obtained by selecting a cut in Figure 5.2 at an angle of
0° (extending from the star towards the nose). The black line shows the computed
density, while the blue line shows the computed speed. The positions of the termina-
tion shock (TS), the astropause (AP), and the bow shock (BS) are shown in Figure
5.3. Similar to Figure 5.2, a decrease in the density is shown until the termination
shock (T8S), followed by an increase from ~ 2.2 x1072° g.cm™3 to ~ 8.5 x 10726
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Figure 5.2: The computed astrosphere of X\ Cephei as a polar contour plot in the
meridional plane using the Cronos model of Kissmann et al. (2018). The colour
bar shows changes in density, and the black contour shows changes in outflow speed.

Data from Scherer et al. (2020).
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Figure 5.3: The computed radial plot in the meridional plane from the Cronos
model in the direction of X Cephei to the nose of the astrosphere (the cut is made at

an angle of (°).



CHAPTER 5. ASTROSPHERE OF A\ CEPHEI 54

g.cm 3. The outflow speed transitions from supersonic to subsonic, decreasing by a
factor of ~4. At the astropause (AP), there is an increase in density, coupled with
a gradual decrease in the outflow speed from ~620 km/s to 0 km/s. The density

peaks in the bow shock region.

5.5 Comparing the two 3D MHD models

This section compares the 3D MHD model of Pen et al. (2003) with the results of
the Cronos model from Scherer et al. (2016b, 2020) and Baalmann et al. (2021)
discussed in section 5.4. Table 5.2 shows the parameters for the Pen et al. (2003)
model.

Table 5.2: The parameters used in the model to compute the astrosphere of A
Cephei using the 3D MHD model by Pen et al. (2003).

Region | Parameter value
ISM Density 1.84 x10™* g.cm™3
ISM Temperature | 10000 K
ISM Speed 80 km/s
SW Density 6.977 x107%* g.cm ™3
SW Temperature | 1000 K
SW Speed 2500 km /s
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Figure 5.4: The computed radial plot showing the comparison between the Cronos

and Pen et al. (2003) model in the nose direction. Panel (a) shows the compared
densities and panel (b) shows the compared outflow speeds.
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The model results from Pen et al. (2003) model and Baalmann et al. (2021) are
compared in Figure 5.4. The inner boundary of the two models was different, and
the comparison in the figure, therefore, covers a radial distance ranging from 0.2
to 8 pc. The red line represents the Cronos model, while the solid black and blue
line represents the simulation from the Pen et al. (2003) model. But the blue line

represents a finer grid.

All the scenarios indicated show similar results, from the A Cephei to the termination
shock, but differences occur beyond this point. The Pen et al. (2003) model shows
a much smoother radial profile up to the boundary, while the Cronos model shows
more detailed features. Although linearly shown on the y-axis, the speeds seem to

agree better.

In the bow shock, the Cronos model shows a higher peak density compared to the
wider BS width of the Pen et al. (2003) model (black line). This effect may be
attributed to radiative cooling, as the Pen et al. (2003) model does not yet include
this, but the Cronos model does. For a finer grid (blue line), the BS width decreased
for the Pen et al. (2003) model. The difference could, therefore, also be due to the
much coarser grid assumed in the Pen et al. (2003) model. If radioactive cooling
and a coarser grid are appropriately accounted for in the Pen et al. (2003) model,
it is anticipated to yield results similar to those obtained with the Cronos model.
Consequently, the Cronos model is deemed to provide the most accurate results for
the transition from the OAS to the ISM region for A Cephei.

5.6 )\ Cephei relative velocity

Runaway stars can experience changes in their radial velocity due to gravitational
interactions, encounters with other celestial objects, and other astrophysical pro-
cesses (Bromley et al., 2009) and Ferreras (2019). As a result, this section shows the
effect of the relative velocity on the astrosphere of A Cephei. The relative velocity
is reduced from 80 km/s to 40 km/s in the Pen et al. (2003) model, and the results

are compared with each other.

Figure 5.5 shows the effect of the relative velocity (V,.;) on the size of the astrosphere
for A Cephei. The figure shows the density and outflow speed with the arrows
corresponding to the outflow and inflow speeds. The relative velocity changes from

80 km/s (in Figure 5.5(a)) to 40 km/s (in Figure 5.5(b)). All other parameters are
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the same as in Table 5.2.

Figure 5.5(b) shows that in all directions when V. = 40 km/s the astrosphere size
expands. The expansion increases the position of the termination shock, astropause

and bow shock, and the bow shock thickness expands.

A more quantitative comparison of the two figures is shown in Figure 5.6, which
shows the radial profiles. For Figure 5.6, the blue lines (solid or dash-dotted) cor-
respond to V,. = 40 km/s and the green lines (solid or dash-dotted) correspond to
Vet = 80 km/s. The dash-dotted lines show the speed, and the solid lines show the
density.

The figure shows that when relative velocity decreased to 40 km/s, the size of the
astrosphere increased. The inner astrosheath increased by ~0.6 pc and the outer

astrosheath by ~0.75 pc, from the star to the nose.

5.7 Interstellar magnetic field

In this section, the Pen et al. (2003) model is again used to study the effect of a
significantly increased ISM magnetic field on a computed astrospheric structure of
A Cephei. The model uses Parker’s field expression to define the inner boundary
and two different ISM magnetic field values for the two scenarios shown. Figure 5.7
shows contour plots in the azimuthal plane corresponding to two distinct strengths
of the ISM magnetic field. All parameters, except the ISM magnetic field (Brsar),
are the same as in Table 5.2. Figures 5.7(a) corresponds to Brsy = 1077 G, while
Figure 5.7(b) corresponds to the Brgyr = 107° G. The arrows within the figures

indicate the direction of the magnetic field.

As stated previously, Figure 5.7(a) shows the contour plot corresponding to a com-
puted ISM magnetic field at 10~7 G, with the direction of the ISM magnetic field
indicated by arrows. As with the HMF, the rotational movement of the A Cephei
creates the AMF lines to adopt the shape of an Archimedean spiral near the star,
indicated by the arrows as well as the circle near the star. Similar to the HMF,
the computed magnetic field strength decreases radially in all directions until the
TS, where it increases. Afterwards, the computed magnetic field strength increases

again at the AP, with the strongest field shown in the BS region.

Figure 5.7(b) shows the ISM magnetic field strength when 107> G is assumed in
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Figure 5.5: Computed A Cephei astrosphere as contour plots for the different rel-
ative velocities.
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A Cephie radial plots of speed and density comparison between V,, = 80 km/s and 40 km/s
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Figure 5.6: Density and outflow comparison between V. = 80 km/s and Ve =
40 km/s. These figures are taken from Figures 5.5(a) and 5.5(b).

the model for the ISM magnetic strength due to the increased computed ISM mag-
netic field strength. The ISM pressure pushes the ram pressure inward, creating a
smaller asymmetrical astrosphere. The inner astrosphere is, therefore, compressed
in one hemisphere compared to the other. The orientation and strength of the ISM
magnetic field is therefore important parameter in the study of the astrosphere as

shown here.

Figure 5.8 shows the density as a contour plot for the computed ISM magnetic field
strength scenario of 1077 G. The effects of a high ISM magnetic field strength on
the density distribution are defined when compared to Figure 5.5(a). It creates an
asymmetrical astrosphere as the total ISM pressure increases with an increase in
the ISM magnetic field. The ISM pressure pushes the ram pressure inwards, thus
dominating the ram pressure in this area. Note that this effect is similar to that
discussed by Opher et al. (2006) for the heliosphere.

5.8 Summary and Conclusions

This chapter presents the astrosphere A Cephei, as discussed by Scherer et al.
(2016b). Observations, as shown by Baalmann et al. (2020), are shown in Figure 5.1.
These images showed the southeastern location of the astropause and bow shock.

However, the inner astrospheric structure remains invisible due to low density, as
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Figure 5.8: Computed density and outflow speed in the azimuthal plane using the
Pen el al. (2003) model. In this scenario Brsy = 107° G.

discussed by Scherer et al. (2020). The simulation of the A Cephei’s astrosphere was
presented using the Cronos model, see Scherer et al. (2016b, 2020) and Baalmann
et al. (2021). A comparison between the Cronos model and results from the Pen
et al. (2003) model for A Cephei was shown in Figure 5.4. The Pen et al. (2003)
model showed a much smoother transition from supersonic to subsonic. Also, the
absence of radiative cooling in the Pen et al. (2003) model resulted in a thicker outer
shell. However, the smoother profile was mainly due to the coarse grid assumed in
the model.

The effect of decreasing the star’s relative velocity was shown in Figure 5.5, using
the Pen et al. (2003) model. This figure shows that reducing the velocity results
in the expansion of the astrosphere, with the most significant difference observed
at the bow shock. Additionally, the effect of the ISM magnetic field strength and
orientation is indicated in Figure 5.7. For a high computed ISM magnetic field
strength, asymmetry in the computed astrosphere is evident, as shown in Figure
5.8, concluding that the field strength and orientation are important parameters to

consider.



Chapter 6

Summary and Conclusion

This study simulated an astrospheric structure to demonstrate how different pa-
rameters affect the evolution of the astrosphere and to calculate the astrospheric
structure of A Cephei and compare it to another calculation. The 2D MHD model
of Fahr and Kausch (2000), Scherer and Ferreira (2005) and Ferreira and de Jager
(2008) were used in Chapter 4, with the same results as the three-dimensional mag-
netohydrodynamic models of Pen et al. (2003) and Kissmann et al. (2018) shown in
Chapter 5.

In this dissertation the Chapters are divided as follows:

In Chapter 4, the 2D MHD was used to investigate the parameters that affect the
evolution of the astrosphere; these included the simulation time, mass loss rate,

stellar wind outflow speed, ISM density, ISM magnetic field, and ISM temperature.

The computed radial profile at four different simulation times showed how the as-
trosphere developed with simulation times showing a more developed, astrospheric
structure. Simulations corresponding to four different mass loss rates showed that
the mass loss rate affected the evolution of the astrosphere by either increasing or
decreasing its size. As the mass loss rate increased, the density at the inner bound-
ary also increased; therefore, the ram pressure also increased, thus increasing the

size of the astrosphere.

The stellar wind outflow speed of three different outflow speeds showed how this
parameter affected the evolution of the astrosphere. For slower outflow speeds,
the astrosphere size decreased; hence, the position of the termination shock, the

astropause and the bow shock is close to the inner boundary. The stellar wind travels
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further at the highest outflow speed scenario, leading to a larger astrosphere. Cooling
also occurred late for the high outflow speed scenario. The previous scenario, a thin,
high-dense area is visible near the astropause, and for the other scenarios, cooling
had already taken place, and the thin shell is now relaxed at the specified simulation
time shown. Furthermore, the temperature decreased for all outflow speed scenarios
until termination shock. After the termination shock, the temperature increased
with the lower SW outflow speed having the lowest temperatures compared to the
high-speed scenarios, due to the kinetic energy, which converted to thermal energy.
A cool astrosheath was visible close to the bow shock for the high outflow speed

scenario.

The simulation of three different ISM densities showed that this parameter decreased
the size of the astrosphere as it evolved. In the case of a larger ISM density scenario,
the astrosphere size was smaller, with the IAS region shrinking. The compression
ratio as a function of the simulation time shows that the higher the ISM density,

the lower the compression ratio in the first 50000 years due to cooling.

The effect of three different ISM magnetic field strength scenarios showed that this
parameter also affects the outer structure of the astrosphere. A high ISM magnetic

field strength contributes to the total ISM pressure, leading to a smaller astrosphere.

Simulations of three different ISM temperatures showed that the parameter affects

the position and compression of the BS.

Chapter 5 showed images of A Cephei reproduced by Baalmann et al. (2020). These
images of this particular star showed astropause and a bow shock. However, be-
cause the low density and thermal temperature in IAS were not within the range
of the instruments, the inner astrospheric structure was not visible. However, the
simulations performed by Scherer et al. (2016b, 2020) and Baalmann et al. (2021)
calculated the astrospheric structure using limited observations. A comparison was
made between the simulation of Scherer et al. (2016b, 2020), Baalmann et al. (2021)
and the results of the Pen et al. (2003) model.These are in good agreement apart
from the bow shock width being different. The previously mentioned could be caused
by radiative cooling, as the Pen et al. (2003) model does not include this effect, or it
is more likely because of the Cartesian grid assumed in the Pen et al. (2003) model.
Note that the simulation results from Scherer et al. (2016b, 2020), Baalmann et al.
(2021) are the most precise.

The effect of the relative velocity and ISM magnetic field on the structure of A
Cephei was calculated using the Pen et al. (2003) model. When the relative velocity
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decreased from 80 km/s to 40 km /s, the size of the astrosphere increased. Addition-
ally, in the case of a low ISM magnetic field strength, the orientation of the ISM
magnetic field does not affect the simulations. When the ISM magnetic increases

notably, however, the orientation becomes important.
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