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Abstract

This thesis reports an observational multi-scale study of the high-mass star-forming region NGC63341/F
on scales ranging from 10 000 AU down to 1 AU. In 2015, NGC6334I-MM1B started a period of high
accretion analogous to FU Orionis bursts in low-mass stars. This thesis aimed to examine the effects
of the burst on the water and methanol masers in the region. Archival 2016.9 5 cm continuum with
the Jansky Very Large Array (JVLA) and archival 2015.6 1.3 mm continuum with the Atacama Large
Millimetre/Submillimetre Array (ALMA) were used in combination with seven epochs of 22 GHz Very
Long Baseline Interferometry (VLBI) observations of water masers with VLBI Exploration for Ra-
dio Astrometry (VERA) between 2014 and 2016 and 2019.6 JVLA observations of 6.7 GHz methanol
masers in NGC63341. Water masers were detected in CM2-W2, MM1-W1, UCHII-W1, UCHII-W2
and UCHII-W3. The variability of water masers in CM2-W2 and MM1-W1 showed systematic trends
indicating that the variability is associated with the recent accretion burst. UCHII-W1 and UCHII-
W2 showed high velocity (v > 50 kms™!) proper motions associated with the N-S jet identified in
previous studies. UCHII-W3 also showed high velocity (v ~ 150 kms~!) proper motions associated
with the NW-SE jet. An upper limit on the outflow force of the NW-SE jet was estimated so that
P < 33.6x1073M yr~— kms~!. Methanol masers were also detected in MM1, MM2 and MM3-UCHIL.
A likely calibration error was identified in the flux scaling of the methanol maser observations, but the
positions and radial velocities of the observations were found to be reliable. MM1 contained masers
likely tracing rotating gas entrained by the N-S or NW-SE jet, as the masers are co-spatial with an
outflow cavity, and high-velocity proper motions from previous work. MM2 contained two associations
with a symmetric “wing” formation and MM3-UCHII had multiple maser associations along the edge
of the UCHII region NGC63334F. Water masers tracing shocked environments and methanol masers
tracing hot environments gave insight into the dynamic and complex star formation in the region.

Keywords: masers - stars: formation - ISM: clouds - radio lines: ISM - techniques: interferometric
- sources: NGC63341
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Chapter 1

Introduction

1.1 Scientific Context

Astrophysics is the science of giving an accurate, consistent and precise account of the physical universe:
Accurate, as the statements in astronomy aim for truth and are based on observations of the physical
world. Consistent, as the various sub-fields of astrophysics aim to be logically coherent in themselves
and between one another. Precise, as astronomers are trying to give numerical values of physical
parameters within as narrow a margin for error as possible. When Isaac Newton started to apply
physical laws that govern the earth to the observations of space, modern astrophysics was born. In a
very real sense, astrophysics is the science of the entire physical universe: It’s evolution from its initial
state, it’s current state, and it’s final destiny.

Cosmic, galactic and stellar evolution is where the origin of the structures seen in the modern
universe is studied. Cosmological evolution studies changes in the galaxy at the largest (> 500 Mpc)
scales (Ellis et al., 2012). Galactic evolution studies the origin and time dependence of galaxies and
galaxy clusters (Conselice, 2014). Stellar evolution studies the origin and time evolution of stars.

Star formation can be seen as an intersection between galactic and stellar evolution. Stars affect
the environments around them, and their environments affect their formation. Star formation studies
can be grouped into primordial, extra-galactic and galactic star formation studies. Primordial star
formation examine the very first stars that may have formed (Bromm et al., 2002; Hirano et al.,
2015). Extra-galactic star formation studies looks at star formation outside of our galaxy (e.g., Leroy
et al., 2021). The benefits of these studies are that you could look at star formation at different
stages of cosmic evolution, with the caveat that spatial resolution is highly limited due to the large
distances of the other galaxies. On the other hand, galactic star formation studies look at star forming
regions (SFRs) within our own galaxy. These studies can take various forms, either as large surveys
(e.g., Brunthaler et al., 2021), or studies of individual SFRs. Large surveys can support helpful
generalizations, while single SFR studies can give precise in-depth information on the physical processes
at work in SFRs. The conclusions from these observational studies can be used to test mathematical
models.

A sub-field of star formation which has been predominantly observation-driven in recent years has
been high-mass star formation (HMSF), for M, > 8 M (Zinnecker and Yorke, 2007; Tigé et al., 2017).
High-mass young stellar objects (HMYSOs) are difficult to study observationally, because they form in
deeply embedded environments with high extinction in most wavelengths, are often relatively far away
> 1 kpc, and have short formation times ~ 105 yrs (Sabatini et al., 2021). On the other hand, the



short lifetimes of HMYSOs have a benefit as some time dependent processes can take place on human
timescales. The recent accretion bursts in the high-mass SFRs (HMSFRs) S255IR-NIRS3 (Caratti o
Garatti et al., 2017), G358.93-0.03-MM1 (Burns et al., 2020) and NGC6334I-MM1 (Hunter et al., 2017)
have shown that HMYSOs also undergo episodic accretion like low-mass stars. These accretion bursts
are analogous to FU Orionis and EXor events (Audard et al., 2014). The timescales of the accretion
bursts in HMYSOs range between 0.75 yr for G358.93—0.03 (Stecklum et al., 2021), 2 — 2.5 yrs for
S255IR-NIRS3 (Caratti o Garatti et al., 2017) and 40 — 130 yrs for NGC6334I (Hunter et al., 2021).
Some of these events have really short timescales, and can be easily missed without a coordinated
observational effort.

Tracers such as infrared (Caratti o Garatti et al., 2017), millimetre (Hunter et al., 2017), and
maser emission by various molecule populations (MacLeod et al., 2018) have been found to change
dramatically during accretion bursts. The maser monitoring organization M20 (Burns et al., 2022)
has been founded to identify and study these accretion events with long-term single-dish monitoring
of masers in HMSFRs. Once a maser has been found to flare, follow-up continuum and spectral line
observations with connected arrays and Very Long Baseline Interferometry (VLBI) arrays aim to study
the regions in detail.

The accretion bursting source NGC63341, at d = 1.3 £ 0.09 kpc, is known to consist of nine
millimetre clumps (Brogan et al., 2016), with the largest millimetre clump hosting multiple cores and
outflows (Brogan et al., 2016; Chibueze et al., 2021). In January 2015, various maser species in the
region flared significantly (MacLeod et al., 2018), and the region had an increase in millimetre flux
by a factor of 4.0+0.3 (Hunter et al., 2017). Spectral energy distributions (SEDs) constructed with
millimetre and infrared images indicated that the accretion bursting source in NGC63341 was a 6.7Mg,
protostar, which had an increased accretion rate of > 0.0023M yr—! (Hunter et al., 2021). Further,
the first detection of 6.7 GHz methanol masers in the accretion bursting source MM1 was after the
onset of the accretion burst (Hunter et al., 2018). Some of the outflows are also known to harbour
22 GHz water masers (Brogan et al., 2018; Chibueze et al., 2021). The region is quite complicated,
and warrants investigation as a HMSFR that recently underwent an accretion burst. Further, the time
dependent nature of the region gives a unique opportunity to better understand some of the maser
species in this region.

1.2 Aims and Objectives

The primary aim of this thesis is to measure the effect of the accretion burst in NGC6334I on the
22 GHz water masers in the region directly before and at the onset of the burst. Water masers are
used as a tracer for protostellar outflows (Chibueze et al., 2012) and distance measurements (VERA
Collaboration et al., 2020). It is known that water masers are variable in flux density over time in
general (Felli et al., 2007) and during accretion bursts (MacLeod et al., 2018). The secondary aim of
this thesis is to observe the post-burst methanol masers in the region to see if there are significant
changes between 2016.9 (Hunter et al., 2018) and 2019.6 (the dataset in this thesis). Methanol masers
are known to be associated with HMSFR (Minier et al., 2003) and accretion bursts in HMYSOs (Burns
et al., 2020).

These aims are addressed in the following ways. Seven epochs of 22 GHz water masers in epochs
spanning between 2014 (before the burst) and 2016 (after the onset of the burst) were observed with the
VLBI array VERA. The water maser positions, radial velocities and intensities were used to measure
variability in NGC63341. Further, the VLBI water maser observations were used for calculating proper



motions before and during the accretion burst. Methanol maser observations with the JVLA on 2019.6
was done, and were calibrated and imaged to see if there had been changes three years after the onset
of the burst. The maser observations were supplemented with archival continuum images. An archival
ALMA 1.3 mm dust continuum image by Brogan et al. (2016) and an archival JVLA 5 cm continuum
image from Hunter et al. (2018) were used to give additional context to the maser observations.

1.3 Chapter Outline

Chapter 2 - Star Formation

Chapter 2 serves as a literature review for this work. The main topics of review are star formation and
episodic accretion. Star formation in general is discussed, followed by HMSF and the tracers that are
used to study SFRs, such as free-free, synchrotron, dust, gas and maser emission. Special emphasis is
placed on the maser species that are studied in this work: 22 GHz water masers and 6.7 GHz methanol
masers. The second half of the review concerns episodic accretion. First episodic accretion in low-mass
stars is introduced, and then accretion bursts in high-mass young stellar objects. Two well-studied
accretion bursting HMYSOs S255IR-NIRS3, G358.93-0.03-MM1 are discussed in detail, followed by an
introduction to NGC63341.

Chapter 3 Method

Chapter 3 discusses the techniques used in this work. The first half of the chapter is an introduction
into single-dish telescopes as well as interferometry theory, calibration and imaging. The second half
of the chapter describes the four datasets used in this thesis, the instruments used to gather the data
and details on the data reduction methods.

Chapter 4 - Results

Chapter 4 reports the main results for this work. First the 1.3 mm and 5 ¢m continuum images are
described. The positions and radial velocities of water masers by the multi-epoch 2014-2016 VERA
observations are described. The second half of the chapter introduces the spot and spectral methods
of proper motion calculations and the proper motions before and during the burst of the water masers
derived by these methods. The differences between these methods are outlined. Then the positions
and radial velocities of 2019 JLVA 6.7 GHz methanol are described.

Chapter 5 - Discussion

Chapter 5 serves as the scientific discussion for this work. The main topic of discussion is the 22 GHz
water maser observations with VERA. Variability of water masers in NGC6334I is discussed in light of
the accretion burst. The proper motions calculated in this thesis are compared to previous work on the
same source, followed by a discussion on whether water maser proper motions are a reliable tracer of
gas motion. Outflow parameters such as dynamic timescales, outflow force, driving source luminosity
and mass are calculated. The final section of the discussion critically examines the 6.7 GHz methanol
maser observations with the JVLA reported in this thesis, and compares the result to previous work.

Chapter 6 - Conclusion

Chapter 6 answers the scientific aims of this thesis, and concludes the work after possible future work
is outlined.



Chapter 2

Star Formation

2.1 Introduction

This chapter offers a review of star formation and episodic accretion. Firstly, star formation is briefly
introduced, followed by an in-depth discussion of the tracers used to study SFRs: Astrophysical masers,
free-free emission, synchrotron radiation, dust emission and thermal gas. HMSF studies are introduced,
as well as a portion of the current understanding of the science. The accretion-ejection link is explored in
the context of star formation, followed by a review of episodic accretion in low-mass protostars. Recent
theory and observational developments in episodic accretion in high-mass protostars are introduced in
detail, as well as the specific observations done over the last few years. Lastly, the SFR presented in
this thesis, NGC63341, is introduced.

2.2 What is Star Formation?

Star formation is the process through which interstellar gas and dust collapse into stars that undergo
nuclear fusion in their cores. Studies in star formation attempt to understand the different physical pro-
cesses at work in SFRs (SFRs). This entails all the processes of gas in a giant molecular cloud (GMC)
with a density of 50 — 1000 particles cm ™ and a temperature of 10—50K, (Mathis, 1990; Bloemhof,
1993), turning into a star with an interior density of 1x102° particles cm™> and a temperature of
10® K. A full description of star formation should consider the inclusion of gravity, magnetic fields,
rotation, thermal pressure, turbulence, neutral and ionized matter, cosmic rays, shocks, interstellar
chemistry and many types of radiative emission and absorption processes (Schulz, 2012; Yamamoto,
2017). Needless to say, it is a complicated affair. Star formation can be grouped into a study of
low-mass (M, < 3Mg), intermediate mass (3Ms < M, < 8M) and high-mass (M, > 8M) stars.

2.3 Observing Star Formation

Electromagnetic radiation is the chief carrier of information about the processes in SFRs. The different
emission processes inside the SFRs determine the positions, frequencies and flux densities of the radi-
ation measured by our telescopes. The main processes of emission in SFRs are briefly described in the
following sections. The main focus is on masers, as they are the main tracer used in this thesis. Maser
emission, produced by the population inversion of molecules in specific quantum rotational states, also
provides information on SFRs. Qualitative information can be gained from the existence, morphology
and brightness of specific maser species, such as water, methanol and hydroxyl, as these molecules
only undergo population inversion in specific physical circumstances. Further, masers can be used to
trace kinematics (Burns et al., 2015), measure distances to objects (Chibueze et al., 2014), measure



magnetic fields (Green et al., 2015) and can even be a low cost observable for significant change in the
SFR (MacLeod et al., 2018). Astrophysical masers are described in Section 2.3.2.

The other emission mechanisms are also briefly discussed for completeness, as some of the works
cited in this thesis make use of these tracers. Centimetre emission from free-free emission traces the
existence and morphology of HII regions, which are ionized. The existence of HII regions indicates
that the high-mass young stellar object (HMYSO) in question has already started nuclear fusion in its
core, so that it can release UV radiation to ionize the surrounding region (Churchwell, 2002). Free-free
emission is described in Section 2.3.3. Synchrotron emission, produced by the motion of free electrons
around magnetic field lines, can also be a tracer of strong magnetic fields produced near the young
stellar object’s poles. Synchrotron emission is described in Section 2.3.4. Millimetre dust emission can
provide helpful high angular resolution continuum images of the dust temperature distribution, column
density and cloud mass. Many molecules such as SiO, CO and CS have spectral line emission in the
millimetre regime that can act as outflow tracers. This combination of chemical tracers of complex
molecules and tracers of outflows, makes millimetre spectral line observations very powerful to probe
HMYSOs, even if the HMYSO itself cannot be seen. Dust emission is described in Section 2.3.5 and
gas emission is described in Section 2.3.6. Before the discussion on masers begin, the basics of radiative
transfer is introduced.

2.3.1 Basic Radiative Transfer

Radiation travelling through space is affected by what it encounters. More often than not, the radiation
received by astronomical instruments has been affected by various effects that have changed the original
emitted radiation. The quantification of the effects that change the intensity and frequency of emission
is termed radiative transfer. This presentation is based on Wilson et al. (2013), and an advanced
discussion is given by Chandrasekhar (1960).

The specific intensity I, (units of W m=2 Hz~! sterad !, or Jy beam™1) is a foundational quantity
in astronomy. A basic theorem of intensity is that it is conserved over distance in a vacuum. The flux
F, is the integral of I, over an angle 2 in the sky. The equation of radiative transfer quantifies how
intensity changes over distance due to intervening matter:

dl,

g =€ — Ry (21)

with ds the infinitesimal distance, €, the specific emissivity (units of W m™ Hz ™! sterad~!) and &, the
absorption coefficient (units of m~1). ¢, is a measure of how much radiation the material in question
releases, and k, is a measure of how much radiation is absorbed as a function of distance. If Equation
2.1 is divided by k,, the term S, = €,/k, is termed the source function. This term measures the
intensity of photons absorbed and emitted by the medium. A formal solution for Equation 2.1 is given
by Chandrasekhar (1960):

I(s) = 1,(0)e (=0 4 / S, (s e T )k, ds’ (2.2)
0
with 7(s,s’) the optical depth. It is given by:

7(s,8') = /: Kyds (2.3)

/

The formal solution should not be seen as explicitly solving Equation 2.1, as the details of the emission
and absorption are complicated, depending on the specific radiative processes at work.



7 is a measure of the absorption of radiation through a medium. It can be seen as the total
absorption, which reduces the intensity by a factor e™7. A medium is termed optically thin if 7 < 1,
i.e., close to transparent, and optically thick if 7 > 1, i.e., opaque to radiation.

2.3.2 Maser Emission

This section discusses microwave amplification by stimulated emission of radiation (MASER) emission,
which serves as the main astrophysical tracer used in this study. Masers form in physical conditions
that induce a larger population of molecules in a specific higher energy state u than in a specific
lower energy state [. The transition u — [ is termed the masing transition. This state of population
inversion causes the gas to have a negative 7,,, where v is the frequency of the masing transition. 7, < 0
causes a gas to amplify incident radiation at v. The masers are identified by molecule and the masing
transition, e.g., 22 GHz H50 or 6.7 GHz CH3OH masers. If there is sufficient velocity coherence of
the molecules along a path so that their line profiles overlap, there will be a significant amplification
of radiation along the path. Pumping, in masers, is defined as any physical process that produces
population inversion in a population of molecules.

The basis of maser calculations is the rate equations governing the populations of the maser states,
and the equation of radiative transfer, which governs the intensity of the radiation along the path
length. A simple form of the equations for a two-level system is given by Goldreich and Keeley (1972),
and the following discussion is based on their analysis. This model assumes that [ is above the ground
state. The radiative transfer equation can be written as:

% = %¢V[(Nu - NI)BIV + NuA} (2'4)
with I, the intensity of light with frequency v, dz the infinitesimal length along the maser amplification
path, Planck’s constant h, the frequency dependent line response function ¢, (assuming the function
is the same for emission and absorption), the number density of the molecules in the upper and lower
levels Ny and N respectively. A and B are the Einstein coefficients for emission and absorption
respectively. The change in the level populations can then be written as:

N,
dd U= —(Ny— N)BJ — NyA + Ry(N — Nyy) — TN,
i =
dTl = (Ny — NM)BJ + NyA+ Ry(N — Niy) — TN,

with J = fooo Juo,dv the flux density of radiation within the linewidth of the molecules, where J, =
% [ 1,dSY is the specific flux density. Rj and R, are the pump rates for the molecules to the lower
and upper states respectively. The pump rates (R; or R,) are determined by all processes that can
take a molecule from another level to the masing level (I or u). These processes can include collisional
(de)excitation, spontaneous or stimulated emission from an upper level or absorption of a lower level.
I" is the inverse lifetime of the maser states, assuming it is equal for both states. I' is a sum of all
the processes that can take a molecule out of u or [. These processes include spontaneous emission,
stimulated emission, absorption or collisional (de)excitation to a non-masing level. In more general
models, I' is different for v and [. NN is the number density of the molecules in all energy states and
Ny = N; + Ny is the number density of the two energy levels involved in the masing action.

These equations are a simplification that assumes that the absorption and emission line profiles are
equal. Further, all the transitions away from states v and [ to non-masing states are described with
only one factor I'. There is still information about the nature of masers from this simplified model.



Equation 2.4 shows that the radiation is amplified along the path length as long as Ny, — N} > 0 (i.e.,
population inversion is the case). Another insight from Equation 2.4 is the ¢, factor, which indicates
that the molecules’ line profiles must overlap for maser action. This indicates the need for velocity
coherence, where enough molecules along the path must have similar velocities for overlap in ¢,. Two
important terms in the rate equations are the pump rates Ro(N — Np,) and the stimulated emission
—(Ny — N1)BJ terms. The pump rate term is a measure of how many molecules come from the non-
masing states into the masing states. For population inversion, Ro(N — Ny,) must either dominate the
first equation of 2.5, which would be called the unsaturated case, or be close to the stimulated emission
term — (N, — N;)BJ, which is the saturated case. Another way to have population inversion, is if the
pump rate to the lower level is negligible and the —I'N} dominates the second equation of 2.5. The
specifics of these mechanisms for different molecules are briefly discussed in sections below.

There are physical differences between saturated and unsaturated masers. Unsaturated masers
have pumps rates higher than the rates of downward stimulated emission. This causes an increase in
I, that is exponential along the path length. Saturation, on the other hand occurs when the pump
rate and stimulated emission rates are equal, and then the increase in I, only scales linearly with path
length (Goldreich and Keeley, 1972). This should be taken into consideration when interpreting maser
variability in observations. An unsaturated maser might flare dramatically due to relatively modest
changes in the background radiation, while a flare in a saturated maser is an indication of changes
in the pumping environment. Unfortunately, from an observational standpoint, it is difficult to judge
whether or not a maser is saturated (Lankhaar and Vlemmings, 2019; Gray et al., 2020).

A “pumping mechanism” is a description of the steps through a molecule’s energy levels through
a combination of absorption, stimulated and spontaneous emission and collisional (de)excitation to
produce population inversion in a population of molecules. The effectivity of a pumping mechanism
is a function of internal and external parameters. The external parameters are the hydrogen gas
kinetic temperature and density, the abundance of the masing molecule and the dust temperature.
The internal parameters, which are fixed for any particular molecule, are the collisional coefficients
of the molecule with Hy, and the Einstein coefficients of the energy states. A single molecule may
have many physically realisable maser states, each with different external parameter requirements. A
masing transition is “collisionally pumped” if the HoO molecules are excited to upper energy levels
by Hs and if the radiative de-excitations dominate the collisional de-excitations (Kylafis and Norman,
1991). On the other hand, a maser transition is “radiatively pumped” if the molecule is excited to
the upper levels by continuum radiation at a higher temperature than the gas kinetic temperature
(Cragg et al., 1992). These two categories are not mutually exclusive, but gives a helpful (if not overly
simplified) framework to interpret the observation of certain maser transitions.

The most important astrophysical masers are hydroxyl (OH), methanol (CHzOH) and water (H2O).
A multitude of other astrophysical masers have also been detected, such as silicon monoxide (SiO),
formaldehyde (H2CO), and many others (Gray, 2012). The environments where masers have been
detected in the Milky Way are SFRs and late type stars. Extragalactic “megamasers” have also
been found in OH and H2O (Elitzur, 1992). Extragalactic masers and late-type-star masers are not
considered in this work. The following sections describe HoO, and CH30OH masers.

Water Masers

Water (H20O) is the molecule associated with a maser transition at 22.23508 GHz. It has the highest
brightness temperature features (7;, ~ 10! — 10 K, Elitzur et al., 1989) and is quite abundant,
with an estimated 1000 — 1500 sources in the Milky Way (Walsh et al., 2011). The water molecule’s



rotational energy level tree is divided into two modes, dependent on the relative spins of the H nuclei,
para-HoO (if the spins are aligned) and ortho-HyO (if the spins are opposite) (Gray, 2012). Other
than the 22 GHz transition, Gray et al. (2016) list 26 water maser transitions that are predicted or
have been observed in the frequency range ~ 67 — 906 GHz and are observable with ALMA. They
also list 10 maser transitions in the frequency range ~ 1269 — 1901 GHz that are observable with
SOFTA. This shows that there is still a great deal of study to be done in water masers. As this work
is primarily concerned with 22 GHz water masers, the other water maser transitions are not discussed
in this review.

The first detection of 22 GHz water masers was by Cheung et al. (1969) towards Sgr B2, the Orion
Nebula and W49. The first theoretical treatment of this maser transition was by de Jong (1973). He
calculated the optical depths, gains on the background radiation and path lengths for 22 GHz water
masers under certain assumptions of Hy densities and HoO molecule abundances. From a theoretical
standpoint, a physical picture has emerged on the origin of 22 GHz water maser emission. Elitzur et al.
(1989) show that 22 GHz water maser emission may arise in shock fronts; and are typically termed as
collisionally pumped. They differentiate two types of shocks. Magnetohydrodynamic (MHD) C-shocks
(vs < 40 — 50 kms~!) and higher shock velocity J-shocks, where v > 40 — 50 kms~! and MHD effects
are negligible. They describe a physical picture for water masers from J-shocks. In their picture,
elaborated upon by Hollenbach et al. (2013), shock fronts with sheetlike geometries have regions with
long enough path lengths of coherent velocities so that masing action can occur. J-shocks in clouds
with densities ng ~ 107 cm™3 and temperatures > 10* K dissociate the molecules as the shock front
propagates through the clouds. Some time after the shock front has passed, the material cools down
and Hy reforms on dust grains, are released and have high kinetic energies. Water is also formed in
high abundances behind these shock fronts (Elitzur, 1979), and the hot Hy excites the water molecules
to high enough energy levels to induce population inversion for the 22 GHz transition.

The astrophysical applications of 22 GHz water masers in SFRs should be mentioned, although
a more in-depth discussion of some topics appear in later chapters. Observationally, 22 GHz water
masers are bright, spatially compact and highly time-variable in flux density. The shock nature of 22
GHz water masers has led some to use the proper motions of water masers as a tracer for gas motion
(e.g., Burns et al., 2016; Torrelles et al., 2001). These studies utilize multi-epoch VLBI observations
of water masers to calculate water maser proper motions.

Methanol Masers

The most common maser transitions for methanol (CH3OH) are at 6.7 GHz and 12.2 GHz. There are
many other transitions that have been observed, and some of them are listed in Cragg et al. (1992) and
Gray (2012). More maser transitions have been detected recently in the accretion burst in G358.93-
0.03-MM1 (see Section 2.7.1). One of the first groups to report methanol masers were Batrla et al.
(1987). They report multiple masers with flux densities > 1000 Jy associated with UCHII regions.
Menten (1991) reports the first detection of 6.7 GHz methanol masers from the 5; — 69 AT transition.
Later it was shown by Minier et al. (2003) that 6.7 GHz methanol masers are solely associated with
high-mass SFRs. The current consensus is that 6.7 GHz methanol masers are radiatively pumped
(Cragg et al., 2002), with flux densities dependent on the intensity of the circumstellar radiation field.
This dependence on radiation fields, as well as its exclusive association with high-mass SFRs, have
made 6.7 GHz methanol masers an important observable for studies in episodic accretion of HMYSOs.
The maser monitoring organization M20! uses long-term single-dish monitoring of 6.7 GHz methanol
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masers to to try to identify episodic accretion events, also known as “accretion bursts” (Burns et al.,
2022).

Successive mathematical modelling of 6.7 GHz methanol masers has shown that 2.7 K seed pho-
tons from the cosmic microwave background can be amplified to produce bright maser emission. VLBI
observations by Menten et al. (1992) found that 6.7 GHz methanol masers can have brightness tem-
peratures more than 3 x 10'? K. Sobolev et al. (1997) explain these high brightness temperatures with
a Large Velocity Gradient model and found the maser brightness to be positively affected by higher
dust temperature (if Tyus; > 150 K), higher hydrogen densities (upto ng, = 107 particles cm™3) and
methanol abundances (Xy = ncpson/nH, ), peaking at 1072, Collisions were found to negatively affect
the 6.7 GHz methanol maser gain (for T > 20 K). They considered three possible explanations for the
physical environments of 6.7 GHz methanol masers. The first is clumps with cylindrical dimensions,
longest in the line of sight, affected by the passage of shocks. The second is protostellar disks, and the
third is velocity coherent paths in a turbulent medium. Further modelling by Cragg et al. (2002) and
Cragg et al. (2005) show qualitatively similar results as the simulations by Sobolev et al. (1997), with
methanol masers found in a wide parameter space. 6.7 GHz methanol masers were associated with
fractional methanol abundances in the range 1077® < Xy < 107°, densities 10° < nH, < 10° cm ™3
and normalized column densities 10’07 < Ny/AV < 1033 em™ s, with Ny the methanol column
density and AV the line width.

The requirements stated above implies that 6.7 GHz methanol masers have to form in regions
with strong radiation fields, and the right conditions for the formation of enough CH3OH. Minier
et al. (2003); Breen et al. (2013) found observationally that 6.7 GHz methanol masers are exclusively
associated with high-mass SFRs. Norris et al. (1998) hypothesize that 6.7 GHz methanol masers
could be associated with protostellar disks. Minier et al. (2000) found that Keplerian fits to methanol
masers infer central masses smaller than one solar mass, which is inconsistent with masses derived
from other tracers. This indicates that either 6.7 GHz methanol masers do not trace the entire disk, or
are not exclusively associated with disks. This result shows that a simple Keplerian interpretation of
methanol masers need support from other tracers as well. De Buizer (2003) searched for outflow tracers
perpendicular to linear structures of methanol masers, and found outflow perpendicular to only two of
the 28 sources observed. VLBI proper motions measurements of IRAS 2012644104 by Moscadelli et al.
(2011) found 6.7 GHz methanol masers to be associated both with a protostellar disk and outflow.
This further supports the idea that there are multiple kinds of regions in which methanol masers can
form.

2.3.3 Free-free Emission

Free-free emission (or thermal bremsstrahlung) is radiation emitted by charged particles deflected by
surrounding charged particles. An example of a source of free-free emission in SFRs is HII regions.
The basis for free-free emission is the Larmor formula for non-relativistic charged particles (Griffiths,
2017):
 pog’a?
 6me

(2.6)

with P the total power radiated (in Watts), po is the permeability of free space, ¢ the charge of the
particle in Coulomb, a the magnitude of the particle’s acceleration and c the speed of light in a vacuum.
When a charged particle experiences an acceleration due to the proximity of another charged particle,
the charged particle radiates some of its kinetic energy into electromagnetic waves. The energy radiated
is proportional to the change in the kinetic energy of the particle. For in-depth treatments of free-free
emission, the reader is referred to Rybicki and Lightman (1986) and Longair (2011).



2.3.4 Synchrotron Emission

Synchrotron radiation is emitted from a relativistic electron gyrating around a magnetic field. Syn-

chrotron radiation is an important example of non-thermal emission, produced by non-Maxwellian

particle populations (contrary to thermal radiation such as free-free emission and blackbody radia-

tion). The synchrotron spectrum is obtained by starting with the relativistic energy loss rate (Longair,

2011):
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with v = 1/4/1 — 32 the Lorentz factor, § = v/c, with v the particle speed. a, is the acceleration

perpendicular to the direction of motion of the particle and a is the parallel acceleration. The energy
loss equation is combined with the Lorentz force law to calculate the acceleration terms:

F =mid = q(@x B) (2.8)
If an electron population with a power law in the form:
N(E)= NyE™? (2.9)

is considered, with N (E) the population of electrons with a specific energy, Ny a normalization constant
and p the power law index. By adding the synchrotron spectral of all of these electrons, one can show
that the spectrum of the synchrotron emission has the following behaviour (Rybicki and Lightman,
1986): For the optically thick region I, v°/2 and for the optically thin region I, « v~ ®~1/2 The
turnover of the spectrum is at the critical frequency v, given by (Longair, 2011):

3\ o5 eB
= (= 2.10
Ve (2)7 2Tme ( )

Lastly, the synchrotron spectrum has a cutoff due to energy losses at high frequencies.

2.3.5 Dust Emission

Interstellar dust is an object of study in its own right, and a tracer of physical conditions in the
ISM. The absorption of photo-ionizing radiation by dust reduces the ionization fraction of molecular
clouds. This, in turn, can reduce the magnetic forces supporting the molecular cloud from gravitational
collapse (Shu et al., 1987). The shape, composition, size and porosity of dust grains are still topics of
active study. Helpful reviews on this topic are those by Draine (2003) and Williams (2005). Linear
polarization measurements of starlight extinction indicate that a substantial population of dust grains
have an asymmetric shape (Williams, 2005). Specific absorption features due to dust extinction has
helped researchers to narrow down the possible composition of dust grains. Absorption features such
as the 9.7 um feature indicate that dust grains are primarily amorphous sillicon, amorphous carbon
and polycyclic aromatic hydrocarbons (PAHs, large carbon chain molecules) (Draine, 2003; Compiegne
et al., 2011). Dust particles have sizes ranging from micrometres down to nanometres in size, with a
power law size distribution with a slope of —3.5 (Mathis et al., 1977). The ability of dust particles to
absorb stellar radiation and to re-radiate the radiation in the infrared, aids gravitational collapse in
molecular clouds, which leads to increased star formation efficiency (Draine, 2003). Cooling by dust
radiation reduces the pressure that hinders gravitational collapse.

It has been found that the spectral features of dust are complicated for wavelengths A < 50 um
due to the chemical composition of the dust grains, but for longer wavelengths A > 50 pm, the spectral
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features can be reasonably approximated with a greybody approximation (Draine, 2003). The greybody
function is given by (Gordon, 1987):

F, = QB,(T;)(1 — e ™™) (2.11)

with F), the specific flux, © the solid angle subtended of the source, B,(Ty) the Planck black body
distribution, T, the dust temperature and 7 the optical depth modelled as:

- (1)5 (2.12)
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with v, the frequency where 7 = 1 and 8 a power-law index. Further, in the optically thin frequency
range, the dust mass M, can be approximated by (Gordon, 1987):

(2.13)
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with D the distance to the source, a the radius of the grains, p the grain density, Q(v) the grain
emissivity. Equations 2.11 and 2.13 are useful ways to approximate the dust temperatures and the
dust mass given the assumptions of a single dust temperature and a simple dust model. This model is
one of the simplest models used to interpret dust emission. Significantly more complex models exist
taking into account photons scattering off of dust, photoelectric heating of dust, ice on the dust grains,
dust surface chemistry, complex shapes and porosity and photo-dissociation of dust above certain
temperatures.

2.3.6 Spectral Line Emission

Spectral line emission by interstellar gas plays a number of roles in the ISM and star formation studies:
Interstellar gas is an object of study itself (in the field of astrochemistry), a component of cooling in the
ISM, and a probe of physical conditions in astrophysics. The main constituent of interstellar molecular
gas is Hg, with CO the second most abundant molecule with a fractional abundance nco/nm, ~ 1074
(Winnewisser and Herbst, 1993). Interstellar molecules form in various environments, but the most
important consideration is the abundance of atoms that serve as molecular constituents, sufficient
temperature to form molecules, and lack of photo-dissociating radiation (typically radiation from stars).
Molecular clouds are sites with abundant molecules, as the molecular clouds are typically opaque to
destructive stellar radiation due to dust grains with high extinction in the visible and UV bands
(Williams, 2005). A large number of atoms and molecules have been detected due to mm and sub-mm
observations of their rotational transitions. Figure 2.1 shows the physical conditions in which various
molecules emit line emission. Note that the y-axis is inverted, with low densities at the top. The low
to mid J CO rotational emission traces low densities (102 cm ™3 < ny, < 10° cm™3) and temperatures
(10 K< Ty < 300 K) while molecules like NH3, CS and HCN trace higher densities with ng, > 10°
cm 3. The critical density nei; is the density at which the rate of collisional excitation to a specific
energy level is equal to the rate of radiative de-excitation. For a two-level approximation the critical
density is given by (Winnewisser and Herbst, 1993):

Aul

(o)

Nerit = (2.14)
with A, the Einstein coefficient for the transition u — [, with u the upper level and [ the lower level.
ow is the collisional cross-section of the transition and v the particle velocity. The angle brackets
indicate averaging over the velocity distribution. nei¢ is a lower bound of ny, for emission of the
specific line radiation in question. The presence of molecular lines gives a measure of the existence
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Figure 2.1: Figure illustrating the physical conditions traced by various molecular lines. Figure taken
from Lada and Kylafis (1991). The x-axis is the range of kinetic temperatures for which the emission
might be visible, and the y-axis is hydrogen densities which allow the emission. Note that this figure
is approximate, and only intended to give order of magnitude estimates.
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of the molecules that emit these lines, as well as constraints on the density and kinetic temperatures.
Further, the intensity of line radiation can be used to accurately constrain ny,, while the line velocity
information, such as linewidths, can give important information on the kinematics of the region in
question.

2.4 Large Scale Star Formation

After significant theoretical and observational efforts, a standard picture for the formation of low-mass
stars has emerged. Star formation happens predominantly in GMCs, which have masses of 10760,
diameters of ~45 pc and average densities of approximately 50 particles cm™3 (Blitz, 1993; Williams
and McKee, 1997). Carbon monoxide (CO) mappings of the Milky Way have shown that GMCs are
almost exclusively found in the galactic spiral arms (Digel et al., 1996; Heyer and Terebey, 1998).
GMCs contains many clumps, where clumps are denser bound regions inside the GMCs where stellar
clusters may form. Clumps have been found to be either gravitationally bound, or pressure bound
by the interclump medium, and the most massive clumps are those in which stars form (Williams
et al., 1995). Clumps, in turn, may consists of many prestellar cores, where cores are even more dense
gravitationally bound regions (n ~ 10% em~3, Benson and Myers, 1989) from which individual stars
form. The precise mechanisms behind the origin of high-mass (> 8M)) stars is still a topic of intense
study.

The two main paradigms of HMSF diverge on the nature of mass transfer within SFRs. The
monolithic hierarchical collapse theory states that the mass of the final stellar cluster can be found
exclusively in the original clump, and that there is not significant mass transfer between clumps in
GMCs (e.g., Krumholz et al., 2005). On the other hand, there are two sub-paradigms that posit that
there is significant mass transfer in a GMC. The competitive accretion model posits that mass moves
over time to the centre of a gravitational potential well in the GMC, and that the most massive stars
form in the places of highest potential due to the “infall” of gas (Bonnell et al., 2001; Bonnell and Bate,
2006). The inertial-inflow model is a second paradigm which also states that there is mass transfer
over a large scale, but that the cause of the mass transfer is turbulent “inflow” due to multiple sources
of feedback in the GMC over time, such as supernovae, protostellar jets and HII regions (Padoan et al.,
2020). Observationally, the monolithic collapse theory implies the existence of starless massive dense
cores (MDCs), which contain all the required mass for HMSF. Tigé et al. (2017) searched for MDCs
in NGC6334 and found that the cores they identified likely grow in mass over time, and do not have
the mass required for monolithic collapse. These theories concern star formation at the largest scale,
but there are also open questions regarding the small-scale process close to the protostar. The next
section discusses the concept of gravitational collapse, and then continues to disk and jet systems.

2.5 DMass gain and Feedback in Pre-Stellar Cores

2.5.1 Gravitational Collapse

The foundational mechanism for star formation is gravitational collapse. Gravitational collapse is when
the self-gravity of a clump of gas and dust is stronger than the outward supporting forces, such as
thermal or magnetic pressure. The precise details of the gravitational collapse is a function of the forces
involved and the initial conditions. A short overview of the simplest cases of gravitational collapse will
be elaborated from Schulz (2005), before the discussion continues to jet and disk systems.

The simplest case of gravitational collapse is that of a spherically symmetric isothermal sphere
(also known as Bonner-Ebert spheres) with a constant initial density p (Ebert, 1955; Bonnor, 1956).
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Jeans (1902) showed that a gas with a mass larger than the Jeans mass, My, will undergo gravitational
collapse. Mj is given by:

Mj = —wR3p (2.15)

with Ry = %A 7, where Ay is the Jeans length. For an isothermal sphere, \j is given by:

]= (15]{;BT)é (2.16)
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with kg, Boltzmann’s constant, 7' the temperature of the cloud, m, the proton mass, fi the mean
molecular mass, and G the gravitational constant and n the number density of the gas. This shows
that in the simplest case, the mass required for gravitational collapse is determined by temperature,
density and molecular composition. The Jeans mass is proportional to the gas temperature, with
My o T3/2 which means that hot gas is less prone to collapse, and as the cloud heats up as it
contracts, the expression for Mj implies that cooling is important for star formation. The Jeans mass
is also dependent on the gas density and mean molecular mass, with My o< n=%/2 and M; x p=3/2,
which indicates that higher density gas and gas with higher metallicity is more prone to gravitational
collapse. The Jeans mass is a helpful quantity to estimate the conditions under which a particular core
will undergo gravitational collapse.

Once gravitational collapse starts, the core goes through multiple stages. With simplified numerical
simulations, Larson (1969) identified these stages of protostellar collapse. Initially the gas in the core
is in free fall, driven only by gravitation. After a while, a hydrostatic core forms, which is pressure
supported and opaque to radiation. Then the core transitions into an accretion phase where material
falls from the outer regions onto the hydrostatic core. When the core is massive enough, it enters
the main sequence and continues its evolution. The simulation by Larson (1969) was for a spherically
symmetric non-rotating cloudlet, and therefore missed the formation of protostellar disks and jets.

2.5.2 Jet and Disk Systems

Recent observational and theoretical efforts have shown the existence of accretion disk-outflow systems
in protostellar cores of all masses (Frank et al., 2014). This section aims to describe an emerging
picture of disk-outflow systems in star formation. Figure 2.2 from Frank et al. (2014) shows our
current understanding of accretion disk-outflow systems in low-mass SFRs. The left panel represents
some mechanisms involved in accretion and the disk on scales between 0.01 and 100 AU. The middle
panel represents the processes within the jet on scales between 100 and 5000 AU. The right panel
represents the idea that feedback from protostellar outflows affects the star forming region on a larger
(> 1 pe) scale. It is not yet clear which particular physical processes in low-mass SFRs are also found
in high-mass SFRs. Most, if not all, YSOs of all mass ranges are accompanied by accretion driven
outflows.

These outflows can be of two kinds. The first is high-velocity collimated (narrow-angle) jets with
velocities ranging v ~ 100 — 1000 km s~! that are believed to be focused by MHD processes. It was
first proposed by Kwan and Tademaru (1988) that toroidal magnetic fields generated by currents in
the protostellar disk might serve to collimate material from stellar and disk winds to form high-velocity
jets. The other kind of outflow is low-velocity wide-angle molecular outflows with velocities v ~ 1 — 30
km s~!. Molecular outflows are seen to consist of material from the protostellar envelope swept up
either by the shock of the high-velocity jet, winds from the disk or from a much slower wide-angle
component of the jet.
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This combination of collimated jet paired with a wide-angle outflow has been observed in both
low-mass and high-mass YSOs (Arce and Sargent, 2006; Torrelles et al., 2011). It is important to
note that jets are not continuous lines of material, but a series of non-homogeneous clumps of material
with slightly different physical conditions. It is observed as a single jet due to angular resolution or
sensitivity constraints in observing instruments.

Both kinds of outflows have important roles in both increasing star formation efficiency nsr on a
disk and envelope scale (~1 — 500 AU) and suppressing ngr on cloud scales (~ 1 pc) (Frank et al.,
2014). On disk and envelope scale, rotating jets and outflows serve to extract angular momentum from
the protostellar disk, which allows material from the accretion disk to fall onto the star (Frank et al.,
2014). An excellent example of this in low-mass protostars is the Herbig-Haro (HH) object HH212
(Lee et al., 2017). On the other hand, ALMA observations of the high-mass young stellar object Orion
Source I have shown a velocity gradient perpendicular to the outflow direction. The ejection of angular
momentum by outflows has been observed to be important for HMYSOs as well (Hirota et al., 2017).

These jets and outflows open up a cavity in the protostellar envelope through which material
and radiation can easily escape. The cavity grows over time as more material is swept up (Frank
et al., 2014). The cavities benefit star formation by opening low optical depth paths for radiation and
hot material to escape, aiding gravitational collapse (Arce and Sargent, 2006). On the other hand,
simulations of protostellar collapse without magnetic fields found that star formation efficiency was
significantly hindered by outflows for both low-mass (Hansen et al., 2012) and high-mass (Wang et al.,
2010) stars, as outflows can disrupt infalling material on parsec scales. This has an especially great
impact for HMYSOs, which might source their mass from large-scale mass inflow.

There is a link between accretion and ejection for star formation studies. Ejection provides a
mechanism for releasing gravitational potential energy from the protostellar core, aiding gravitational
collapse and mass gain. For HMSF studies, pinning down the precise line between accretion and
ejection may be a tool for understanding the embedded central environment of HMYSOs. It has been
found some protostars of all masses gain much of their mass in relatively short periods of high accretion
rates, relative to the formation time (Audard et al., 2014; Caratti o Garatti et al., 2017; Meyer et al.,
2017). These two processes are also intimately related, as some material accreted during accretion
bursts are ejected in high-velocity jets or low-velocity outflows.

2.6 Episodic Accretion in Low-Mass YSOs

In 1936, the star FU Orionis underwent a massive flare in its optical brightness. The origin of the flare
was later identified as a large increase in mass accretion from an accretion disk of a T Tauri star, a
low-mass protostar (Herbig, 1977; Hartmann and Kenyon, 1985). This phenomenon was subsequently
observed in multiple T Tauri stars. Figure 2.3 shows the light curves of 5 such bursting sources. From
Figure 2.3 it is clear that the bursts observed had different rise times and duration. Some bursts are
observed to repeat. Some sources had longer burst and rise times (such as V1057 Cyg, V1647 Ori and
HBC 722) while others showed faster rise times and multiple bursts in a relatively short time (such
as EX Lup and V2492 Cyg). This has led to the classification of two kinds of bursts: FU Orionis
bursts (or FUors), which are typically longer and more luminous, and EXors, which are shorter, more
frequent and less bright (Audard et al., 2014).

During outbursts, FUors can have large bolometric luminosities of 100 —300L), as well as accretion
rates between 1079 and 1074 M, yr~! (Audard et al., 2014). Their bursts can last between a few years
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Figure 2.3: Time series for various FU Orionis and EXOr bursting sources. Figure from Audard et al.
(2014).

and a few hundred years, with variability of the light curve at time scales much smaller than the burst
time. EXors, on the other hand, lack the spectral features of FUors, with bolometric luminosities
in the order of 1 ~ 10Ls. Their burst accretion rates are also much lower, ranging between 1078
and 107°M yr~! and with their bursts lasting for about 1 — 2 years, with sub-bursting variability of
30 — 60 days (Audard et al., 2014). These differing characteristics indicate different mechanisms for
the burst. FUors are thought to occur when more material falls into the protostellar disk from the
circumstellar envelope. This leads to a buildup of material in the disk, which falls on to the protostar
at some regularity determined by the disk and accretion processes. On the other hand EXors are
thought to be caused by instabilities in the protostellar disk, which in turn lead to a variable accretion
rate. The mechanisms that cause accretion bursts in low-mass protostars are candidates to explain
bursts in high-mass protostars as well. Therefore, the mechanisms proposed for FUors and EXors are
briefly enumerated.

Audard et al. (2014) enumerate four possible burst mechanisms. These mechanisms can be internal
to the disk, or caused by external bodies. The four mechanisms proposed are thermal instabilities,
magnetorotational instabilities (MRI) combined with gravitational instabilities (GI), disk fragmen-
tation and external triggers. Each of these mechanisms predict different rise times, burst lifetime,
accretion rates and bolometric luminosities. To understand these mechanisms, the basics of accretion
in accretion disks must be understood. Angular momentum conservation in accretion disks implies
that gas can only accrete onto the protostar if the gas loses angular momentum. The most frequently
proposed mechanism for angular momentum loss is angular momentum transfer due to viscosity in
the accretion disk. Viscosity in the accretion disk material causes friction between different annuli of
the disk, which allows angular momentum to be transferred from the inner disk close to the star, to
the outer disk. If the inner regions of the accretion disk have sufficiently low angular velocity 2, the
material can fall onto the accretion column, and finally the protostar. The consequence of the above
argument is that disk viscosity v is a fundamental parameter determining the accretion rate. The
viscosity is difficult to model from first principles, but a helpful expression for viscosity can be found
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in Audard et al. (2014):

cs ol

with ¢ the sound speed of the disk, a the viscosity parameter, encoding all the complicated physics
of the viscosity and T' the temperature of the disk.

The first possible burst mechanism, called a thermal instability, occurs when there is a temperature
runaway, which in turn increases v and finally the accretion rate M. This can happen when the disk
is close to the hydrogen ionization temperature 7' ~ 5000 K, which causes the opacity, k, of the disk
to be very sensitive to temperature, where x ~ T''°. This leads to a disk that traps radiation very well
due to its high opacity, and this behaviour only ends once the disk is fully ionized at T' ~ 10°> K (when
the majority of the photons have energies hv > 13.6 eV, Audard et al., 2014). Thermal instabilities
can either be triggered in the inside disk, or can be caused by an external trigger. It was shown
by Clarke and Syer (1996) that sufficiently massive protoplanetary companions of T Tauri stars are
possible triggers of the fast bursts observed in FU Orionis and V1057 Cyg. This would cause periodic
bursts with a fast (< 1 yr) rise time.

The second mechanism that may explain episodic accretion is MRI combined with a GI. It was
found by Hawley et al. (1995) that accretion disks with weak magnetic fields and angular velocity
increase outward (d2?/dr > 0) generate turbulence in the accretion disks which significantly increases
disk effective viscosity and therefore M. For more information on MRI + GI bursts, see Audard et al.
(2014) and the references therein.

The third possible cause of episodic accretion is disk fragmentation. Fragmentation in protoplane-
tary disks occur when the disk’s Toomre parameter @ (Toomre, 1964) is below unity. @ is given by:

sk e

@= G T 7GY
with 3 the disk surface density. When the cooling timescale of the disk is significantly longer than
the dynamic timescale of the disk, spiral structures tend to form. On the other hand, for short
cooling timescales, the disk fragments into distinct clumps. These fragmented clumps then lose angular
momentum due to gravitational interaction with the circumstellar disk, and finally are accreted by the
protostar (Machida et al., 2011). As the disk fragments can have various rotation rates, masses and
sizes, the accretion bursts driven by disk fragmentation have different accretion rates, rise times and
durations. For low-mass YSOs (LMYSOs) it has been shown that for rotating collapsing cores in
the thin disk approximation, accretion bursts due to disk fragmentation will happen often during the
protostar’s formation time (Vorobyov and Basu, 2006). It was also found that bursts were more regular
in cores with more rotation in terms of gravitational potential or larger initial core mass will undergo
bursts more often. On the other hand, frozen in magnetic fields were found to lower the critical @
value (i.e., making it more difficult for gravitational instabilities to form), which would reduce burst
activity. The role disk fragmentation plays in HMYSOs has been examined repeatedly in recent years,
and is discussed in Section 2.7.

(2.18)

The final mechanism for accretion bursts in LMYSOs is external triggers due to binary system or
N-body interactions. It was shown by Bonnell and Bastien (1992) that binary systems of LMYSOs can
undergo accretion bursts due to tidal interactions of the disk-star systems. They found that a binary
system with an unequal mass ratio can induce an accretion burst in the lower mass companion either
through spiral arm formations in the disk (which increase accretion rates due to gravitational torques)
or if the star-disk systems pass through each other, essentially increasing the YSOs mass reservoir for a
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short period of time. Binary systems will undergo accretion bursts at the orbital period of the system.
An important caveat to this model is that there must be a high-mass ratio between the YSOs, which
limits this mechanism to star formation clusters containing more high-mass stars. This might indicate
this mechanism is important for inducing FU Orionis bursts in LMYSOs in high-mass SFRs. The
second external trigger is bursts due to gravitational interactions in a star-forming cluster. Pfalzner
et al. (2008) simulated mass loss and gain of star-disk systems in a dense star-forming cluster. They
found that in the inner regions (within 0.2 pc of cluster centre) of dense SFRs (such as the Orion nebula
cluster) high-mass stars M, > 5 Mg can add up to 10% of their disk mass due to close encounters with
other YSOs. In the next section, the processes found recently to cause episodic accretion in high-mass
protostars will be discussed, as well as many confirmed accretion bursts up to the time of writing.

2.7 Accretion Bursts in HMYSOs

2.7.1 Observations

In the last few years, there have been confirmed observations of accretion bursts in a few high-mass
SERs. A few tracers are used to identify and test accretion bursts. Long-term single-dish maser moni-
toring has been found to be an easy way of identifying accretion bursts, as high cadence (an observation
around every 15 days) can give short notice of a maser flare, prompting follow-up observations (Burns
et al., 2022). Follow-up observations can include observations in multiple infrared bands, millimetre or
centimetre observations. Multi-band infrared observations have a dual use. They can confirm or deny
an accretion burst, as infrared flaring is typically associated with an accretion burst.

Millimetre observations can trace the dust envelope of the protostar as well as molecular outflows
produced by episodic ejections, allowing an ejection history (and therefore accretion history) to be
constructed of past events. Dust and molecular line observations can be used to identify the envelope
mass, temperature, density and chemical composition or changes in these parameters if previous ob-
servations have been done. Lastly, centimetre observations can see free-free emission by ultra-compact
HII (UCHII) regions around the protostar, which is a direct measurement of the protostar’s ionizing
flux. Interferometric observations of various maser species are also possible in both millimetre and
centimetre domains, with each maser species and transition tracing different physical circumstances.
This section reviews most confirmed accretion bursts in high-mass SFRs. NGC6334I-MM1 is reviewed
separately in Section 2.8.

S255 IR-NIRS 3

S255IR is an embedded protostellar cluster, invisible in optical wavebands, but bright in infrared
(Howard et al., 1997). The region has an estimated mass of 300 — 400 M, and bolometric luminosity
of ~ 2x10* Lg (Zinchenko et al., 2015). The region also harbours 6.7 GHz CH30H masers (Longmore
et al., 2006), which is one indication that it is a region of HMSF (Minier et al., 2003). The HMYSO
S255IR NIRS-3 (hereafter NIRS-3) is located at a distance of 1.78f8:3 kpc from the Sun according to
parallax measurements of bright HoO masers (Burns et al., 2016). NIRS-3 harbors a ~ 20M, protostar,
as well as a rotating disk traced in thermal molecular line emission and a large-scale molecular outflow
seen in CO (3-2) (Zinchenko et al., 2015). VLBI observations of HoO masers have also revealed a
bow-shock type structure moving away from the central YSO (Burns et al., 2016).

Fujisawa et al. (2015) reported a CH3OH maser flare in NIRS-3, and follow-up observations were

done by Caratti o Garatti et al. (2017) using the Panoramic Near Infrared Camera (PANIC). They
observed the region in 1.65um (H-band) and 2.16um (K-band) and found a brightening of ~ 3.5 mag
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Figure 2.4: Left: K band observations of S255IR-NIRS3 at 2009, before the burst in the region. Right:
Ks band observations on 2015, showing the change in infrared radiation in the region due to the burst.
Figure from Caratti o Garatti et al. (2017).

and ~ 2.5 mag respectively compared to archival data from 2009. Figure 2.4 shows the infrared images
before and after the burst of NIRS 3. It shows a clear brightening of the centre of NIRS 3 as well as
the “red lobe” and “blue lobe” associated with bipolar outflows (Zinchenko et al., 2015). Caratti o
Garatti et al. (2017) also did spectroscopic observations in K band using SINFONI/VLT of NIRS-3 in
2016 and compared it to previous observations in 2007. New emission lines were excited, specifically
Na I and He I, which are associated with accretion bursts in LMYSOs (Audard et al., 2014). Further,
compiling data from various wavelengths, they found the peak of the Spectral Energy Distribution
(SED) to have moved significantly to longer (redder) wavelengths (Caratti o Garatti et al., 2017, 18
pum to 60um, Figure 3 of). This is consistent with the prediction of Meyer et al. (2019a) for accretion
bursts in HMYSOs. They calculated an accretion bolometric luminosity of AL,.. = 1.6J_r8:§ x 10°Lg,
by comparing the bolometric luminosities calculated from the SEDs before and during the burst. They
calculated a mass gain of ~ 3.4 x 1073 M, from the burst. They concluded this event to be an accretion
burst in a HMYSO caused by material falling onto the star due to disk fragmentation.

Many other observations were conducted during and after the accretion burst. Moscadelli et al.
(2017) observed 6.7 GHz CH3OH masers in the region with the European VLBI Network and the JVLA.
VLBI imaging showed that new bright CH3OH masers were excited ~ 700 AU (projected distance) from
the 5 GHz continuum peak, one old masing region disappeared and one region remained unchanged.
The change in the methanol maser peak implies a linear speed of around 0.02c. They concluded
that the change in the masers could not be due to physical gas motion, but was a propagation of
pumping conditions for the 6.7 GHz methanol masers. Uchiyama et al. (2020) did long-term IR K
band observations of NIRS-3 and constructed a time series of the IR radiation from November 2015
to March 2019. They found that the IR luminosity dropped quite sharply in the four years after the
burst, even dropping 0.3 mag below the pre-burst magnitude in 2019. Finally, Hirota et al. (2021)
did single-dish and VLBI 22 GHz H30O maser observations of NIRS-3 over seven epochs in 2017.
They calculated water maser proper motions, and found them not to be significantly different than
the pre-burst proper motions found by Burns et al. (2016), which is consistent with the picture that
water masers are collisionally pumped and would therefore only flare after mechanical energy has been
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injected from the burst into the bow shocks at the tip of the outflow. This would take more than 60
years. They also found mild variability in the water masers through the observing time, and attributed
it to the change in the radiative environment due to the accretion burst.

G358.93-0.03-MM1

(G358.93-00.03 (hereafter G358) was detected in 2006 in a 6.7 GHz methanol maser multibeam survey
(Caswell et al., 2010). The detection of 6.7 GHz methanol masers marked G358 as a region of HMSF
(Minier et al., 2003). In 2018, Sugiyama et al. (2019) detected a flare in the 6.7 GHz methanol
masers, which prompted follow-up observations with multiple instruments by members of the maser
monitoring organization M20?. Note that before the 2018 flare, the region was not well studied.
Follow-up observations during and before the flare proved to be remarkably productive. MacLeod et al.
(2019) conducted search observations with HartRAO of multiple CH;OH, OH, HoCO and H2O maser
transitions. They detected four new maser transitions in G358, with two of the transitions reported
for the first time in any SFR. Three of the observed transitions were found to flare contemporaneously,
and quickly. They found 22 GHz water masers to flare with a factor of ~ 45. They also observed the
region in near-infrared (NIR) with the Gamma-ray Burst Optical/Near-infrared Detector, and did not
find a NIR flare in the region.

Brogan et al. (2019) observed the source for the first time with (sub)millimetre interferometers
ALMA and SMA. They discovered 8 cores (MM1...MM8) with ALMA 0.89 mm emission. They did
not find any variation in the sub(mm) flux during two epochs of observation after the burst. Further,
they used their ALMA and Sub-millimetre Array (SMA) data, combined with other (sub)millimetre
and IR data to calculate a bolometric luminosity of 5700 — 22000L, for the whole G358 region. They
also discovered 14 new CH3OH maser lines in the frequency range of 199 to 361 GHz. The maser
positions traced an elliptical pattern around G358-MM1 (later confirmed to be the bursting source).

Chen et al. (2020a,b) discovered maser lines in ¥ CH3OH (isotopic methanol), HDO (water, with
one deuterium molecule) and HNCO. Interestingly, these maser lines disappeared within a month
after they appeared, but the group confirmed that these maser species traced spiral arms around a
core. They hypothesized that the spiral arms were caused by gravitational instabilities and are tracing
inward accretion flow onto the HMYSO. Another methanol maser study reported three torsionally
excited CH3OH maser lines (Breen et al., 2019). VLBI observations with the Long Baseline Array
of 6.7 GHz CH3OH masers by Burns et al. (2020) found that during the burst, the masers in G358-
MMI1 were destroyed and re-exicited at very high speeds > 4% of the speed of light. The authors
did not attribute the propagation of the masers to actual gas motions, rather they interpreted it as a
propagation of radiative conditions where the radiatively pumped Class II methanol masers can exist.
It was later confirmed with far infrared observations with SOFIA that G358 did in fact undergo an
accretion burst (Stecklum et al., 2021). They found that the SED for the source changed significantly
between their observation with SOFIA and previous observations with the Herschel Space Telescope.
They concluded that the G358 burst was much fainter and shorter than the bursts in NGC63341 and
S255IR-NIRS3.

M17 MIR and G323.46—0.08

At time of writing, there had been one more confirmed accretion burst (M17 MIR) and a possible but
unconfirmed accretion bursting source (G323.460.08) in the literature. M17 MIR is a region that has
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Table 11
Key Parameters of Six MYSOs with Accretion Bursts

Name d e hurst o AFr AF At Maser Flaring Note
(kpe) (10° L.) (10° L.) (10° L) (yr)

V723 Car 25 4 ~10 5 K> 129
$255IR-NIRS3 1.8 29 160 >10 2 2 CH:0H, H,O K>9
NGC 63341-MMI 13 2.9 476 16.3 3.9+06 >6 CH;OH, H,0 K-band invisible
G323.46-0.08 438 CH:OH K-band visible
G358.93-MM1 6.75 7.6 19.3 12.7 >2 <0.5 CH;OH K> 15
M17 MIR 20 1.4 9.0 1.4 > 10 ~2 %15 H,0 K>22

Figure 2.5: Comparison of different stellar parameters for recently observed accretion bursts in
HMYSOs from Chen et al. (2021). Note that there also was a flaring of OH masers in NGC63341
(MacLeod et al., 2018).

been shown to be variable in mid-infrared emission (Chen et al., 2021). Chibueze et al. (2016) studied
22 GHz water maser proper motion in the M17 cluster. They found outward proper motions indicative
of an expanding bubble with a dynamic timescale of ~12.5 years. The source of the water masers was
not visible in many infrared wavebands, except in the 4.5 and 5.8 um Spitzer wavebands. (Chen et al.,
2021) investigated this source further, looking into multi-wavelength archival infrared data from 1993
until the date of publication. In IR, they found two flux peaks, in 1993 and 2017. In 22 GHz water
masers, they found a similar flux density time series. They modelled SEDs for the source in 2005 and
2017 using the methods of Robitaille (2017). They found changes in stellar parameters comparable to
that in NGC63341. Another source that has been hypothesized to be an accretion bursting source is the
periodic methanol maser source G323.460.08 (Proven-Adzri et al., 2019). The reason for the author’s
hypothesis of an accretion burst was a sudden rise, as well as a decay, of the 6.7 GHz methanol masers.
Unfortunately, an accretion burst cannot be confirmed based only on maser time series data without
infrared or millimetre observations.

2.7.2 Simulations

A question relevant for this discussion is whether all the processes involved in the formation of high-
mass stars are the same as for lower mass stars. As discussed in Section 2.6, it is well established
that low-mass stars gain a significant portion of their initial mass during relatively short periods of
high-mass gain M relative to their quiescent periods. Simulations of primordial star formation, which
investigate the possibilities for the formation of the very first stars in the universe suggest that early
high-mass stars might also have had significant episodic accretion events (Stacy et al., 2010; Hosokawa
et al., 2016). Radiative hydrodynamic simulations of a 100 M, protostellar cluster of a single HMYSO
indicated that episodic accretion events in HMYSOs may be possible (Meyer et al., 2017). In there
simulations they found that accretion disks of HMYSOs may be prone to gravitational instabilities,
forming spiral arms, which in turn form clumps of material which loses their angular momentum
through gravitational interactions with the spiral arms, and ultimately fall into the protostar. The
simulations can be compared to the observations, to constrain the physical mechanism.

Figure 2.5 shows a table of basic burst parameters of six possible bursting sources from Chen
et al. (2021). Of the four confirmed and studied bursting sources, NGC6334I-MM1 had the highest
luminosity increase, a factor of 16.44+4.4 (Hunter et al., 2021). G358-MM1 was the least luminous
and the shortest burst, while the burst in NGC6334I-MM1 is ongoing. The mechanisms of thermal
instability, MRI combined with gravitational instability, and protoplanetary disruption was modelled
by Elbakyan et al. (2021) for a 15M, protostar using 1D disk modelling. They found that the thermal
instability and magneto-rotational instability scenarios produced too long duration bursts as well as
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Figure 2.6: A schematic of disk fragmentation through gravitational instability. Each panel shows the
density distribution in a simulation of a YSO at different times (shown above). Figure from Oliva and
Kuiper (2020).

too low M. On the other hand, they found that if a protoplanetary fragment of R, > 10 Jupiter radii
is in the accretion disk, then the tidal disruption by the fragment could produce the burst duration
and M consistent with the observations thus far. The results of Elbakyan et al. (2021) show that either
N-body interactions or gravitational instabilities are the main mechanism driving accretion bursts in
HMYSOs.

Hydrodynamic modelling of gravitational instabilities suggested that HMYSOs may gain up to
~ 50% of their initial mass in < 2% of their formation time in episodic accretion events (Meyer et al.,
2019b). They grouped episodic accretion events by calculating the accretion luminosity La.. as a
function of accretion onto the star M. They grouped bursts into 1, 2, 3 and 4 magnitude bursts by
isolating the times when the total luminosity (L. + Lacc) was 2.5, 2.52, 2.5% and 2.5% times the quiescent
accretion luminosity. From this grouping they found lower intensity bursts to be significantly more
common, and to last longer than shorter, brighter bursts.

In addition, it was also suggested that accretion bursts through gravitational instabilities happen
in HMYSOs in a range of physical conditions. A series of radiative hydrodynamic simulations with
various initial cloud masses M. and ratio of rotational-to-gravitational energies 8 found accretion
bursts to occur even for very low initial rotation energies (Meyer et al., 2021). An in-depth study
on the nature of the fragments and the disk of HMYSOs was done with high resolution radiative-
hydrodynamics simulations by Oliva and Kuiper (2020). Their simulation reached some important
conclusions regarding the nature of disk fragmentation. Figure 2.6 illustrates their results. They found
that disk fragmentation happens sequentially, first spiral arms are formed within the disk (third panel
of Figure 2.6, and then the spiral arms fragment. The spiral arms were found to fragment in two ways,
either through GI in a single spiral arm, or through GI induced by the collision of two spiral arms.
Measuring the Toomre parameter () as a function of time and space, they found the disk to be globally
stable, but sometimes locally unstable. Observationally, this has the consequence that observations
that do not resolve the spiral arms or fragments of a disk might find the disk to not undergo GI, even
if fragmentation is taking place at a smaller scale. Lastly, they also found the fragments to be highly
dynamic. Fragments could merge, destroy one another through close approaches, dissipate through
thermal expansion or even form their own disks, spiral arms and fragments. These results point to the
highly dynamical nature of HMSF, with changes over relatively short timescales.

It is important to note some serious simulation caveats. Firstly, none of the simulations mentioned
above included MHD effects in their treatment of the protostellar disk (Elbakyan et al., 2021, except).
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Figure 2.7: Left: An infrared image with the Spitzer Space Telescope of the NGC6334 protostellar
cluster. Right: An ALMA image of NGC6334l during the recent accretion burst. Credit: ALMA
(ESO/NAOJ/NRAO), T. Hunter; C. Brogan, B. Saxton (NRAO/AUI/NSF); GLIMPSE, NASA /JPL-
Caltech

This could have significant effects on the accretion history due to possible effects of magnetic braking
and MRI. Secondly, these simulations only take into account one disk in isolation. High-mass stars
form in clusters (Zinnecker and Yorke, 2007), so binary and N-body gravitational interactions would
definitely affect disk fragmentation of individual HMYSOs, which could change the burst regularity.
Other effects neglected include photoionization, photoevaporation of dust, chemical composition (which
could affect thermal cooling) as well as feedback and pressure due to stellar radiation.

2.8 Accretion burst in NGC63341

NGC63341 is found in the high-mass SFR NGC6334 (otherwise known as the Cat’s Paw Nebula). Fig-
ure 2.7 shows a multicolour infrared image of NGC6334 and a millimetre ALMA image of NGC63341.
NGC6334 contains multiple compact sources, named I, II, ..., V as well as I(N), north of I (McBreen
et al., 1979; Rodriguez et al., 1982). The brightest sources are NGC6334I and I(N), with both har-
bouring water masers and NGC63341 harbouring the UCHII region NGC6334F. NGC6334 contains
multiple H II regions, filaments and sub-regions at multiple evolutionary stages (Russeil et al., 2013).
The region contains multiple massive clumps, with masses ranging from 3 My — 6 x 103M,, at sizes
ranging from 0.1 pc to 1.0 pc (Munoz et al., 2007). Tigé et al. (2017) studied the distribution of MDCs
in NGC6334. They derived a lower mass limit for MDCs of 75 My and could confirm no starless
MDCs. This finding supports the hypothesis that the protostellar cores do not have their final mass
at the initial stages, but grow in mass over time due to mass inflow from the larger cloud. Chandra
X-Ray observatory observations indicate that the region harbours between 2 x 10* and 3 x 10* proto-
stars (Feigelson et al., 2009). The region harbours more than 100 OB (high-mass) stars (Russeil et al.,
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Figure 2.8: Time series for specific velocity components of various maser species in NGC63341 as seen
through long-term maser monitoring at HartRAO. The velocity components which were shown of each
species is described in the source of this figure, MacLeod et al. (2018).

2020). Atacama Pathfinding Experiment 345 GHz HCO™ velocity mapping indicated that the region
is undergoing global gravitational collapse, with the filaments observed in IR acting as mass reservoirs
(Zernickel et al., 2013). 70 — 500 pum Herschel Space Telescope observations revealed H II regions
play an important role in changing the morphology of the region (Russeil et al., 2013), with a central
filament with a line mass of ~ 500— ~ 2000M pc~! over 10 pc and a width of 0.154 0.05 pc, much
denser than the filaments observed in the Gould Belt (André et al., 2016). The region’s magnetic field
was also mapped and studied by (Arzoumanian et al., 2021).

The first interferometric image of the massive protostellar cluster NGC63341 (Chibueze et al., 2014;
Reid et al., 2014, d = 1.3 kpc) was done with the Submillimetre Array (SMA) at 1.3 mm by Hunter
et al. (2006). They identified four distinct millimetre cores in the field, which were later called MM1,
..., MM4 by other authors. MM1 is the brightest, and MM3 was associated with the UCHII region
NGC6334F. Later higher resolution 3 mm and 1.3 mm 2015 ALMA observations combined with 5
cm (C band), 1.5 cm (K band) and 0.7 cm (Q band) 2011 VLA observations by Brogan et al. (2016)
revealed up to nine millimetre cores, named MM1, ..., MM respectively. They also resolved the UCHII
region NGC6334F, some centimetre emission in MM1 and a previously undetected centimetre source
CM2. From the K band observations, they detected 22 GHz water masers in MM1, MM3, MM4 and
CM2, with the brightest masers in CM2. They also detected Class II 6.7 GHz methanol masers in
MM2 and MM3 indicating that these regions harbour high-mass stars or protostars. They did not
detect 6.7 GHz methanol masers in MM1.

On January 1st, 2015, multiple maser transitions of water, methanol and hydroxyl were found to
be flaring in NGC63341 due to long-term maser monitoring at HartRAO (MacLeod et al., 2018). They
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Figure 2.9: The difference in millimetre flux confirming the accretion burst. a) ALMA 1.3 mm contin-
uum from Brogan et al. (2016) of NGC63341. The regions MM1...MM4 are marked in the figure. The
colourbar next to the figure shows the flux densities corresponding to the colourscale. b)SMA 1.3 mm
continuum from Hunter et al. (2006). c¢) Image of a) convolved to the SMA beam. d) CASA simulation
of what SMA would have seen had it observed NGC6334I in 2015 based on c) as the sky model. d)
Excess in the emission between 2015 and 2008. The colourscale next to e) is the colourscale for b) to
e). The figure is taken from Hunter et al. (2017).

found flaring in 22 GHz water masers, 6.7 GHz, 12.2 GHz methanol masers and multiple hydroxyl
maser transitions. Certain transitions stayed in the flaring state until the last date of observation
in the publication (2018), such as 22 GHz water, 6.7 GHz methanol and 1665 MHz OH, while other
maser species monotonically decreased after the flare peak such as 6031 MHz OH, 12.2 GHz methanol
and other OH maser species. Figure 2.8 shows a time series of specific velocity components of various
maser species as observed by single-dish monitoring. The flaring maser species can be clearly seen, as
well as which masers stayed in the flaring state, and which decayed.

Hunter et al. (2017) reported that the dust continuum flux in MM1 was 4 £ 0.3 times more than
was observed with the SMA in 2008, as shown in Figure 2.9. To make sure the difference between
the flux measured by ALMA in 2015 and the flux measured by SMA in 2008 is a real difference, the
authors convolved the ALMA observations with an SMA beam. They then subtracted the continuum
maps of 2015 and 2008 from one another, and found a residual in MM1 alone. They interpreted this
increase in millimetre flux density as a possible consequence of an accretion burst in the source.

Extensive follow-up maser observations were done by Hunter et al. (2018) with C band VLA
observations, Brogan et al. (2018) with K band VLA observations and VLBI water maser observations
by Chibueze et al. (2021). Hunter et al. (2018) observed NGC63341 6.7 GHz water masers, as well as
excited OH (6.030 and 6.035 GHz) masers in 2016. Although 6.7 GHz methanol masers had not been
found in MM1 during previous 2011 observations (Green et al., 2015), new bright masers were seen in
MMI1 during the accretion burst. The methanol masers were seen to be distributed mostly outside the
40% level of the 1.3 mm dust continuum, possibly tracing the walls of an ejection cavity seen in the
1.3 mm continuum (Hunter et al., 2018). An ALMA thermal methanol 11(2)-10(3) (Ejower ~ 180 K)
map that they reported showed that quite a large area around MM1 and MM2 has quite a high gas
temperature Tgas > 180 K, which these authors used to explain the emergence of the new methanol
masers. Hunter et al. (2018) did not see methanol masers in the hottest regions, MM1A, MM1B and
MM1D. They attributed the lack of methanol masers to the high densities of the regions containing
HMYSOs.

Multi-epoch water maser observations of NGC63341 were done by Brogan et al. (2018) at epochs
2011, 2017.0 and 2017.8 with the JVLA. They found that the water masers in CM2 flared significantly
between 2017.0 and 2017.8 and that the water masers in MM1 dampened due to the burst. They
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also detected a North-South outflow in CS (6-5) molecular line emission. Recent VLBI observations of
water maser proper motions were done by Chibueze et al. (2021). They observed 22 GHz water masers
in NGC6334I during three epochs (2015.89-2016.01) with the VLBI array KaVA?®. They confirmed
the existence of a high-velocity protostellar jet inclined NW-SE of MM1B with an inclination angle
relative to the sky-plane of —2.340.3. This result implied that NGC63341-MM1 harbours four different
protostellar jets or outflows (also see Figure 1 of Hunter et al. (2021), tracing these outflows in SiO
and CS molecular line emission). Neither of these observations were done immediately before and after
the accretion burst.

3KaVA is a collaboration between the Korean VLBI Network (KVN) and the Japanese VLBI Network VERA. For
more information, see the instrument’s website. https://radio.kasi.re.kr/kava/

27


https://radio.kasi.re.kr/kava/

Chapter 3

Method

3.1 Introduction

This chapter describes the methods employed in this study. The theoretical basis for radio astronomy
and radio interferometry is introduced, and the procedures involved in interferometric data calibra-
tion. Section 3.3 describes central ideas related to single-dish radio telescopes, such as sensitivity,
angular resolution, beam patterns and antenna temperature. Section 3.4 introduces the concepts of
interferometer response, complex visibilities, the UV-plane, and the foundational theorem of radio
interferometry: the van Cittert-Zernicke theorem. Section 3.5 describes the measurement equation,
regridding in the UV-plane, and the CLEAN algorithm for imaging. The last section of the chapter,
Section 3.6, describes the steps used to calibrate and image the four datasets used.

3.2 The Radio Waveband

The radio waveband can be roughly defined as frequencies 10 MHz < v < 1.5 THz (Wilson et al.,
2013). The lower limit is due to the opacity of the ionosphere, which has a plasma frequency between
4.5 MHz and 11 MHz. There are also frequency ranges below 1.5 THz that are difficult to observe
with ground telescopes due to absorption by abundant molecules in the atmosphere, such as Na, O,
H20 and COs2. Absorption by water vapor can be partially mitigated by observing at higher altitude
in dry regions. Some frequency ranges can only be observed by getting outside the atmosphere with
space telescopes.

Radio telescopes are used to observe a wide variety of astrophysical objects. The nature of the
objects determines the kind of radio telescope to be used. One needs to take into account the fre-
quency at which to observe, the required angular resolution, and the sensitivity needed to detect the
object. The kind of object under study will also determine whether or not to do wide-band continuum
observations, or narrow-band spectral line observations. Lastly, some objects are variable in time, and
may require multiple observations over a certain period of time to achieve a specific scientific goal. All
of these requirements should be taken into account when planning observations with radio telescopes.

3.3 Single Dish Radio Telescopes

A radio telescope is any device used to intercept incident radiation of a cosmic origin, and translates the
detection into voltages over time. A radio telescope can either function as a radiometer, spectrometer
or polarimeter (Burke and Graham-Smith, 2014). A radiometer measures the total power over its
entire bandwidth for a polarization determined by the type of antenna. A spectrometer measures the
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frequency dependent power, with the bandwidth divided into smaller frequency bands. A polarimeter
is able to distinguish the relative intensities of radiation with different polarizations.

The most basic steps for radiometer inputs to be converted to voltages are signal amplification,
bandpass filtering, square-law detection and integration (Burke and Graham-Smith, 2014). Signal
amplification is an important step for radio telescopes, as very faint sources are observed. Common
ways to amplify the signals are with low-noise-amplifiers (e.g., Pospieszalski, 2012) or superconductor-
insulator-superconductor diodes (e.g., Tucker, 2009). After amplification, signal outside of the intended
bandpass is filtered out and sent through a square-law detector which averages the power P after
bandpass filtering over an integration time 7. The measured power P is directly proportional to the
system temperature Ty, (Nyquist, 1928):

P = kTyysAv (3.1)

where k is Boltzmann’s constant, and Av is the bandwidth of the filtered signal. This relation gives the
power that would be measured with a power meter over a resistor of physical temperature Tyys. Signals
with an integration time 7 should be sampled N = 27Av times according to the Nyquist-Shannon
theorem to keep all of the information on the signal (Nyquist, 1928). For any kind of detector, these
considerations lead to the following relation, which is called the radiometer equation (Thompson et al.,
2017):

Tsys

vV AvT

where o7 is defined as the sensitivity of a radiometer for a single observation, and C' > 1 is a factor
close to unity, depending on the kind of detector. Equation 3.2 with C' = 1 gives the minimum possible
noise level for radiometer outputs. Therefore, for increased sensitivity, either the system temperature
is lowered (e.g., by better cooling of detection and transmission components) or the integration time
or bandwidth is increased. Tgys is the sum of the instrumental noise, and signal from the astrophysical
source. Averaging ngns observations of the same time independent source with the same values of o
divides the sensitivity by \/nops (Kraus, 1966).

or=C (3.2)

The radiometer equation gives a lower limit on noise from an instrumental perspective, but it is
also important to ask what the lowest detectable flux density F' is from space. The sensitivity in terms
of flux density can be written as (Kraus, 1966):

2kC Tiys
_ 3.3
oF Ae VAT (3:3)

with A, the effective area of the receiver and the factor of 2k/A. arising from the units of flux density
(W m~2 Hz™!), and the factor of two due to the fact that only one polarization is observed by any
single receiver. Equation 3.3 gives a measure of sensitivity for any single-dish radio telescope. The A
is the area of the dish if corrections are made for imperfections in the reflective surface, or blockages
from arms holding receivers or mirrors. A, is always smaller than the real area of the reflector.

To quantify the angular resolution of a radio telescope, the concept of an antenna beam pattern
should be introduced. All radio antennas have a directional dependent gain, which is represented by
the beam pattern G, (0, ¢). The precise shape of G, (0, ) is governed by diffraction theory and the
geometry of the receiver. For example, a dipole antenna has a different beam pattern than a prime focus
parabolic dish. There are many possible antenna geometries for various astrophysical applications. In
this thesis, all observations were done with parabolic dishes, therefore only Gy, (6, ¢) for parabolic dishes
are discussed. Single-dish beam patterns consist of a main beam, which is the part of the beam that

29



is most sensitive to radiation, nulls, which do not measure any radiation, and sidelobes, which are less
sensitive to radiation. The importance of the beam pattern and its relation to the angular resolution
of a single-dish radio telescope can be shown by the argument below:

The brightness temperature distribution of a source Tg(6, ¢) related to the sky intensity distribution
1,(0, ¢) is defined by:

2k,‘TB (97 ¢)
1,(0,0) = e
where A is the wavelength of the radiation. 7Ty should be understood as the temperature a source
would have been if it was a blackbody radiating an intensity I, at that particular wavelength. It is
not necessarily representative of the physical temperature of the source. The antenna temperature of
a telescope with a gain pattern G, (6, ¢) observing a source with brightness temperature Tg(0, ¢) is
given by:

(3.4)

T, =52 / / To(6, )G (6, 6)d2 (3.5)

Equation 3.5 shows that the observed antenna temperature is a convolution of the beam pattern and
brightness temperature distribution. All information from the main lobes and side lobes are condensed
in a single data point for a single-dish radio telescope. For example, if the antenna is pointing at
the source, but the sidelobes are pointed toward another bright radio source (e.g., the ground, or a
source of radio frequency interference), then the voltage from the antenna will be a combination of
both signals. If G, (0, ¢) is well known, the real brightness temperature distribution Tg(¢, ¢) is then
well known from the observations. The angular resolution of a single-dish radio telescope is quantified
by the full width at half maximum (FWHM) of the main antenna beam. For a parabolic dish with
diameter D, the FWHM is given by (Wilson et al., 2013):

K
FWHM = f (3.6)

with K a factor of the order unity, which is dependent on whether or not the receiver is uniformly
illuminated. K is determined by whether the dish is a perfect parabola with no blockages in front
of the dish. This is almost never the case in practice, as the dish might deform due to temperature
changes, gravity or engineering errors. Different kinds of feeds in single-dish radio telescopes also block
the radiation, and reduce the resolution.

3.4 Basic Radio Interferometer Theory

This section introduces the mathematical background that underlies radio interferometry. An ideal-
ized two-element interferometer is introduced. The relationship between the sky brightness and the
interferometer’s response, which is grounded on the van Cittert Zernicke theorem, is then derived.
This section aims to derive many expressions from first principles and follows the discussions found in
Wilson et al. (2013), Burke and Graham-Smith (2014) and Thompson et al. (2017). This section gives
context for Section 3.5.1, which discusses calibration and imaging for radio interferometers.

3.4.1 Interferometer Response

See Figure 3.1, which represents two antennas observing a sky intensity distribution 7, (6,¢). The

antennas are pointing at the source centre 5y, and are separated by a baseline distance by = %, where

b is the projected distance between the two antennas from the perspective of the source in the sky.
The observation wavelength is . It is assumed that the antennas are only sensitive to signal within a
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Source centre

Figure 3.1: The basic setup for a single baseline of two antennas. Two identical antennas are separated
by a baseline vector by, pointing at a centre Sy. §is a direction displaced by a vector ¢ from the centre,
and df is a differential solid angle in the sky. Image from (Burke and Graham-Smith, 2014).

bandwidth Av around a centre frequency vy. The response of the interferometer to radiation from a
small patch of the sky with solid angle df2, in a direction §, displaced & from §y in the sky is derived
before the response from the entire sky is considered. Consider a plane wave going toward the antenna
from the direction of 5. The plane wave will reach the further antenna 7, seconds after it reaches the
b-§

closer antenna. 7y = 2% is the geometric delay due to the path length difference between the antennas.

The phase difference between the signals is given by ¢ = 2rv7, = 27rb_>: - 8.

If the antennas are only sensitive to a single frequency, the voltage measured by the closer antenna
can be written as Vg(t) = Vi pcos2mr(t) and for the further antenna Vi(t) = Vi gcos(2mv(t — 7g)).
The effect of a finite bandwidth Av is discussed in a subsequent paragraph. These signals are cross-
correlated with the cross-correlation function:

Ryy(7) = (x(t)y(t — 7)) (3.7)

with the brackets indicating time averaging, Ry (7) the cross-correlation, z(t) and y(t) are two time
series and 7 some delay. For two voltages, the cross-correlation will be given as:

Rrc(ty) = (2Vi oV gcos(27by, - 5)) (3.8)

antennas are not isotropic, and have an angle dependent effective area A(6, ¢) = \/Ar(0, ¢), Ac(0, ),
with Arp and Ac the effective area of the further and closer antenna respectively. This leads to the

following expression: _
Ryc(15) = A(8, ¢)Sycos(2mby - ) (3.9)
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where S}, is the flux density of the radiation from the sky. This shows that the cross-correlation
has a cosine dependence on the projected baseline l_)}\ - §. Equation 3.9 describes the response of the
interferometer that is like a gain pattern G, (0, ¢) for single-dishes. If the behaviour of Rpc is considered
over the whole sky, Rpc has angle dependent fringes with a width determined by the projected baseline
in wavelengths EA modulated by the beam pattern produced by effective area. This indicates that an
interferometer acts as a spatial filter in the sky plane. Lastly, the Fourier transform of the cross-
correlation is called the cross-spectrum power density Sy (v,0,¢) = A(0, $)S,exp(2imby - §), which is
the complex equivalent of Equation 3.9 (Burke and Graham-Smith, 2014).

All interferometers have a finite bandwidth Av. This means that radiation of different wavelengths,
and hence projected baselines, are cross-correlated into the interferometer response. Cross-correlation
over too wide a range of wavelengths will lead to a low correlation (which might cause the source to
be undetectable). Quantitively, for a bandwidth function Fg(v), the power density Syy is multiplied
by Fg. The response to the sky Rpc is multiplied by the Fourier transform of Fg. For example, if the
bandpass is square, the Fourier transform is a sinc function.

In summary, the response of an interferometer is given by the product of the primary beam A(6, ¢),
fringe pattern cos(2w5,\ - §) and delay beam Fp convolved with the sky intensity distribution over the
whole sky. The primary beam A(f, ¢) is comparable to a single-dish beam pattern. It is a complicated
combination of the beams of all the antennas in the array. The fringe pattern is Rpc as discussed
above, and the delay beam is the bandwidth function that is the Fourier transform of F3. The complex
visibility V is the result of this convolution. If the total response beam is Ax(6,¢) = A(0, ¢)FB(0, ¢)
then V is defined as:

V= |V]ei¢r = / An(3)](7)exp(—2inby - 3)dS2 (3.10)
47

Note that the effect of the fringe pattern is given in the exponential term. The following paragraphs give
a short argument for the van Cittert-Zernicke theorem (Wilson et al., 2013; Burke and Graham-Smith,
2014; Thompson et al., 2017).

See Figure 3.2, the (u, v, w) coordinates and (I, m, n) coordinates are defined in terms of the pointing
direction 5y. The (I,m,n) system consists of a plane tangent to the source in the sky. (I,m,n) are
direction cosines, where | = cosa, m = cosf, n = cosy. They are the components of a unit vector so
24+m?4n?=1-—=n=+1—-12—m2 The (u,v,w) coordinate system has units of wavelengths, defined
as the separation between the antennas in a number of wavelengths. w in terms of Right Ascension,
v in terms of Declination and w in terms of distance to the source. From these considerations, the
following terms can be derived (Thompson et al., 2017):

by - 5o

(ul—i—vm—i—w\/l 12 m2>

dldm

a0 = —2am
V1—12—m?2

If the source is in the far field w < V12 + m? and the size of the field is not too large, then V can be
written in terms of (I, m,n) and (u,v,w) coordinates:

Ax(l,m)I(l,m) —2im (ul4+vm)
V(u,v) / / gy g e dldm (3.11)
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Figure 3.2: Definition of the (u,v,w) and (I,m,n) coordinates. The u and v are the separations
between the antennas from the source’s perspective in units of wavelength. w is the distance to the
source in units of wavelength. (I, m) is the separation from the source in the sky, defined by the angles
«, 3, 8 which is the angle between s and the East, North and source direction respectively. Image from
Burke and Graham-Smith (2014)
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Equation 3.11 shows a Fourier relationship between the the visibilities in the (u,v) plane, the product
of the beam pattern, and the intensity in the (I, m) plane. This result is the foundation of radio inter-
ferometry and is a form of the van Cittert-Zernicke theorem. The aim of interferometric observations
is to accurately measure V(u,v), to take its Fourier transform, and then to deconvolve the beam Ay
from the sky intensity I,,.

3.4.2 UV Coverage

In interferometry, the term “UV coverage” is often used. UV coverage refers to the collection of
all baselines in the (u,v) plane for which visibilities have been measured. One projected baseline
corresponds to two points in the (u, v) plane, as visibility is complex, but a real value is measured, which
implies that its conjugate is also measured. The effective beam pattern in the sky of an interferometer
is the Fourier transform of the UV coverage. Therefore UV coverage can be seen as a spatial filter
for the sky brightness distribution. If an interferometer only has wide spacings, it has high angular
resolution, but is not able to measure extended emission. On the other hand, the angular resolution of
an observation goes roughly as A/bmax, where bpyax is the largest projected baseline. A procedure for
significantly improving the UV coverage is aperture synthesis. Aperture synthesis is the technique of
observing the source as the Earth rotates. This causes the (u,v) plane to be filled significantly better
than with a short observation.

3.4.3 Sensitivity
For an interferometer, the minimum possible sensitivity obtainable is given by:

B SEFD
Ner/Tpol N (N — 1)tin Av

Al (3.12)

with AT, the theoretical sensitivity, SEFD is the system equivalent flux density (in Jy), 7. is the
correlator efficiency, N the number of antennas, tin; the integration time (in s), npo is the number of
polarizations averaged and Av the channel width (in Hz).

3.5 Calibration and Imaging

This section offers a short discussion of possible sources of error in measurements of ¥V and how to
correct them. Thereafter, regridding of visibilities and the CLEAN algorithm for deconvolving the
interferometer response from the sky brightness distribution is discussed.

3.5.1 Interferometric Data Calibration

Data calibration is the process of accounting for non-source interference in the received signal. Interfer-
ometry requires very precise measurements of visibility amplitudes, phases and timestamps. The effects
that can affect the received signal are well quantified in the the Measurement Equation' (Hamaker
et al., 1996; Sault et al., 1996). The measurement equation is given by:

Vij = M;jBijGij DijEij Py T VIPPAL. (3.13)

Each matrix has components for each baseline (with ¢ the first antenna and j the second). This way of
setting up the calibration is often called antenna-based calibration where the corrections are done per

!This paragraph is also heavily influenced by the NRAO discussion on the measurement equation at https://casa.
nrao.edu/casadocs/casa-5.4.1/reference-material/the-measurement-equation-calibration.
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antenna. Vij is the observed visibilities, and ‘Z-?-DEAL is the “real” visibilities which the interferometer
would have measured if it was an ideal interferometer. Observing with an ideal interferometer would
mean that the visibility is the Fourier transform of the sky brightness sampled with the sampling

function Ax(6, ¢). To obtain the best estimate for ‘_/%-DEAL is the aim of data calibration.

The calibration steps can be grouped into a-priori, frequency dependent (bandpass), time dependent
(gain), polarization, and the absolute flux scale calibration. The frequency, time, polarization and
absolute flux calibration require observations of calibrator sources. These sources have well-behaved
emission with regard to the quantity that is being calibrated for.

A-priori calibration does not require the measurement of calibrator sources, and is usually done
before the other calibration steps. This part of the calibration procedure would require the following
terms: T;; are polarization independent terms caused by the troposphere. F;; is parallactic angle
changes due to the antenna’s orientation in terms of the sky, which affects how polarization components
are measured. F;; are antenna efficiency effects. T;; and E;; contain corrections for atmospheric or
ionospheric opacity, as well as the altitude dependent gain effects of the antennas. For high frequency
observations, these steps can also include corrections for system temperature measurements or water
vapour (e.g., in the case of ALMA).

The bandpass calibration term B;; concerns the fact that a spectrometer does not necessarily have
an equal gain in all frequencies in the bandwidth. The bandpass calibrator that is observed is typically
a point source with a flat spectral index. In calibration, the deviations from a flat spectral index are
seen as instrumental effects and are subtracted from the target source. The bandpass calibrator is
typically observed after the observation has completed.

The gain calibration term G;; concerns the instrumental or atmospheric time variability of the
visibility amplitudes and phases. The gain calibrator is observed regularly between observations of the
target. There are three main requirements for a gain calibrator source. Firstly, it must be close to
a point source at the resolution of the observation. Point sources have zero phases for all baselines,
so deviations from zero for the gain calibrator are seen as extrinsic to the source. Secondly, the gain
calibrator should not change its brightness in the course of the observation, as it is also used to correct
possible errors in the amplitude over time. Lastly, it should be relatively close to the target source, so
that it can be assumed the non-source input is the same between the calibrator and target observations.

The absolute flux correction is a correction on the visibility amplitudes or phases. Rather, it is
a scaling factor between the instrumental visibility amplitudes and flux density. At the end of an
observation, a source with a known flux model at the observing frequency is observed. A scaling
factor for each baseline is calculated so that the final maps can be in terms of flux density. D;; is
the polarization response of the feeds. The polarization corrections are outside the scope of this work.
Lastly, M;; is non-closing errors, which are consequences of the antenna-based calibration, rather than
baseline-based calibration.

This equation describes what should be corrected for any interferometric observation. Not all these

matrices need to be considered for each observation. After the visibilities have been corrected with
calibration, they are ready to be prepared for imaging.

35



3.5.2 Preparing the Fourier transform

The most efficient way of calculating the Fourier transform of a calibrated visibility function V is with
the Fast Fourier Transform (FFT, Cooley et al., 1969). The requirement for the FFT is that the
visibility function be evenly spaced. Therefore the data required regridding. V is regridded in the
following way (Wilson et al., 2013):

V' (u,v) = Ml(u, v){G(u,v) @ V} (3.14)

with V the visibilities measured on the irregular grid u;,v;, G(u,v) is a convolving function that must
be chosen, ® is the convolution operator and III(u,v) is the Sha function (Equation 9.31 of Wilson
et al., 2013). This gives regridded visibilities V' in terms of the regridded coordinates ug,vi. The
Fourier transform of V' can then be written as (Wilson et al., 2013):

In(l,m) = g(ug, vi)V (ug, vg e 2mttonm) (3.15)
k

with Ip(l,m) the “dirty image” of the sky intensity distribution and g(ug,vi) a weighting function.
The weighting function can have an important effect on the kind of image obtained. There are three
kinds of weighting: uniform, natural and robust. Uniform weighting has g(ug,vr) = 1/Ng(k), where
N, (k) is the number of measurements within a grid cell size in the (u,v) plane. Natural weighting uses
g(ug,v) = 1 and robust weighting is described in Briggs (1995). Uniform weighting leads to a high
angular resolution and lower sensitivity than natural weighting, while robust weighting is in between
the two according to a robust parameter. For example, in CASA, the parameter ranges between
—2 and 2, where —2 and 2 correspond to uniform and natural weighting respectively. The gridding
function also affects the point spread function (PSF), which is the Fourier transform of the regridded
and weighted. It is given by:

Pp =Y glug, vy)e 2musttoem) (3.16)

k

The PSF can be seen as a transfer function that changes the image, it is also known as the “dirty
beam”. The dirty image In(l,m) is then the first approximation of the real sky distribution I(l,m).

3.5.3 Imaging

The most common algorithm for a final approximation of I(l,m) by deconvolving the dirty image
and the dirty beam is the CLEAN algorithm. The algorithm was invented by Hégbom (1974). The
following discussion follows Wilson et al. (2013) and Thompson et al. (2017). The CLEAN algorithm
runs as follows: After the dirty image Ip(l,m) and the PSF Pp(l,m) are calculated, the algorithm
models I(l,m) as a collection of point sources with positive intensity at positions (I;,m;) according to
the following equation:

I(t,m) =Y Ai(li, mi) Po(l = Liym — my) + Ie(l,m) (3.17)

with I.(l,m) the residual image which is a measure of the image noise. This is done by identifying
n brightest points in Ip(l,m) and subtracting each point multiplied with the loop gain 0 < v < 1
and Pp. These points are subtracted until the algorithm has made n iterations or the amplitude of
the point sources reaches the RMS value of the image. The collection of these points is then stored
in a “model image” by convolving the points with a Gaussian with a FWHM equal to the FWHM of
Pp(l,m). Often one iteration of this process is not enough, and many “major cycles” following the
steps in this paragraph are repeated, until the residual image consists only of random noise. Lastly,
the final model and residual images are added together to make the final image. In the next section,
the steps taken to calibrate and image the data reported in this thesis are discussed.
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Epoch Observation Date Decimal Date Phase Centre Ry
R.A. (J2000) Decl. (J2000) (kms™1)

1 19 Sep 2014 2014.72 17713™m09%.9415 —35°47'02".200 0.42
2 25 Nov 2014 2014.90 17"13™09°.9415  —35°47'02".200 0.42
3 31 Jan 2015 2015.08 17h20m53%.440  —35°47'02".200 0.42
4 14 Apr 2015 2015.28 17720™M53°.440  —35°47'02".200 0.40
) 17 Nov 2015 2015.88 17"20m53%.378  —35°46'55".847 0.42
6 09 Feb 2016 2016.11 17720m53%.367  —35°46/56".930 0.42
7 12 Mar 2016 2016.19 17"20m53%.367  —35°46'56".930 0.42

Table 3.1: Summary of VERA observations, containing the dates of each observation, the phase
tracking centre and the spectral resolution Ry .

3.6 Data reduction

The data used in this thesis consist of four results: Firstly, 2014 — 2016 multi-epoch K band VLBI
observations with VERA, which has been calibrated and imaged by T. Hirota. For completeness, the
calibration and imaging procedure is described in Section 3.6.1. Secondly, 2019 C band spectral line
observations with JVLA were extracted from the archive and were calibrated and imaged by the author,
as described in Section 3.6.2. Two published continuum images were also used in this thesis. 2015.6
1.3 mm ALMA continuum from Hunter et al. (2017) and 2016.9 5 cm JVLA continuum from Brogan
et al. (2018). The technical setup and calibration procedure for these images is described briefly in
Sections 3.6.3 and 3.6.4.

3.6.1 VERA Multi-Epoch K Band Spectral Line Observations
About VERA

VLBI Exploration for Radio Astrometry (VERA) is a VLBI array that consists of four 20m antennas
(Iriki in Kagoshima, Mizusawa, Ishigaki-jima and Ogasawara) in Japan (Kobayashi et al., 2003). One
of VERA’s science goals has been to accurately measure parallaxes to water maser sources, to get an
accurate distance model of the Milky Way (VERA Collaboration et al., 2020).

Observations

Seven epochs observing NGC63341 were done with the VERA telescope to observe masers of the
22.23501 GHz water transition. Information on the date, phase tracking centre and spectral resolution
of the observations is shown in Table 3.1. All observations were done with all four 20m VERA antennas.
NRAOb530 was used as a phase and bandpass calibrator and J1713-3418 was used as an absolute flux
calibrator. The data from each of the antennas were correlated at the Korean-Japanese Correlation
Centre (Lee et al., 2015). The author of this thesis would like to acknowledge T. Hirota for calibrating
and imaging the dataset used in this study. The paragraphs below contain a short description of the
calibration procedure of the data, followed by the steps taken to the positional uncertainty for the
water masers.

AIPS Data Reduction

Data calibration and imaging were done with the Astronomical Image Processing System (AIPS) (van
Moorsel et al., 1996). As discussed in Section 3.6.2 of Chapter 3, calibration is the procedure of
correcting the observed visibilities with certain algorithms and calibration observations. Calibration
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with AIPS works with the use of different kinds of tables. For example, calibration corrections is
stored in calibration (CL) tables, bandpass information is stored in BP tables, source information from
observations are stored in SU tables and complex gain solutions that were calculated with calibration
sources are stored in SN tables. These different tables are then applied to the source (SU) tables before
imaging.

To begin the data calibration, the visibilities were first loaded onto the computing system with
the AIPS task FITLD. The task ANTAB in conjunction with APCAL was used to generate a calibration
table that corrects the visibility amplitudes based on variations in the antenna temperatures of the
different antennas. Thereafter, the task ACCOR was used to correct for errors due to the correlator.
The antenna temperature and correlator corrections were merged with the task CLCAL. The frequency
dependent (bandpass) calibration table was generated with the task BPASS. Corrections on the phases
of the complex visibilities were done with the task FRING. The antenna temperature, correlator errors,
bandpass and time dependent phase corrections were applied to the NGC63341 dataset with the task
SPLAT. Thereafter, the absolute flux calibration was done with SETJY and the doppler corrections were
done with CVEL. Self-calibration” was also done with FRING using the channel containing the strongest
emission as a reference. The corrections from the self-calibration were then applied with SPLAT.

The deconvolution with the CLEAN algorithm was done with the task IMAGR. IMAGR requires
the pixel size (in square arcsec), the number of pixels, and the number of CLEAN iterations to be
specified. IMAGR then produces an image cube, with the intensities (in Jy beam™!) as a function of
position in space (R.A. and Dec.) and radial velocity (kms~!). To produce the water maser maps,
the AIPS task SAD (Search and Destroy) was used to fit 2D Gaussians to the image cube to get the
positions, intensities and radial velocities of the water maser spots. These positions, intensities and
radial velocities were written into text files for use in the steps described in the following sections.

Positional Uncertainties

The relative uncertainty in Right Ascension and Declination was calculated with the following expres-
sion:

BW
SNR
with Afiom the formal uncertainty of a single 2D Gaussian fit in Right Ascension and Declination,
BW is the beamwidth at those coordinates and SNR is the signal to noise ratio of the single 2D
Gaussian fit. The formal uncertainty was overestimated by a factor of four to increase the reliability
of the results. The beamwidth cannot be deduced a-priori, and must be calculated for each individual
observation. The beamwidth was estimated as follows: Chibueze et al. (2014) report a synthesized
beam size of “~ 1.3 milliarcseconds” for 22 GHz VERA observations toward NGC6334I(N), with the
same observational setup as ours. NGC6334I(N) is very close to NGC6334I, so the beam sizes are
assumed to be the same between the two observations. The 1.3 mas beam size likely refers to the
smaller beam size, in Right Ascension. Due to VERA’s position in the northern hemisphere and
the —30° Declination of NGC63341 (and NGC6334I(N)), the beam is elongated in the Declination
direction. Chibueze et al. (2021) report a beam size of 2.48 mas x 0.97 mas for the first observation
with KaVA. It was assumed that KaVA has the same ratio of the beamwidth between Right Ascension
and Declination of 2.556 as the VERA observations. That leads us to an estimated beamwidth of
1.3 x 3.3 mas for the seven observations with VERA. These values of the beamwidth were used to
estimate the positional uncertainty. The ratio between the peak intensity value and its uncertainty

Ao = 2 (3.18)

2See Section 3.6.2 of Chapter 3 for more information on self-calibration.
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was used to estimate SNR. The values for BW and SNR described above were then used with
Equation 3.18 to estimate the relative positional accuracy of each 2D Gaussian fit.

3.6.2 JVLA C Band Spectral Line Observations
About the JVLA

The Karl Jansky Very Large Array (JVLA) consists of 27 25m antennas connected to act as an
interferometer in the plains of San Agustin in New Mexico®. The antennas are positioned in a “Y”-
shaped formation, with four configurations A—D. The antennas are on rail tracks, which allow changes
in the size of the “Y”-shape, which in turn changes the UV coverage. The A configuration is the most
extended, with the furthest baseline extending 36 km (angular resolution ~ 0.04 arcsec), to maximize
angular resolution, while the D configuration has a maximum baseline of 1 km (angular resolution
~ 0.2 arcsec), to maximize sensitivity to extended emission. The JVLA is a connected array, which
means that the data are correlated on-site, and not recorded for individual antennas and correlated
later as in VLBI. The frequency range of a specific JVLA observation is specified by the observing
band. Some important bands for star formation research are the L-band (1.0 — 2.0 GHz), C-band (4.0
— 8.0 GHz), X-band (8.0 — 12.0 GHz) and K-band (18.0 — 26.5 GHz) depending on the specific science
goal.

Data Extraction

Recent C band archival data® were extracted from the Karl Jansky Very Large Array pointing at
NGC6334I with a phase center (a,d) = (17h20m53.3s,—35°47'00”) on 19 August 2019. The data were
extracted to image 6.7 GHz methanol masers. The principal investigator for this observation was
T.R. Hunter. Table 3.2 shows the parameters for the observation. The 2019.6 data was calibrated
and imaged using the Common Astronomy Software Applications (CASA, THE CASA TEAM et al.,
2022).

Calibration

The datasets were calibrated by a script written by the author of this thesis based on JVLA standard
calibration procedures. In summary, the calibration procedure proceeded as follows:

1. Data loading and initial a-priori flagging.

2. Generating a-priori calibration tables and setting flux models.
3. Frequency dependent bandpass calibration.

4. Time dependent gain calibration.

5. Absolute flux calibration.

6. Post-calibration manual flagging.

7. Correcting for the bandpass spectral index.

8. Rerunning steps 3—6.

9. Applying the calibration tables to the target source.

3The information in this section is from the JVLA’s official website: https://public.nrac.edu/telescopes/vla/
4The VLA archive can be found at: https://archive.nrao.edu/archive/archiveproject.jsp
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Parameter C Band Spectral C Band Continuum mm Continuum

Project code 19A-256 16B-402 2013.1.00600.S
Observation date(s) 19 Aug 2019 19 Nov 2016 29 Aug 2015
Epoch 2019.6 2016.9 2015.6
Configuration A A C32-6
Time on source (min) 269 58 49.3
Number of antennas 27 7 32
FWHM of primary beam (’) 7 7 0.4
Frequency Range (GHz) 42 —12.2 4 -8 220 — 238.76
Polarization products dual circular dual circular —

Gain calibrator J1717-3342 J1717-3342 J1717-3342
Bandpass calibrator J1924-2914 J1924-2914 J1733-1304
Flux calibrator 3C286 3C286 Titan
Spectral windows 87 32 7
Channel spacing (narrow, wide kHz) 0.977, 1000 1.953, 1000 -
Total bandwidth (GHz)?* 8.4 3.9 3.047
Proj. baseline range (k\) 4.6 — 980 4.6 — 980 11 — 1140
Robust clean parameter 0 -1 -1
Cont. Resolution (”x” (P.A. °)) — 0.63 x 0.14 (—2.9)  0.20 x 0.15(—80)
Cont. RMS noise (mJy beam™1!) — 0.022 1.2
Line resolution ("x” (P.A. °)) 1.23 x 0.64 (1.79) - -

Line channel width (km s=1) 0.088 - -

Table 3.2: Description of the observation parameters for the connected array observations used in this
thesis. ®For the ALMA observation of Brogan et al. (2016), it was difficult to find line-free channels,
the 3 GHz bandwidth is calculated by the number of line-free channels. More description is given in
the text.
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These steps are described in more detail in the following paragraphs.

For the C band data, the log file was downloaded from the National Radio Astronomical Observa-
tory’s website’. The log files contained information on antennas that were not in use. Thereafter, the
observation files were generated by the listobs task in CASA, which lists specific information about
the different sources and spectral windows. From the observation and log files, bad antennas, edge
channels, system configuration spectral windows and configuration scans were flagged. The shadowing
of antennas® and the first 10 seconds of each scan were flagged using the CASA flagdata task. The
frequency data were smoothed using the hanningsmooth task, which calculates a running average in
both phase and amplitude. This halves the spectral resolution, but removes Gibbs ringing, an artifact
of strong spectral features. Hanningsmooth creates a new measurement set which was used for the
remainder of the calibration.

The antenna position, gaincurve’ and atmospheric opacity corrections were calculated with the
gencal task. The flux model for the flux calibrator 3C286 was set with the setjy task. Before solving
for frequency dependent effects, the geometric delay correction was calculated with gaincal on the
bandpass calibrator J1924-2914, remembering to apply the previous calibration tables when calculat-
ing the correction. Thereafter, time dependent phase corrections were calculated for the bandpass
calibrator with gaincal with short averaging times, to correct for short-term phase variations due to
the atmosphere and electronic gain variations. These tables were then used in conjunction with the
bandpass task to calculate frequency dependent solutions for both phase and amplitude. These tables
were then applied to the bandpass calibrator to see if the solutions were correct. Additional flagging
was done either through the interactive flag tool in plotms or done with flagdata.

Solving for the time dependent corrections was done by using gaincal on the gain calibrator J1717-
3342. The gain calibration involved solving for phase solutions, with short averaging times followed
by amplitude and phase solutions, averaged over each scan. The absolute flux calibration was done by
running fluxscale on the amplitude phase calibration table, using the flux calibrator as a reference.
This fixed the flux values to be in units of Jy. After the above-mentioned calibration steps, the a-priori,
bandpass, gain and flux calibration solutions were applied to all three calibrators. More bad spectral
windows, baselines and scans were identified and flagged.

The bandpass calibrator had a significant spectral index over the total bandwidth, and this spec-
tral index had to be corrected. This was done by running fluxscale on the gain calibration table
transferring the flux scaling from the flux calibrator (with a known flux model), to the bandpass cali-
brator. This made a flux model of the bandpass calibrator. The bandpass calibrator flux model could
then be set to the bandpass calibrator visibilities using setjy. The calibration procedure was rerun
from the bandpass calibration to the absolute flux calibration, with the new bandpass calibrator flux
model taken into account. This ensured that the spectral index of the bandpass calibrator does not
introduce an artificial spectral index to the target data. Finally, the calibration tables were applied
to the target source. The different narrow band spectral windows and the continuum were split into
separate measurement sets using split to ease processing in the next steps.

5From http://www.vla.nrao.edu/cgi-bin/oplogs.cgi

SWhen the beams of antennas in the array overlap with neighbouring dishes, blocking signal from the sky.

"The elevation dependence of the antenna gain. This is especially important for low elevation sources, or long obser-
vation times where the atmospheric optical depth is either large or variable respectively.
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(a) SEFD for the low frequency bands of the JVLA. (b) SEFD for the high frequency bands of the JVLA.

Figure 3.3: SEFD for the low and high frequency bands of the JVLA.

Self-Calibration

Self-calibration is an iterative process of further improving the quality of an image by extracting resid-
ual delay and amplitude solutions from a bright point source in the target data. The gain calibration
in CASA has to be done with gaincal, specifying the type of calibration (amplitude or phase or both),
averaging time for the solutions t;,¢, the reference antenna, and the minimum signal to noise for accept-
able solutions. A typical procedure for self-calibration involves calculating consecutive phase solutions
with shorter integration times, applying the previous solution to calculate the newest solutions. The
initial ¢;,; is a very important parameter to calculate. Using the radiometer equation, Equation 3.12,
the required integration time was calculated. For successful self-calibration Al should be less or equal
to a third of the flux density of the maser used for the self-calibration. The SEF D is given by Figures
3.3a and 3.3b.°

For 6.7 GHz, SEF D ~ 255 Jy. The following values were used to calculate ¢ for self-calibration.
For 8-bit correlators, . = 0.93, and in this observation two polarizations were observed. The N and
Av are given by their corresponding entries in Table 3.2. The bright channel at —10.31 kms™! with a
peak of 6 Jy was used for self-calibration. Therefore, the integration time ¢ > 73s. Self-calibration
tables were calculated for integration times from 90s down to 6s. The procedure was to calculate the
solution table for a given ¢, with gaincal using the bright channel as a reference. The solution table
was applied with applycal. The corrected data were imaged with tclean, which saved the image
visibilities to the model data column. Then the solution table was calculated again with gaincal,
using a shorter tiy,y and the procedure was repeated. The self calibrated images were stored, with
corresponding numbering. The self-calibration step with the highest dynamic range (peak flux/non-
signal RMS) was applied for the final image. For 6.7 GHz, only one self-calibration phase solution was
optimal.

S8Figures 3.3a and 3.3b is based on the NRAO discussion on their website: https://science.nrao.edu/facilities/
vla/docs/manuals/oss/performance/sensitivity
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Imaging and Fitting

The images were then made with tclean. The important parameters for imaging were the image
size, pixel size, spectral mode, weighting mode, flux threshold and iteration number. The image size
is the number of pixels in the image. The size is arbitrary, and should optimally only contain the
instrument’s field of view. An image size of 480 pixels x 480 pixels was used. The pixel size is the
angular size of individual pixels. The pixel size should be such that there are three to five pixels in
one beam. In C band, A configuration, the JVLA has an angular resolution of roughly 0.33 arcsec’.
The resolution of our observation could deviate from this estimated value, as it depends on the source
elevation, specific frequency and the weighting of the image. Therefore a pixel size of 0.066 x 0.066
arcsec was used. The spectral mode specifies how tclean handles the frequency axis. For continuum
images, the images are averaged over frequency with the multi-frequency synthesis “mfs” option. For
spectral line observations, each frequency channel should be imaged separately. The option “cube”
of tclean also ensures the Doppler correction of the image is done if the rest frequency of the image
is specified. The rest frequency was specified as 6.668564 GHz, which is the rest frequency of the
methanol masers (Cragg et al., 2005).

The weighting mode determines how individual visibilities are weighed when regridding the uneven
UV-coverage to an even grid for the FFT. For weighting, the robust weighting was used and a robust
parameter of 0 was chosen for this observation. The flux threshold specifies the maximum residual flux
at which the cleaning algorithm should cease. It can be changed either interactively or in the cleaning
process. Importantly, the flux threshold should not be lower than the RMS of the residual images,
as the clean algorithm may then store erroneous flux in the final model image. The iteration number
is a different stopping criterion than the flux threshold, as it is the measure of how many iterations
the algorithm should complete before ceasing. It is best to have a reasonable flux threshold rather
than to stop with an iteration number. This flux threshold would correspond to three times the RMS
outside of the signal and side lobes in the brightest channel. Misjudging the iteration numbers may
cause tclean to store noise in the final cube, reducing the image quality. tclean was used to image
the 6.7 GHz methanol masers. The final result was a model image of the maser emission containing
the intensity of emission as a function of position for each channel. The final image parameters of each
image are described in Table 3.2. The images produced by CASA were exported using exportfits
as FITS files, which could then be used on a home computer by importing the FITS image in CASA
with importfits.

Some Observation Caveats

The continuum for this observation was also calibrated and imaged, but the faint centimetre jet was
not detected due to dynamic range restrictions caused by the bright UCHII region MM3. Therefore,
the 2019 JVLA continuum is not reported in this thesis. Lastly, there was an error in calculating the
flux densities of the methanol masers. How this is known, and how it, the flux densities, might have
been incorrectly calculated is discussed in Section 5.4.1. The intensities of the methanol masers are
therefore not reported.

9As per the NRAO page on resolution of JVLA: https://science.nrao.edu/facilities/vla/docs/manuals/oss/
performance/resolution
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3.6.3 ALMA 1.3 mm Continuum
About ALMA

The Atacama Large (Sub)Millimetre Array (ALMA) is a 66-antennas interferometer stationed at Cha-
jnantor in the Atacama Desert in Chile. The instrument consists of 54 x 12m antennas, and 12 X 7m
antennas, with baselines ranging from 150m to 16 km. In the most compact configuration, the angular
resolution ranges from 0.5” at 950 GHz to 4.8” at 110 GHz. In the most extended configuration the
angular resolution ranges from 20 mas at 230 GHz to 43 mas at 110 GHz. ALMA has ten frequency
bands planned, with operational bands within 84 — 950 GHz at time of writing'".

Calibration and Imaging

The original description of the calibration and imaging for the 2015.6 ALMA 1.3 mm continuum is given
in Brogan et al. (2016). The observational setup is described in Table 3.2. The data were calibrated
with the CASA calibration pipeline (version 4.3.1). Brogan et al. (2016) did not give information on
most of the the specific steps of the calibration with the pipeline. It is therefore assumed that the
calibration proceeded with the standard steps found in the reference manual''. The following steps
were likely followed:

First the task hifa flagdata flagged data manually specified by the user, autocorrelation data
(individual antennas correlated with themselves), shadowed antennas, and channels at the edges of
spectral windows. Thereafter the task hifa fluxcalflag was run, which flags known spectral lines
from the flux calibrators if the flux calibrator is a solar system object. The task hifa rawflagchans
flagged bad data points in the raw visibilities automatically. The reference antenna was identified and
stored with the task hif refant.

ALMA observes at high frequencies for a radio telescope, which can cause the antennas to have high
system temperatures Ty relative to the astronomical signal. Therefore, Ty is continually measured
for ALMA data. The task hifa tsyscal derives and applies the calibration table from the Ty
measurements. Data points with bad Tiys tables are then flagged with hifa_tsysflag. Radio emission
at ALMA observing bands is also affected by absorption and emission due to water spectral lines. A
continual measurement is made with a Water Vapour Radiometer (WVR) to be able to account for
this effect. The task hifa wvrgcalflag generates calibration tables based on the WVR data, applies
the table to the visibilies, flags visibilities with unreasonably high phases for calibrators, and checks
whether the WVR, step has improved the visibilities. If yes, it applies the WVR table to the data.

antennas with unusually high or low gains compared to the other antennas are then flagged with
hif lowgainflag. The flux density model is then set with hif setjy and the bandpass calibration
table is generated and applied with hifa bandpass. A spectral window map from narrow spectral
windows to wider spectral windows was generated with hifa_spwphaseup. This is valuable if calibration
tables cannot be generated from specific spectral windows, then an interpolated calibration solution
is applied from other spectral windows to this spectral window. hifa gfluxscale derives the flux
densities of the gain calibrators to test whether the flux calibration was correct. In the case of Brogan
et al. (2016), the flux density of the bandpass calibrator J1733-1304 was within 2% of the expected
value. The time dependent amplitude and phase corrections were calculated with hifa timegaincal

0From https://www.eso.org/public/teles-instr/alma/receiver-bands/.
“The reference manual can be found at: https://almascience.eso.org/documents-and-tools/
alma-science-pipeline-quickstart-guide-for-casa-4.3.1.
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and all previous calibration tables were applied with hif_applycal. A list of all the images that had to
be imaged was made with hif makecleanlist and initial dirty images were made with hif _cleanlist.

Creating line-free continuum images at 1.3 mm was not straightforward, as both MM1 and MM2
in NGC6334I contain line emission from complex organic molecules. Brogan et al. (2016) imaged the
region for each spectral window with both the continuum and spectral line emission. They wrote a
script that identifies a channel as line-free for a specific threshold, and then only imaged these spectral
windows with the line-free channels. This caused the “continuum” bandwidth to be only 3.047 GHz.
The final images were then made with the multi-frequency synthesis, accounting for a possibly linear
spectral index. The images were also cleaned with scales of [0, 5, 15] pixels. The images were then
iteratively self-calibrated and the final images were corrected for effects from the primary beam.

3.6.4 JVLA C Band Continuum

The observational setup of the 2016.9 JVLA 5 cm continuum observation is given in Table 3.2. The
original description of the calibration and imaging of the dataset described in this section is given in
Hunter et al. (2018). The data were calibrated with a copy of the VLA pipeline script. The calibration
and imaging steps are similar to those described in Section 3.6.2. The pipeline follows a standard
procedure'?. First the pipeline converts the observation data into a measurement set and applies
Hanning smoothing to the data. After that, the initial flagging is done of shadowed antennas, and
the edge channels of bands. Hunter et al. (2018) disabled the automatic radio frequency interference
flagging step so that strong maser lines are not flagged. Thereafter, the flux density model for the
flux calibrator is loaded. A-priori calibration tables were created, and the initial delay and bandpass
calibration tables were created. Time dependent gain calibration is then done, followed by correction
for a possible spectral index in the bandpass calibrator. The final delay, bandpass and time dependent
gain calibration tables are calculated and applied to the target data and statwt is used to calculate the
weights of the data. A bright 6.7 GHz methanol maser channel in the data was used for self-calibration,
which improved the dynamic range of the continuum images. The images were cleaned with scales of
[0, 5, 15] pixels to produce the final images.

12A description of the procedure and further information can be found at https://science.nrao.edu/facilities/
vla/data-processing/pipeline/scripted-pipeline
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Chapter 4

Results

4.1 Introduction

This chapter presents the main results of this thesis. Section 4.2 describes the 1.3 mm ALMA and 5
cm JVLA continuum images. Section 4.3 describes the 2014 — 2016 VERA observations of 22 GHz
water masers. The water maser observations follow on those reported by Brogan et al. (2018) and
Chibueze et al. (2021). The observations reported in this thesis have the benefit of being both before
and during the accretion burst, whereas the previous observations were only during the accretion burst.
Section 4.4 describes the proper motions derived from the water maser maps. The methodology used
in proper motion calculations are introduced, and the pre-burst and post-burst proper motions as
derived with the spot and spectral methods are described. The differences and similarities between
these two methods are also discussed. Section 4.5 describes the spatial distributions of the 2019 JVLA
observation of 6.7 GHz methanol masers. Section 4.6 summarizes the key findings of this chapter.

4.2 Archival Continuum Images

Figure 4.1 shows the 2015.6 ALMA 1.3 mm continuum image (left) of NGC6334I from Brogan et al.
(2016) and the 2016.9 JVLA 5 cm continuum image (right) from Brogan et al. (2018). The images
have a logarithmic scale in intensity to show faint emission more clearly. In both panels the linear
scale is shown in the top left. The beam sizes are shown in the bottom right. The locations of the
largest millimetre regions MM, ..., MM4 are shown in white. The locations of individual cores within
these regions are shown in red, with the nomenclature of Brogan et al. (2016). The subsections below
describe these images in more detail. The descriptions in Section 4.2.1 and 4.2.2 include a brief review
of previous work to give context on the SFR before describing the water and methanol maser results.

4.2.1 ALMA 1.3 mm Continuum

See the left panel of Figure 4.1. Extended and compact emission was detected over ~ 16" (20800 AU),
with a peak intensity of 0.58 Jybeam™! and a flux density of 30.3 Jy. This region consists of nine
millimetre regions MM1,..., MM9 (Brogan et al., 2016), diffuse emission between the four largest regions
MMI1,..., MM4. This diffuse emission is also seen in 2015.6 thermal methanol emission as reported by
Hunter et al. (2018). The other millimetre sources MM5,..., MM9 mostly consists of isolated cores in
the field. Only the three largest emission regions MM1,..., MM3 are considered in this thesis.

MMI1 consists of a 3.8"” x 2.1” (4900 AU x 2700 AU) region with the brightest emission in the field.

The region has a maximum intensity of 0.58 Jybeam ™! and a flux density of 18.8 Jy. Between MM1
and the other regions, there is a 4” x 2”7 (5200 AU x 2600 AU) region of faint extended emission with
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Figure 4.1: Left: 2015.6 ALMA 1.3 mm emission in NGC63341 as reported by Brogan et al. (2016).
The main millimetre regions MM1, ...,MM4 are indicated with white text and the decomposition of
these regions into separate cores by Brogan et al. (2016) is shown in red. Right: 2016.9 JVLA 5
cm emission in NGC63341 as reported by Brogan et al. (2018). The colour scale of both images is
logarithmic to show faint emission clearly, and the corresponding intensity is shown at the right of
both panels. The declination scale of the right panel is the same as the right panel. The linear scale
for d = 1.3 kpc and the beam size of both observations are shown in white at the top right and bottom
right of the panels respectively.

a mean intensity of 0.016 Jy beam ™!, which is more than ten times the RMS noise of 1.2 mJy beam™!.

MM1 consists of seven cores MM1A —G that were decomposed by Brogan et al. (2016). They found the
largest core to be MM1E with a linear size of 356 +65 AU, and the most compact core to be MM1B with
a linear size < 155 AU. From multi-wavelength SED fits for the individual cores, they also calculated the
dust temperatures Ty,s;, gas masses Mg,s, column densities Ny, and brightness luminosities Lyrightnesss
(Table 5 of Brogan et al., 2016). MMIE was the faintest (Lorightness = 1.11703 x 10'Lg), coldest
(38 K < Tgust < 100 K and most massive (1.0My < Mgas < 6.2My). MMIB was the hottest
(Taust = 4427750 K) and least massive (Mgas = 1.0755Mg). MMI1A, MM1C and MM1D were also
hot (Taust > 200 K) and bright (Lbrightness > 10*Le). Brogan et al. (2016) termed this region a “hot
multi-core”. The region also hosts multiple jets and outflows, indicating it is hosting multiple YSOs. It
contains a 6” (7800 AU) north-south outflow identified in CS(6-5) thermal line emission (Brogan et al.,
2018), a 4” (5200 AU) northwest-southeast jet identified by water maser proper motions (Chibueze
et al., 2021), a ~ 0.5 pc northeast-southwest wide angle outflow identified in CO(9-8) thermal line
emission (Qiu et al., 2011) and a single blue-shifted lobe of a northwest outflow in CS(6-5) (Brogan
et al., 2018). There is a notable dip in 1.3 mm continuum emission in the north of MM1. This has
been interpreted as a cavity excavated either by the N-S outflow (Brogan et al., 2018) or the NE-SW
outflow (Chibueze et al., 2021).

MM2 consists of a 1.5” x 1.2” (1900 AU x 1600 AU) region of emission. The peak intensity is 0.17
Jybeam~! and the flux density is 1.24 Jy. Two cores (MM2A, MM2B) were identified in this region
by Brogan et al. (2016). MM2A had a radius of 178 26 AU, a dust temperature of Tqust = 1521%‘3 K,
a gas mass of Mg,s = 1.7Jj(1):iM@ and a brightness luminosity of Ly ightness = 1.8f8:§ X 102L@. Brogan
et al. (2016) did not detect MM2B in enough wavelengths to calculate its SED, and therefore did not
report its physical quantities. No clear outflow or jet could be seen in MM2 with CS(6-5) line emission
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(Brogan et al., 2018).

MMS3 consists of faint extended emission. It traces a “half-moon” shape with a thickness of 1.2”
(1600 AU) and an outer perimeter of 5.1” (6600 AU). The region has a peak intensity of 0.023 Jy beam~*
and flux density of 1.39 Jy. The millimetre continuum in this region traces hot dust at the northern
edge of the UCHII region NGC6334F (See Section 4.2.2).

4.2.2 JVLA 5 cm Continuum

The 2016.9 JVLA 5 cm observations detected three sources associated with MM1 and MM3. The right
panel of Figure 4.1 shows these detections. The centimetre emission in MM1 is elongated 1.6” x 0.3”
(2100 AU x 390 AU) in the N-S direction, as well as emission pointing toward the point source CM2.
The centimetre emission in MM1 overlaps with the cavity seen in the millimetre emission of MM1.
The region has been interpreted to be free-free emission from a radio jet (Brogan et al., 2018). CM2
is a point source with a peak flux of 0.14 mJy beam ™! and a flux density of 0.16 mJy. The spectral
index of CM2 is consistent with synchrotron emission (Brogan et al., 2018). In centimetre emission,
MM3 consists of a 11”7 x 6.2” (14300 AU x 8100 AU) cometary region with the highest intensity
emission orientated towards the north-west. The peak intensity for the region is 0.0023 Jy beam ™' and
flux density is 2.1 Jy. The spectral index of the region is close to 0 (Brogan et al., 2016), indicating
optically thin free-free emission as the dominant emission.

4.3 Water Masers in NGC63341

This section describes the results for the water maser observations before and during the accretion
burst in NGC63341. Water masers were detected in five regions: CM2, MM1-W1, UCHII-W1, UCHII-
W2 and UCHII-W3 (see also Vorster et al., 2021). Figure 4.2 shows the positions and radial velocities
of the water maser spots for each of the seven epochs. Table 4.1 shows the general characteristics
of the detections of water maser spots: The number of detections per epoch in total and per region,
the velocity extent of the detected water masers and summed intensity » _ I; per epoch. According to
MacLeod et al. (2018), the onset of the accretion burst was 2015.01 and the methanol maser flare peak
was 2015.62. The peak of the CH3OH flare was between the fourth and the fifth epochs in our VERA
dataset. The total number of detected water maser spots increase monotonically with time, until a
drop from 462 — 362 between 2015.28 and 2015.88. After that the number of detections rises again
with each epoch.

The majority of spots were detected in CM2, showing the same behaviour as the total number of
water maser detections. The number of water maser spots in MM1-W1 declined with time. UCHII-
W1, UCHII-W2 and UCHII-W3 shows no clear trend and displays significant variability in the number
of maser spots. Most notable is UCHII-W2’s very low number of maser spots in the epochs directly
before and after the burst. The Vi sr range also is quite variable. Epochs 1 and 2 have similar ranges,
epochs 3 and 4 have similar ranges, and then the Vi,gr range is at a maximum in the last two epochs.
The Visr range reported in this work is definitely not a representation of the full physical scenario, as
more sensitive observations by Brogan et al. (2018) with JVLA show a much wider velocity extent for
the water masers.

4.3.1 Intensities over Time

The summed intensity shows a sharp rise in the epoch directly before the methanol peak, whereafter
the summed intensity is almost completely constant. Table 4.2 shows ) I; for each region over each
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Figure 4.2: Detected water maser spot positions as detected by VERA for each epoch. The position
of the spots indicates the position of the maser spots while the colour indicates the radial velocity
according to the colour scale shown at the right of the figure. The blue text in the upper left of each
panel indicates the date of the observation. The linear distance scale is shown by the black reference
line. The brown text in the leftmost panel shows the name of each association discussed in the text.
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Epoch | Total CM2 MM1  MM3-UCHII AVisr > I
W1 W1 W1 W2 W3
(kms™!)  (Jybeam™!)

2014.72 | 250 60 20 0 19 111 37.1 3628
2014.90 | 280 112 43 2 30 89 40.9 2022
2015.08 | 407 156 41 11 26 168 33.7 4935
2015.28 | 462 321 16 10 3 110 33.7 12085
2015.88 | 362 259 11 0 2 86 39.6 7994
2016.11 | 440 333 12 8 30 49 51.0 7845
2016.19 | 469 362 9 8 28 45 48.9 8000

Table 4.1: Numbers of maser spots per region per epoch, as well as V1,gr ranges and summed intensities
for each epoch in NGC63341, as detected by VERA.

Ep ‘CMQ MM1-W1 UCHII-W1 UCHII-W2 UCHII-W3

2014.72 | 1046 1203 1135 167 —
2014.90 | 916 339 567 171 3
2015.08 | 3110 273 1359 108 32
2015.28 | 10447 155 1448 4 21
2015.88 | 6787 191 963 2 —
2016.11 | 6816 114 195 112 16
2016.19 | 6864 30 299 81 14

Table 4.2: Y I; for each region over time in Jy beam™'. Note that these values do not represent the
true intensities densities as VERA has uneven UV coverage, which may have filtered out emission from
the source.

epoch. Comparison with the detection counts from Table 4.1 shows that detection counts do not always
correlate with > ;. CM2 is the main contributor of flux to the entire region, with a similar behaviour
to > I; of the whole region. MM1-WT1 is a bright source at the beginning, but decreases monotonically
with time. It should be noted that MM1-W1 is the region closest to the protostellar core. UCHII-W1,
UCHII-W2 and UCHII-W3 have variable intensities, comparable with the variable number of detected
maser spots. It should be pointed out that » I; peaks in 2015.28. The time dependence of > I; shows
the same behaviour as the same water masers observed in single-dish monitoring by MacLeod et al.
(2018). It begins low compared to the later epochs, and rises steeply, followed by a slight drop where
the maser flux is relatively constant. It should be noted that a comparison of flux densities over time
is affected by the detection limit of the array. The flux densities of many dimmer maser features could
affect the value of > I;.

4.3.2 Spatial and Vi sg Distributions

Figure 4.2 shows the spatial and Vi gr distributions of the water masers as detected by VERA. Figure
4.3 shows a zoom-in for some regions of water maser detections. The horizontal panels show the same
region over time. In each region there are changes both before and during the accretion burst. Before
the regions are discussed in detail, the concept of spectral feature in maser maps is introduced in the
following paragraph.

When obtaining an image of masers, peaks in individual channel maps are termed “maser spots”.
These do not reflect individual cloudlets of maser gas, as often the maser has a larger linewidth
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than the channel width of the observation. Therefore, if the spectral resolution of the observation is
narrower than the maser linewidth, the maps in the sky plane will show collections of maser spots
with a characteristic linear size of the maser. These collections of maser spots are collectively termed
a “maser feature”, and have a characteristic size of 1 AU (Gwinn, 1994a). This has been described in
many previous studies (e.g., Gwinn, 1994b; Torrelles et al., 2001; Marvel et al., 2008). Figure 4.4 shows
an example of this. The top panels of the figure show the positions of the maser spots of the brightest
maser feature in CM2-W2. The maser spots show a close association, and have a spectral profile that
is well approximated by a Gaussian function. For two epochs, the spectral distribution shows a double
peak, and was fitted to two Gaussians. It should be pointed out that this feature shows variability
in both its centre velocity, peak intensity and linear scale throughout all epochs. The paragraphs
below describe the regions in terms of maser features instead of maser spots, as maser features are
more descriptive of the physical masing gas. An in-depth discussion of each individual maser feature’s
properties is outside the scope of this thesis, but might be a meaningful avenue of inquiry with the
higher resolution and sensitivity KaVA data during the accretion burst.

CM2-W1 is an isolated association south of CM2-W2. It consisted of 1 — 3 features at ~ 8 kms™!,
which were only detected in the pre-burst epochs. CM2-W2 was the brightest and most complicated
region. In the early epochs the masers traced a small bow shock with a size of ~ 120 AU, with —5
kms™! < Vigr < —12.5 kms™!. In the epochs after the burst, the masers traced a bow shock structure
more clearly. The size of the structure traced by the masers grew to ~ 420 AU. Highly blue-shifted
features at the apex of the bow structure, at Vigr ~ —50 kms™! were also detected. Brogan et al.
(2018) also detected these features, and attributed them to backflow at the apex of the bow shock. The
brightest maser features were detected in CM2-W2 in the post-burst epochs, and were also the maser
features that flared most significantly (MacLeod et al., 2018). In MM1-W1, the masers formed a linear
structure of ~ 15 AU in epochs 2014.7 — 2015.1, with a velocity range of —4 kms™! < Vjgr < 0. The
masers were displaced in the epochs after 2015.3, with the same velocity range and an extent of 7 AU.

The spatial and velocity distribution of the masers in the southern regions was also variable. UCHII-
W1 consisted of multiple associations over 1000 AU. The associations had a combined velocity extent
of =37 kms™ < Vigr < —5 kms™!. The associations are discussed in more detail in Section 4.4,
but the qualitative changes can be described briefly. Most of the associations consisted only of single
maser features, which appeared and disappeared between the epochs. Two persistent associations are
UCHII-W1a and UCHII-W1b in Figure 4.3. Both associations consisted of 2 — 3 features in epochs
2014.7 — 2014.9, and which shifted slightly in position at the onset of the burst. In 2015.9 after
the peak of the burst, these associations were not detected, but other masers were detected north of
the original masers with similar velocity ranges. UCHII-W2 consisted of a single —30 kms™! feature
before the burst. It was not detected in epochs after 2015.3, but a new association, with a double
peaked spectral profile, peaking at —31 kms™! and —26 kms~! were detected in 2016.1 and 2016.2.
UCHII-W3 had the first maser detection in 2015.1, a single feature at —31 kms~!. It was not detected
in 2015.9, and two new features at —36 kms~! and —49 kms~! were detected in 2016.1 and 2016.2.

4.4 Water Maser Proper Motions

Before the method employed in this work to measure the water maser proper motions in NGC63341
is discussed, a brief survey of the methodology used by other authors to calculate water maser proper
motions in other sources follows. The basic procedure of any proper motion measurement is to accu-
rately measure the position of a persistent source over multiple epochs. The observed proper motion is
often the result of a linear sum of multiple components. For water maser observations, the persistent
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Figure 4.3: Water maser detections by VERA for epochs 2014.7—2016.1. Each horizontal panel shows
a different region over time, with the name of the region in the leftmost panel. The offset scale for the
plot of each region is constant. The dates of observation are shown above the top panel. A linear scale
is also shown in each panel. The colour scale is the same as Figure 4.2.
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Figure 4.4: Top panels: Offsets and V1sr of maser spots in the brightest feature of CM2-W2 for each
epoch. The coloured dots show the positions of the spot detections. The scale of each panel is the
same. The Vi gr scale is shown at the left. Bottom panels: Spectral profile of the maser spots in the
panel above, with Gaussian fits shown in black. Some features show a double Gaussian, and was fit
accordingly.

source that is observed over multiple epochs is termed a “maser feature”, which is defined differently
in different studies. The precise definition of a maser feature is discussed in Section 4.4.1 below. For
water maser observations in SFRs, the proper motion consists of the following components:

[i(t) = fipec(t) + Hrot () + fin(t) + Hint (1) (4.1)
with [i(t) = (ka, ps) = (%cos(5), L), t as time, o the Right Ascension, and § the Declination of the
maser feature. fipec is the peculiar motion' of the cloud (assuming a constant linear peculiar motion
for the cloud during the extent of the observations), projected onto the sky plane. fi,ot is the proper
motion due to the relative galactic rotation between the sun and the cloud. ji; is proper motion
due to the annual parallax. [y is the absolute proper motions due to the internal motions in the
cloud, projected onto the sky plane. Often, [ipec, fiint and firo; are assumed to be linear during the
observations, while ji, is sinusoidal (Trinidad et al., 2021). To study the kinematics of a specific SFR,
Hint 1s the component of interest as it is governed by the internal gas motions of the cloud, insofar as
water maser proper motions trace gas motion.

The principal difficulty in measuring water maser proper motions is the variability in water maser
intensity over a time span comparable to the separation between epochs. Water maser features might
disappear between epochs, and new features might appear. Water masers could have variability at
timescales of weeks (Felli et al., 2007). Variability at timescales comparable to the separations of the
epochs can make accurate calculation of water maser proper motions a difficult task. There are a few
methods employed in the literature to calculate reliable proper motions, these methods are discussed
in Section 4.4.1.

LThe motion of the whole cloud in the rest frame of the galaxy, i.e., if there was no galactic rotation.
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4.4.1 Procedure for calculating proper motions

The procedure of calculating maser proper motions after imaging and 2D Gaussian fitting follows a
fairly standard outline (Chibueze et al., 2014; Burns et al., 2015, 2016). The individual detections,
termed “maser spots” are grouped into “maser features”, which signify the position of a single masing
gas cloud. The methods employed to group spots into features may differ between authors. For
example: Immer et al. (2013) calculated the proper motions maser spots within the same velocity
channel, while Burns et al. (2015) used entire spectral features. Trinidad et al. (2021) grouped maser

spots into features if they are within 1 mas from one another and have radial velocities within 2 kms™".

Therefore, there is some ambiguity regarding the grouping of maser features for use in proper
motions in the current literature. In this work, the proper motions were calculated with two different
methods to see if there is a significant change in the resulting proper motions. Section 4.4.2 describes
the “spot” method, which groups maser spots in the same velocity channel into features. Section
4.4.3 describes proper motions calculated with the “spectral” method, which groups maser spots into
features if they share a Gaussian spectral feature.

After maser spots were grouped into features (with any method), persistent features over multiple
epochs are identified. Typically in water maser proper motion measurements, proper motions are only
calculated for maser features detected in three or more consecutive epochs (e.g. Burns et al., 2016).
In the case of this work, the requirement was relaxed to two consecutive epochs, as the masers were
highly variable during the onset of the accretion burst. Physically unrealistic proper motions and
non-consecutive detections were flagged carefully by hand to minimize false detections. Then, a linear
fit is made to the positions vs time of the persistent maser features to get the relative proper motions
from the gradient of the linear fit. Proper motions are termed “relative” if they are in terms of a
reference maser spot or point and “absolute” if phase reference maps have been used for proper motion
measurements. The benefits of relative proper motions are that galactic rotation, peculiar motion and
parallax motions are cancelled out, as they are the same for all spots on the map and relative proper
motions only trace the motions in terms of a reference maser feature.

Only relative proper motions were calculated as this thesis is only concerned with studying water
maser proper motions to better understand the accretion burst in NGC63341. The VERA epochs were
grouped into “pre-burst” (epochs 1 — 4) and “burst” (epochs 5 —7) epochs, to see the effect of the
accretion burst on water maser proper motions. In Section 4.4.2 the spot method is described, which
has been used by e.g., Reid et al. (1988); Immer et al. (2013); Chibueze et al. (2021). In Section 4.4.3
the spectral method is described, which has been used by e.g., Gwinn (1994a); Burns et al. (2015).

4.4.2 Spot Method for Proper Motions

The first method used to group maser features, the spot method, was done as follows. A program
region_identification.py was written to identify clusters of maser spots. The program plots the
positions of the maser spots for each epoch, and allows the user to choose rectangles in the form
(Qmin, @mazsOmin, Omaz) that correspond with a possible maser feature. Two additional functions were
written in order to calculate the relative water maser proper motions, the functions maser_feature and
calcpm. Maser feature served to average maser spots into maser features, and to make it easy to calcu-
late proper motions. The function took as an input a rectangle created by region_identification.py
and the maser positions and Vi sr for each epoch. Then the function isolated all the maser spots inside
the rectangle. All maser spots of the same epoch and Visr channel (AVisg = 0.44 kms™!) were
averaged into a single position. It should be noted that there was a small Vi,gr difference of maser
due to differing channelization of the bandwidth in different observations, so the Vi ggr was rounded to
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Figure 4.5: Schematic representation of the spot and spectral methods.
schematic representation of the maser spots for a single maser feature for three epochs. The bot-
tom two panels show the resulting proper motions for the spot method (left) and the spectral method
(right). The main difference is that the spectral method “averages” many proper motions into one
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the first decimal. Maser_feature also made a detection string signifying for which epochs there was a
detection. The final output was a list containing the Vi ggr in question, positions, position errors and
a detection string. The detection string showed 0 for a non-detection and 1 for a detection. So, for
four observations the detection string “0110” indicates detections in the second and third epoch. The
output of maser_feature was then used as an input for calcpm. Calcpm calculates the proper motion
by fitting a linear regression line with time and the position axes («,d). The proper motions (fq, fs)
are then given by the slopes of the respective fits. The Python code written by the author to calculate
these proper motions can be found in Section A.7.

4.4.3 Spectral Method for Proper Motions

The second way in which maser features were identified, the spectral method, was by identifying a single
maser feature with a single Gaussian peak in flux vs V1 gg. It has been found that VLBI instruments
observe single maser features as multiple maser spots with a continuous Vi ,gr gradient and close to a
Gaussian distribution in flux vs Vigg (Gwinn, 1994a; Torrelles et al., 2001). The reason why many
spots are visible for a single feature is that the channels in the antennas are narrower in Vg than
the maser emission, which causes detections in multiple channels for a single maser feature. Authors
like Gwinn (1994a); Burns et al. (2015) have used these “microstructures” to calculate proper motions
with water masers, treating many maser spots with a Gaussian distribution in flux vs Vigr as a single
feature.

To test whether this method of proper motion calculation may be more reliable, the pre-burst and
burst proper motion calculations were replicated with the second method. Clusters of maser spots
were identified, which show a spectral profile in the form:

_(VLSR - chentre)2>

G(VLSR) = Aexp( 202

(4.2)
With G(Visr) the Gaussian function, A the peak intensity in Jy beam™', Vientre the centre velocity
in km s~! and o the standard deviation in km s~!. Instead of working with o, the Full Width at Half
Maximum (FWHM) was used, given by 2v/2In20. Then the position of the feature was calculated with
the intensity weighted centroid: .
I
with z the coordinate («,d) in question, I; the intensity of spot i, x; the coordinate in question for
spot i. The formal uncertainty on the position of the intensity weighted centroid was calculated with
a Monte Carlo simulation. The Monte Carlo simulation calculated the intensity weighted centroid of
each maser feature for 10° different variations of the spot positions which were sampled from a normal
distribution with a width equal to the astrometric error of the maser spots. The mean of the various
intensity weighted centroids was used for the feature position, and three times the standard deviation
for the positional error reported in Table A.4. After the maser features were grouped with the intensity
weighted centroid, persistent maser features over consecutive epochs with similar spectral profiles were
identified. Small changes (AVsr < 0.5 kms™!) in Vi,gr and FWHM, as well as large changes in peak
intensity were allowed. These identified persistent maser features were used to do the linear fits, in the
same way as in the section above, to get the relative proper motions. The Python code written by the
author to calculate these proper motions can be found in Section A.8.

rwe = o 2Lix (4.3)

4.4.4 Shifting to Absolute Frames

The water maser maps in this thesis have not been phase referenced, and the offsets of the water
masers are in terms of the position of a —7.6 kms™! reference maser in CM2-W2. The maps have not
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been phase referenced, as the phase reference source was not bright enough during the observations
to give sufficient SNR for absolute positioning. This means that the water maser maps and proper
motions are not well-defined in the sky. Further, the proper motions are in the reference frame of the
water maser in CM2-W2, and do not reflect the real internal motions in the rest frame of the clouds
in NGC6334I. This section describes the procedures followed to shift to both an absolute position and
velocity frame.

Absolute Position

To get absolute positions for the water masers and proper motions, the VERA water maps were
shifted from the position and velocity frame of the reference maser in CM2-W2 to the reference maser
for the KaVA observations in UCHII-W1 at (a, §) = (17"20™52s.600, —35°46/50”.508) (Chibueze et al.,
2021). This allows the VERA proper motions calculated in this work to be accurately compared to
the continuum images. The procedure described in this section was identically applied to the proper
motions calculated with both the spot and spectral methods described above.

Relative proper motions give freedom to change to any other frame of relative proper motions by
adding a constant velocity vector it to all the proper motions to transform it into a different frame.
To make the results of this work comparable with the previous work, the maps were shifted so that
the proper motion of the —7.6 kms~! feature in CM2-W2 detected by VERA is equal to the average
proper motions of the same maser detected by KaVA. This can be done as the burst epochs of the
VERA observations is co-temporal with the KaVA observations. Note that the velocity frame of the
KaVA observations is also not the rest frame of the cloud. Section 4.4.4 describes the shift to the
absolute velocity frame.

The —7.6 kms™! reference maser for VERA was detected in all epochs of the KaVA measurements
(proper motion IDs: 70-73 of Table 1 in Chibueze et al., 2021). The change in velocity frame was
done by changing the maser maps, and not by adding a vector to the proper motions. The maps were
shifted with the following equation:

Qishifted = Qunshifted 1 ,ua,Ttobs + Pa,T

Oshifted = Ounshifted 1 46,7 tobs + Ps.1

with (Q(un)shifteds S(un)shittea) the (un)shifted positions of the maser spots. fir is the difference between
the proper motion of the —7.6 kms™! reference feature in the unshifted VERA observations and the
KaVA observations by Chibueze et al. (2021). t.,s is the date of each observation from the first
observation in years, and ]3T is a term that changes the (0,0) positions of the maps to align with the
KaVA observations.

For the pre-burst proper motions i = (—1.9 4 0.3,17.3 4+ 0.4) mas yr—! with the position shift
Pr = (—0.68921, 5.28800) arcseconds. For the post-burst proper motions iz = (—2.0£0.3,16.9 +0.4)
mas yr~! and the position shift Pr = (—0.68921, 5.28800) arcseconds. As the proper motion for the
VERA reference feature was calculated in Chibueze et al. (2021), the uncertainty in the calculated
proper motions is given by:

Afi = \/(Apv)? + (Apk)? (4.4)

With Apy the uncertainty in proper motion of the VERA reference maser feature in the KaVA results.
This gives Ay = 0.38 mas yr—! = 2.36 kms™!. Apg is the uncertainty in the relative proper motions
of the KaVA results, which is quoted to be less than 10% of the average proper motions. In that result,
the average proper motion was 85 kms™!. In other words Aux < 1.38 mas yr—! = 8.5 kms™!. This
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‘ Pre-burst Burst
Spot o + 115, ps — 14.074  po + 1.0, pus — 14.373
Spectral | pqo 4+ 0.7, us — 15.292 g + 0.7, pus — 15.301

Table 4.3: Shifts of velocity frame applied to the proper motions. The values are in units of mas yr—".

adds a further systematic uncertainty smaller than 1.43 mas yr—! = 8.8 kms™! due to the velocity
frame shift. The position shifts had a negligible uncertainty.

Absolute Velocity Frame

After the maser maps were shifted to the KaVA proper motion frame, the proper motions calculated
were still in an arbitrary velocity reference frame, from which no physical conclusions could be made.
And estimate of the absolute proper motions of water masers in CM2-W2 were made by Brogan et al.
(2018). They concluded that the masers in the bow structure had a proper motion of less than 3.8
mas yr~ L. If it is assumed the masers are moving in the direction of —79.4° as calculated by Chibueze

et al. (2021), this implies us/po = tan(—79.4) = —5.34. If /pu2 + ,ug < 3.8 mas yr~ !, it implies upper
limits for p, and us:

o < —0.7 mas yr—*

. (4.5)
s < 3.735 mas yr
The water maser proper motions were shifted so that the mean proper motions in CM2-W2 were
equal to the upper limits shown in Equation 4.5. The consequence of adopting proper motions equal
to an upper limit is that the northern proper motions could be smaller, and the southern proper
motions could be larger. The values of the shifts were a little bit different for pre-burst and burst
proper motions, and also differed between the spot and spectral method. It should be noted that it is
standard practice in water maser proper motions to shift to the rest frame of the proper motions by
assuming symmetrical outflow velocities (e.g., Burns et al., 2016). This assumption was not obviously
valid in the case of NGC63341I, hence this alternative method was applied so that the proper motions
could be physically interpreted. The table below states the shifts adopted to produce the final proper
motions. Section 4.4.5 and 4.4.6 describe the proper motions after the absolute position and velocity
shift for the spot and spectral methods respectively. This implies four sets of proper motion: Pre-burst
and burst proper motions for both methods.

4.4.5 Results: Spot Method

Tables A.2 and A.3 show the calculated proper motions for the pre-burst and burst proper motions
respectively. A total of 227 proper motions were detected between the pre-burst and burst epochs.
Tables 4.4 and 4.5 show summaries of the general trends of the proper motion results such as the
number of detections, average transverse speeds (in 3D), and the velocity range of the proper motions
per region. The 3D speeds were calculated assuming a linear distance of 1.3 kpc (Reid et al., 2014;
Chibueze et al., 2014). The following equation was used to calculate the linear speeds:

vy (kms™) = g (masyr ') - d (kpe) - 4.74 (rad yr km mas ' kpe~'s71) (4.6)

with vy the linear velocity in a direction, p the proper motion in either a or §, d the distance to
the source and 4.74 a factor arising from unit conversions. Equation 4.6 is a very useful equation to
calculate linear velocities quickly if the distance and proper motion are known. The 3D speed is then
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Region #Detections v® 5P V1,sr min, max
(kms™!)  (kms™!) (kms™!)
All 123 47 37 —34.1, 1.3
CM2 47 33 21 —-21.1, —3.8
MM1-W1 14 19 17 —4.2,1.3
UCHII-W1 44 59 31 —34.1, -34
Wi1B-i 10 76 27 —22.8, —3.4
W1B-ii 3 93 1 —34.1, —33.3
W1B-iii 17 31 23 —15.2, —8.8
W1B-iv 14 73 14 —24.0, —16.4
UCHII-W2 10 56 9 —-32.0, —27.8
UCHII-W3 4 179 30 —-32.4, —31.2

Table 4.4: HoO maser proper motion summary per region as calculated by the spot method for the
pre-burst epochs (epochs of 2014.72 2015.28). a) Average 3D linear velocity. b) Standard deviation
on the mean of the 3D linear velocity.

calculated with the Pythagorean equation with the three linear velocity components, as in the small
angle approximation # < 1 radian, proper motions add quadratically.

Figures 4.6 and 4.7 show the proper motions for both the pre-burst and burst epochs in the
northern (CM2 and MM1-W1) and southern (UCHII-W1, W2 and W3) regions respectively (for the
spot method). In both figures, the left and right panels show the pre-burst and burst proper motions
respectively. The positions of the arrows show the positions of the maser features in the first epoch in
question, the direction and length of the arrows represent the direction and magnitude of the proper
motions. The colours of the arrows indicate the Vi gg of the proper motions according to the colour bar
in the figures. The average transverse velocities remained constant in general, with v + v = 47 + 37
kms™! in the pre-burst epochs and o+ 6o = 51 +40 kms~! in the burst epochs respectively. §% is the
standard deviation of the proper motions. The large standard deviation shows that the proper motions
had a large scatter. There was a dramatic change in the velocity ranges between the pre-burst and
burst epochs, with —34.1 <V;,gr< 1.3 kms™! in the pre-burst epochs and —49.3 <Vjgr< —1.7 kms™—!
in the burst epochs. In the following paragraphs the individual regions are discussed.

Northern Proper Motions

CM2-W2 had 49 and 55 proper motion detections in the pre-burst and burst epochs respectively.
CM2-W2 is ~ 2800 AU from the bursting source MM1B. With a 3D speed < 31 4+ 18 kms™!, the jet
has a dynamic age > 428 yr. The average proper motion remained constant as well, although this
is expected as the VERA proper motions were shifted in position and velocity frame as described in
Section 4.4.4. An important difference in CM2 is that many new radial velocity features were detected
in the burst epochs. The Vigr range changed from AVigr = 17.3 kms™! to AVigr = 38.3 kms™ L.
From the top panel of Figure 4.6 it can be seen that more red and blue features were excited along
the north and south of the bow shape of CM2. It is important to note that these observations had
worse sensitivity and UV coverage than other observations that have observed water masers in this
region. Therefore far fewer maser spots and features were detected than with previous observations
with KaVA (Chibueze et al., 2021) or JVLA (Brogan et al., 2018).

In MM1-W1 14 and 7 proper motions were detected pre-burst and burst epochs respectively. The
average speed did not change significantly between epochs with & = 19 & 17 kms~! for the pre-burst
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Figure 4.6: Proper motions of 22 GHz water masers in the northern regions of NGC6334I, before and
during the accretion burst. The proper motions are calculated by the spot method. The positions,
orientations and colours of the arrows show the positions, proper motions and Visg of the maser
features respectively. The colour scale is on the righthand side. The left panels show the pre-burst
epochs (epochs of 2014.72 2015.28) and the right panels show the burst epochs (epochs of 2015.88
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