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Abstract

The Voyager 1 spacecraft is now about 25 AU beytbedeliospheric termination shock and
soon it should encounter the outer boundary ohtl®msphere, the heliopause. This is set to
be at 120 AU in the modulation model used for #tigdy. This implies that Voyager 1, and
soon afterwards also Voyager 2, should be able dasore the heliopause spectrum, to be
interpreted as the lowest possible local intemstedpectrum, for low energy galactic electrons
(1 MeV to 120 MeV). This could give an answer to a long artding question about the
spectral shape (energy dependence) of the gakdetitron spectrum at these low energies.
These in situ electron observations from Voyageuntil the year 2010 when it was already
beyond 112 AU, are used for a comparative studip wicomprehensive three dimensional
numerical model for the solar modulation of galaalectrons from the inner to the outer

heliosphere.

A locally developed steady state modulation modkictv numerically solves the relevant
heliospheric transport equation is used to compotestudy modulated electron spectra from
Earth up to the heliopause. The issue of the sgiesttepe of the local interstellar spectrum at
these low energies is specifically addressed, ¢akimo account modulation in the inner
heliosheath, up to the heliopause, including tHeceé$ of the transition of the solar wind

speed from supersonic to subsonic in the heliobhéaddulated electron spectra from the
inner to the outer heliosphere are computed, tegetith radial and latitudinal profiles,

focusing on 12 MeV electrons. This is compared tiydger 1 observations for the energy
range 6-14 MeV. A heliopause electron spectrumamputed and presented as a new

plausible local interstellar spectrum from 30 Gedvd to 10 MeV.

The comparisons between model predictions and wéisens from Voyager 1 and at Earth
(e.g. from the PAMELA mission and from balloon fitg) and in the inner heliosphere (e.g.
from the Ulysses mission) are made. This enablestormake conclusions about diffusion
theory applicable to electrons in the heliosphameparticular the rigidity dependence of
diffusion perpendicular and parallel to the locatkground solar magnetic field. A general
result is that the rigidity dependence of both pelrand perpendicular diffusion coefficients
needs to be constant beldw< 0.4 GV and only be allowed to increase above this rigitht

assure compatibility between the modeling and olagiems at Earth and especially in the



outer heliosphereA modification in the radial dependence of thewfon coefficients in the
inner heliosheath is required to compute realistadulation in this region. With this study,
estimates of the intensity of low energy galacteceons at Earth can be made. A new local
interstellar spectrum is computed for these lowrgies to improve understanding of the

modulation galactic electrons as compared to ptsviesults described in the literature.

Keywords: Cosmic rays, Galactic electrons, Heli@phHeliosheath, Very local interstellar

spectrum, Heliospheric modulation, Electron modafatElectron transport



Opsomming

Die Voyager 1 ruimtetuig is reeds 25 AU verby danwind-terminasieskok en behoort
binnekort die buitenste grens van die heliosfedreteik. Hierdie grens word die heliopouse
genoem en word vir hierdie studie op 120 AU inmigdulasiemodel gestel. Dit impliseer dat
Voyager 1 binnekort, en kort daarna ook Voyagedig, spektra van galaktiese kosmiese
strale by die heliopouse te meet. Hierdie waargenspektra kan vertolk word as die laagste
lokale interstellére spektra, in besonder vir laergie galaktiese elektrone (1 MeV tot 120
MeV). Dit behoort ‘n antwoord te gee op ‘n langkemdle vraag oor die spektraalvorm
(energie-afhanklikheid) van die galaktiese elelkspmktirum by lae energie. Hierdie in situ
elektronwaarnemings van Voyager 1, tot die jaar02@E die ruimtetuig reeds by 112 AU
was, word in hierdie verhandeling gebruik om ‘ngadykende studie te maak met die
resultate van ‘n omvattende drie-dimensionele niesermodel. Hierdie model beskryf die

heliosferiese modulasie van galaktiese elektromedv@ binneste tot die buitenste heliosfeer.

‘n Tydsonafhanklike model wat plaaslik ontwikkel , isword gebruik om die
transportvergelyking op te los. Elektronspektra dvbereken en gebruik om die modulasie
van galaktiese elektrone van die Aarde tot by diopouse te bestudeer. Die kwessie van
wat die spektraalvorm van die lokale interstellépektrum by hierdie lae energie is, word
spesifiek bestudeer. Dit word gedoen met inagnemiag modulasie in die binneste
heliomantel, vanaf die terminasieskok tot by diidpouse. Die uitwerking van die oorgang
van die sonwind-spoed in die heliomantel van supees tot subsonies word in ag geneem.
Gemoduleerde elektronspektra word bereken, tesaeteradiale en breedtegraadsprofiele,
met die klem op 12 MeV elektrone. Dit word vergeiylet Voyager 1 waarnemings vir 6-14
MeV. ‘n Heliopause-spektrum vir elektrone word Wem en aangebied as ‘n nuwe
geloofwaardige lokale interstellére spektrum va@afseV tot by 10 MeV.

Die vergelykende studie word tussen die modelvaliggs en waarnemings gemaak,
spesifiek met data vanaf Voyager 1, by die Aalde die PAMELA-missie en ballonvlugte)
en in die binneste heliosfeer (bv. die Ulysses-tegending). Dit word gebruik om
gevolgtrekkings te maak oor diffusieteorie van assing op elektrone in die heliosfeer, oor
die styfheidsafhanklikheid van diffusie loodreg parallel aan die agtergrond magnetiese
veld. ‘n Algemene bevinding is dat die styfheidisatklikheid van beide die parallelle en



loodregte diffusiekoéffisiénte konstant moet blyden 0.4 GV maar toeneem bo hierdie
grens. Dit word vereis om die modellering met waanings versoenbaar te maak, by die
Aarde maar veral in die buitenste heliosfeer. ‘nsWiyng in die radiale afhanklikheid van die
diffusiekoéffisiénte in die binneste heliomantehzdig om realistiese modulasie vir hierdie
streek te bereken. Met hierdie studie kan ‘n goaieing van die intensiteit van galaktiese
elektrone by die Aarde gemaak word. ‘n Nuwe pl&asinterstellére spektrum is bereken om
kennis en begrip van die modulasie van 12 MeV dms& elektrone te verbeter, en in

vergelyking met vorige resultate wat in die litexat beskryf is.

Steutelwoorde: Kosmiese strale, Galaktiese elekirbleliosfeer, Heliomantel, Nabye lokale

interstellére spektrum, Heliosferiese modulasiektton modulasie, Elektrontransport



Nomenclature

3D Three-Dimensional

ACRs Anomalous Cosmic Rays

AMS Alpha Magnetic Spectrometer

AU Astronomical units = 1.49x2&m

CIRs Corotating Interaction Regions

CME Coronal Mass Ejection

CRs Cosmic Rays

DCs Diffusion Coefficients

DR Distributed reacceleration

DRD Diffusive reacceleration with damping
ESA European Space Agency

GCR Galactic Cosmic Ray

GCRs Galactic Cosmic Rays

GS Galactic Spectra

HCS Heliospheric Current Sheet

HMF Heliospheric Magnetic Field

HP Heliopause

IS Interstellar spectra

LIS Local Interstellar Spectra

LISM Local Interstellar Medium

MFP Mean Free Path

NASA National Aeronautic and Space Administration
PAMELA Payload for Antimatter/ Matter Explorati@md Light-nuclei Astrophysics
PD Plain Diffusion

QLT Quasi-Linear Theory

SEPs Solar Energetic Particles

SOHO Solar and Heliospheric Observatory
TPE Transport Equation

TS Termination Shock

VLIS Very Local Interstellar Spectra
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Chapter 1

Introduction

Galactic cosmic rays (GCRs) are charged partictedyced from astrophysical sources far
from the heliosphere (e.g. supernova explosionsg@sé& particles have kinetic energies from
~ 1 MeV up to 18 GeV, and are transported from the galaxy, and betyoro the solar

system and eventually up to Earth.

Low energy galactic electrons (1 MeV to 120 MeV3ide the heliosphereave become a
very interesting topic to study since the two Vogmagpacecraft crossed the heliospheric
termination shock and moved into the helioshealtes€ features of the heliosphere will be
described in the following chapters. Recentlyhbggacecraft have returned electron spectra
in the mentioned energy range, observed from thmimation shock to well inside the inner
heliosheath, making it possible to do more detanextieling of these particles in the outer
heliosphere. This should give answers to long aotihg questions as to, how the low
energy galactic electron spectrum looks like bel@@0 MeV, what determines the
modulation of these electrons inside the heliogheahat the rigidity dependence is of the
relevant diffusion coefficients at these energas] what the galactic electron intensity is at
Earth.

The transport of these particles inside the heliesp is described adequately by the
heliospheric transport equation, containing moghefphysics needed to fully understand the
solar modulation of these particles. This equatiapplied to a three-dimensional (3D)
heliosphere, must however be solved numericallynased to study the solar modulation of
GCRs. This model will be described in the thesis.

In this study a 3D numerical model of Ferreira (208 used and applied to study the
modulation of galactic electrons, from the innethe outer heliosphere, in terms of spectra,
radial and latitudinal profiles at various enerdgoes particularly for 12 MeV radial profiles.
This is done by taking into account also the triamsi of the solar wind speed from

supersonic to subsonic in the inner heliosheath.



A particular aim of this study is to determine awvngalactic spectrum (as initial input
spectrum for modulation models) for low energy ®&lmts by comparing Voyager 1
observations and the results of the applied ma@dahese low energies galactic propagation
models, such as GALPROP Strong et al. (2007), semdequate because of lack of
understanding turbulence in the galaxy, especialhen it comes to the local interstellar
medium. Another objective is to use the comparisetween the model and the observations
to determine the rigidity dependence of the reléhffusion coefficients used in the model
and to establish how this may change from the itmeéhe outer heliosphere. Subsequently,
the model will be used to predict the intensityttise low energy galactic electrons at Earth,
an aspect of electron modulation that is controaklecause around 10 MeV electrons from

Jupiter are dominating the galactic component.
The structure of this thesis is as follows

Chapter 2. The reader is introduced to the basitcejats about cosmic rays and the
heliosphere. This includes a brief discussion & 8un, the solar wind, the heliospheric
magnetic field (HMF) and the geometry of the hediosre. A broad classification of cosmic
rays is given with the focus on galactic electreimee they are the main focus of this study.

Lastly, the spacecraft missions relevant to thdyswill be briefly discussed.

Chapter 3The theory and the numerical model of the heliogphaodulation of GCRs will
be discussed, including a brief history of 3D matioh models and a discussion of the
relevant transport equation and modulation prosgsséhout going into too much detail.
Aspects of the diffusion tensor, such as its spatid rigidity dependence, will be discussed
with the focus on parallel and perpendicular diffas This information will be required for

the next three chapters.

Chapter 4: Background and information about publisigalactic electron spectra will be
given, including various approaches that have Ipgesented in the literature on the topic of
galactic and local interstellar electron spectréde® examples will be given and discussed.
The chapter will focus on the heliospheric modolatf these electrons, using two particular
galactic spectra as input for the 3D modulation ehold will be shown that the two selected
input spectra do not give good compatibility witroyéger observations and that this
development leads to determining a new local itefles spectrum for galactic electrons, as



an outcome of this studyrhe consequences for the diffusion coefficientuiregl in the

numerical model will be shown and critically dissed.

Chapter 5:The modeling of 12 MeV galactic electrons in thédsteath using the new local
interstellar spectrum will be given as derived ina@ter 4. The transition of the solar wind
speed in the heliosheath will be taken into accamdtthe computed results will be compared
to Voyager 1 observations, especially for 2010 whemas just beyond 112 AU, which is
already well into the inner heliosheath. SpectrataAU and 110 AU will also be computed
at three different polar angles. The polar depecelerf 12 MeV electron intensities at the
above mentioned radial distances will also be sh@smwell as the radial intensity profiles of
these electrons in the outer heliosphere. Compaidmetween modeling solutions and
Voyager 1 observations in the energy range of 6vieV will be done in particular. A

conclusion about a suitable local interstellar etetspectrum will be made.

Chapter 6 The modeling of 12 MeV galactic electrons will lntinued but from the inner to
the outer heliosphere using the new LIS derivedp@hab. Spectra at Earth and in the outer
heliosphere will be shown to establish how the nhatthhn pattern changes from the inner to
the outer heliosphere. The radial and latitudimadgnts of these low energy electrons will
be computed. The polar dependence of the electtengities from the inner and the outer
heliosphere will be given here in order to haveomlete picture of how different it is at
Earth compared to the outer heliosphere. The comdpatdial dependence of these electrons
will be presented from Earth to the heliopause. fEseailts at 12 MeV will be compared to the
Voyager 1 observations for 6-14 Me&onclusions about the diffusion coefficients seddct

for this study will be made.

Chapter 7: A summary of the work as presented is gtudy will be given along with the
main results and conclusions. Pending aspectswncefprospects related to this study will

be listed and discussed.



Chapter 2

Cosmic rays, the Sun and the

Heliosphere

2.1. Introduction

In this chapter the reader is introduced to thecbesncepts that are important to galactic
cosmic ray (GCR) modulation in the heliosphere. duerview is given about the main

features of GCRs and the so-called anomalous coempothe Sun, the solar wind, and the
heliospheric magnetic field. The heliospheric getsynand its structure are also introduced.
Relevant spacecraft missions are briefly discusseparticular the Voyager 1 and Voyager 2

missions, the Ulysses mission and the PAMELA missio

2.2. Cosmic rays in the heliosphere

Cosmic rays (CRs) are charged patrticles (not rayisich after being accelerated to very high
energies at e.g. supernova shocks, propagate thrtweggalaxy towards the solar system.
These particles were discovered by Victor Hessngduthe historic balloon flights between
1911 and 1912, when it was established that thescles were from an extraterrestrial
origin. They were later called cosmic rays by M#@lh. As reviewed by Simpson (1997) and
Fichtner (2001)Compton and Clay had shown in 1930 that thesegbestivere electrically
charged (fully ionized). Today it is known that yneave kinetic energf from ~ 1 MeV to
as high a8x10" eV (Beatty and Westerhoff 2009). Those that are detieat Earth around a
few GeV consist of ~ 97 % protons, ~ 2 % electrand positrons, and ~ 1 % heavier nuclei,
such as Helium, Carbon, Oxygen, Iron etc. Theséengonsist of various isotopes, with a

composition slightly different from their solar alnlance (see e.g. Longair 1990; Simpson
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1992). CRs, in the general context of charged gesj are usually divided into four

distinctive populations.

(1) Galactic Cosmic Rays (GCRs) which originate fatsmle the solar system. It is believed
that they are accelerated during supernova expissamd subsequent blast waves; see the
detailed review by Jones and Ellison (1991). Thesrged particles experience the galactic
wind and magnetic field before entering interplangspace so that their original position of
creation is hidden.

(2) Anomalous Cosmic Rays (ACRs) are formed due tazation of interstellar neutral
atoms relatively close to the Sun, which then,lesged particles, get picked-up by the solar
wind and transported outwards (away from the Sonpé accelerated at the solar wind
termination shock (Garcia-Munoz et al. 1973; Fient2001). As they propagate back to
Earth, they experience modulation in energy andberndensity (intensity). The degree to
which ACRs are modulated in the heliosphere chamgisthe solar cycle (Fisk 1979). The
process of their acceleration in the outer heliesplinas recently become highly controversial
(see e.g. Potgieter 2008; Potgieter and Straudd, Bauss 2010; Strauss et al. 2010).

(3) Solar Energetic Particles (SPESs) originate frotarsttares especially when the Sun gets
more active (Forbush 1946). The interplanetary omadi through diffusive shock
acceleration, following on coronal mass ejectioas @lso produce these particles. SPEs
usually have energies up to several hundred MeV,abel observed only for a few hours
before they dissipate. (Remark: strictly speakimgsé charged particles, also ACRs, should
not be called cosmic rays).

(4) Jovian electrons that originate from Jupiterlgdamagnetosphere. They dominate the
low energy electron spectrum within the first 10 Adm the Sun (see e.g. Ferreira 2002;
reviews by Potgieter 2008, and Ferreira and Pag204).

Galactic electrons originate as primary GCRs frostraphysical phenomena such as
supernova explosions distributed throughout theaxgal They penetrate the heliosphere
isotropically to be modulated by four physical msses, which will be briefly described in
section 3.3. They differ from the nuclear componarthe sense that they are less massive,
and of course, oppositely charged, making it sigaiftly more difficult to measure their
intensities. Until recently, space experiments dowbt distinguish between electrons and

positrons and thus present observations as theo$@hectrons and positrons. As mentioned

5



above, Jovian electrons up to 50 MeV dominate éndtuatorial regions of the heliosphere,
up to distances of ~20 AU from the Sun but nothie polar regions of the heliosphere at 1
AU. Ferreira et al. (2001b) and Moeketsi (2004dstd Jovian electron modulation in detail.
Galactic electrons are the main focus of this ghesi

2.3. The Sun

The Sun is a dynamically active magnetic star tbahs the basis of the solar system and
sustains life on Earth by being the source of lightl heat. It contains about ~ 98% of the
total mass of the solar system and consists of% Biydrogen and ~ 10% Helium with a

small fraction of heavier elements. Its atmosplenesists of four layers: the photosphere,
the chromosphere, the transition region and thenzor

Figure 2.1 shows this basic structure of the Sume flrst layer is the photosphere which is

the apparent solar surface and it emits most ofSiln@s light and heat. The second layer is

the chromosphere, a layer clearly visible duringotar eclipse. It extends som®’ km
above the photosphere. The temperature on this lageeases from a surface temperature of
4300 K to about DK owing to the absorption of acoustic waves enmgjgirom the
convective zone. The third layer is the transitiegion above the chromosphere, where the
temperature increases rapidly from ~* 20to 1¢ K. The fourth layer is the solar corona
which is observable beyond the chromosphere. Bhikd region where prominences appear
as immense plasma clouds that erupted from therwgtpemosphere. This is the outermost
tenuous region of the solar atmosphere extendirgrge distances and eventually becomes
the solar wind.

The corona is characterized by very high tempeeatuthe presence of low density, and fully
ionized plasma. Near the solar poles the cororiahsity is generally depressed particularly
around solar maximum. The corona has dark extenelgidns in x-ray solar images called
coronal holes. These coronal holes are charactern®e low density, cold plasma and
unipolar magnetic fields. During solar activity ooal holes cover the north and the south
polar caps of the Sun. Coronal holes are regionseoy low density and have an open
magnetic field structure. This open structure aflovery low energy charged particles to
escape from the Sun so that coronal holes aredhees of solar wind and the exclusive
source of high speed components.



Solar activity is characterized by sunspots wlaith dark spots that appear on the surface of
the Sun. They appear dark because they are ctalertheir surrounding gas. They develop

owing to strong local concentrations of the magniid on the solar surface.
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Figure 2.1: This figure shows the basic structure of the Sdapged from:
www.oulu.fi/spaceweb/textbook/sun.html.

Figure 2.2 shows the monthly averaged sunspot nigrfbem 1750 to early 2010. During
periods of high activity called solar maximum magots are visible on the surface of the
Sun. Periods with less active and few or no sussp@ called solar minima. From the figure
it is evident that the Sun has a period of ~11gealled a solar cycle.
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Figure 2.2: Monthly sunspot number from 1750 to early 20Jadrom

http:/solarscience.msfc.nasa.gov/sunspotcycle.shtml

2.4. Solar wind

The solar wind constitutes of streams of chargetighes ejected from the upper atmosphere
of the Sun. It consists of approximately the samnlmer of electrons and protons with few
heavier ions. The existence of solar wind was ptediby Ludwig Biermann in 1951 from

studying the shape of cometary tails (see reviewichtner 2001). The first spacecraft to
confirm this was the Soviet Lunik 2 and Lunik 31f60. These observations were verified

by observations of Marine 2 in 1960.

The theory explaining the solar wind and its chimastics was first introduced by Eugene
Parker (Parker 1958). He also proposed the firshemaatical model for the solar wind. The
source of the solar wind is the Sun'’s hot cordmajtémperature of the corona is so high that
the Sun's gravity cannot hold on to it. The solandms always flowing in the outward
direction and carries magnetic clouds and intevactegions with it. An interaction region
forms when the high solar wind stream catches up thie slow solar wind. The high and
slow speed streams interact with each other and Ipaghe Earth as the Sun rotates. The

bimodal solar wind flow is most evident near seranimum. The origin and the acceleration
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Figure 2.3: Solar wind speed and proton density variations fhaiographic pole to pole as observed
by Ulysses from 1994 to 1995. Upper plot showssthiar wind speed variation; bottom plot shows the

proton density variation. Data obtained from haphloweb.gsfc.nasa.gov.

of the fast and slow solar wind are not well untterd, but observations from SOHO
(Cranmer 2002) provide new insight. Among the int@oir results obtained from these
observations are that the fast and slow wind oaitgis and accelerates in very different ways,

related to the global structure of the corona.

The fast solar wind is characterized by speeds760-800 km.$ with small fluctuations and

is directly associated with coronal holes and potaonal holes and are often stable over a
long periods of time. The high speed solar windlasninant during periods of low solar
activity and occupies the whole heliosphere atrstattude > 26. The slow solar wind
originates from equatorial coronal holes locatedtha vicinity of active regions and is
characterized by an average speed of ~ 450 kbuswith very large fluctuations.

For the purpose of this numerical study, the seiad velocityV is assumed as

V(r,8)=V(r.0)e =V, (r)v,(8)e, (2.1)

wherer is radial distance in AU@ the polar angle arelthe unit vector component in the
radial direction. The radial dependence of therselad speed is given by
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V(r) =V, {1— ex;{‘l—o[uﬂ} , 2.2
30 1,

with V, = 400km.s?, r, the solar radius, amg=1 AU (e.g. Potgieter 1984).

The latitude dependence of the solar wind spédd) during solar minimum conditions is

given by
V,(6) =157 O.5tan?ﬁj—g(0— 90:¢)} . (2.2

In the northern and southern hemisphere respegtigh ¢ = 35 (e.g. Hattingh 1998). For

solar maximum conditions it is assumed to be inddpaet of latitude so that

Vv,(6)=1. (2.4

Figure 2.4 shows the latitude dependence of thar swind speed as given by Equations
(2.3) and (2.4) for solar minimum and maximum cdtiods, respectively. The solid line
shows solar minimum whereas the dotted line shala snaximum conditions. For solar
minimum, the solar wind speed is assumed 400 kin.ghe equatorial regions, increasing
to 800 km.& in the polar regions. For solar maximum condititims solar wind speed on

average is 400 kmisfor all heliolatitudes.
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Figure 2.4: Latitude dependence of the solar wind speeddiar sninimum and maximum given

by Equations (2.3) and (2.4) respectively.

2.5. The heliosphere

The heliosphere exists because of the presenceroé®d the solar wind which excludes the
charged particles of the local interstellar medi(ilt&M) from the vicinity of the Sun. The
size and the boundaries of the heliosphere aregndieted through interaction between the
solar wind and the LISM. The internal propertigsicture and dynamics of the heliospheric
medium are thus defined by the spatial and tempaadbility of the solar wind. The most

important time scale is imposed by the 11 yearecycl

The volume of space filled with the expanding selard is called the heliosphere. It is the
modest representative of an astrosphere; an iellarstoubble blown into surrounding

interstellar medium by a stellar wind. The extehtttee heliosphere depends on the ram
pressure of the solar wind compared to the totassure of the LISM. It is separated from
LISM by the heliopause (HP). The heliosphere iselied to be moving at a speed of ~ 25
km.s* through the interstellar medium. The speed ofltieal interstellar medium has been

estimated from direct measurements of intersteflautral particles coming into the
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heliosphere. The LISM is not an empty space butsisbrof some combination of dust,

neutral gas, plasma, magnetic fields and galaosonic rays.

Bow Shock

Heliospheric Shock

Local _
Heliopause
——
Interstellar Heliotail
Medium

Upwind | Downwind

Figure 2.5: Sketch of the heliosphere as seen in the rest fodree Sun (from Fichtner
2001).

The geometry of the heliosphere, as sketched iar€ig.5, is globally defined by the mutual
interaction between two plasmas, the solar windmiaand the interstellar medium plasma.
Hydrodynamic and magneto-hydrodynamic models ageel ts calculate the geometry of the
heliosphere. Figure 2.6 shows such a contour gldthe heliosphere with computed proton
number density and proton speed for an anisotrgplar wind, as occurs during solar
minimum periods (Ferreira and Scherer 2004). Tkaltg are shown in the rest frame of the
Sun, where its motion relative to the LISM appeassthe interstellar wind blowing to the

left. The dashed lines indicate two structuresngpartance to GCR modulation, the solar
wind termination shock as the oval dashed line twmedHP which in this case is an open
structure, called the heliotail. The direction ihigh the heliosphere is moving is called the
heliospheric nose. Magneto-hydrodynamic models skhiomlar geometry but with the tail

region somewhat narrower, and asymmetries dueet@rbssure of the interstellar magnetic

field.
12
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Figure 2.6: Contour plot of the heliosphere showing the comgpyi®ton density (top) and proton
speed (bottom). Shown by the dashed lines are ab#igns of the termination shock (dashed
oval) and the heliopause (Ferreira and Scherer)2004

2.5.1. Solar wind termination shock

The region in the heliosphere where the solar wehdnges from supersonic speeds to
subsonic speeds is called the termination shock. (Ti8s occurs because of the interaction
with the interstellar medium. The existence of Tf®&was first suggested by Parker in 1961
(Parker 1961). The TS position was estimated ty iaom ~ 80 AU and ~ 100 AU (e.g.
Stone et al. 1996yWhang and Burlaga 2000), which was pretty closevt@at the twin
Voyager spacecraft observed during their crossoigbe TS. In 2004, Voyager 1 crossed
the TS at 94 AU (Stone et al. 2005), while Voyagerossed it at 84 AU in 2007 (Burlaga et
al. 2008). The TS can be considered as the firpbrtant heliospheric boundary away from
the Sun, with the main feature that the Sun’s supgnetosonically expanding solar wind

abruptly slows to become a submagnetosonic flosg déscribed as a collisionless shock.
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2.5.2. Heliosheath

The heliopause forms where the solar wind and therstellar medium pressure are in
equilibrium, called a contact discontinuity, sep@@gthe two plasmas from each other and as
such it can be regarded as the outer boundaryedfi¢hiosphere. The region between the TS
and the HP is called the inner heliosheath whetteasegion between the HP and the bow
shock is called the outer heliosheath. The shapgheoHP is highly asymmetrical, as shown
in Figure 2.6, from the nose to the tail. It is hagfined in the nose direction predicted to be
about 40-50 AU beyond the TS, but it is ill definedhe tail direction so more modeling is
required to understand it (e.g. Opher et al. 2009}he inner heliosheath the solar wind is
slower, hotter and denser as it interacts with skerounding interstellar matter. The
heliospheric magnetic field is still frozen intoetlsolar wind plasma and increases in
proportion to the increase in plasma density initiner heliosheath. In this region the slowed
solar wind must be diverted backwards away fromupstream medium. In this work the

inner heliosheath will simply be referred to as lte&osheath.

2.6. The heliospheric magnetic field

It is important to study and understand the hehesic magnetic field (HMF) because it
plays a significant role in the transportation bé tcosmic rays in the heliosphere. It is
embedded in the solar wind and rotates with thésSwtation period so that it is transported
into an Archimedean spiral by the combination & folar wind’s outward motion and the
Sun’s rotation. The solar activity cycle also deteres the shape and the structure of this
magnetic field. The magnetic field is directed ocatevfrom the Sun in one of its hemispheres
and inwards in the other. This changes during exrsolar activity when the polarity of the

HMF changes, causing a 22 year cycle.
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Figure 2.7: A 3D representation of the Parker HMF spiral sutetwith the Sun at the origin.
Spiral rotates around the polar axis, here wittapahgles of) = 45, § = 9¢ andd = 135. From
Hattingh (1998).

The equation for the HMF spirals as derived by Bak958) is:
r 2

B =B, (_Oj (e —tanys,) (2.
r

where B is the HMF with unit vector components ande, in the radial and azimuthal

direction respectively. Hereis the spiral angle defined as the average angleeea the
radial direction and the average HMF at a certamsitmn. A typical value at Earth
isg =45, increasing withy =90°beyond ~10 AU in the equatorial plane. The mageitofl
the HMF at Earth i8,, with an average value Bf =5 nT for solar minimum. The spiral

angle is given by
Y= arctar(wj , (2.€

where Q s the angular speed of the Sun. Substituting Egug2.6) into (2.5) yields for the
magnitude othe HMF
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2 — 1 2
B= ol \/1+(Q(r rO)S'nHJ . @7
v

The polar anglég is measured from 0° at the polar axis of the Sith &v= 90° at the

equatorial plane.

Jokipii and Kota (1989) made a modification to Beker HMF so that the expression for the

HMF becomes

2 — 1 2
Bm=Boer L+ Q(r-r,)sing 1) e
r \ ry

with &, =8.7x10° so that ford, =0 the standard Parker geometry will be obtained (see

also Langner 2004).

2.7. The heliospheric current sheet

Heliospheric current sheet (HCS) is the surfacéiwithe HMF that separates regions where
it points toward or away from the Sun, thus divglithe heliosphere into two halves with
opposite magnetic polarities. The thickness ofHIBS is about 10 km. The structure of the
HCS is shaped by the Sun's rotation causing itateta wavy structure. This waviness is
correlated to solar activity. The angle betweenrttation axis of the magnetic field and the

Sun’s rotation axis is called the tilt angle

During solar minimum conditions when solar activisylow, the tilta is small so that the
waviness of the HCS is reduced. During solar marimucan be as large as®7Every ~11

years the HMF reverses its polarity, changing sigmoss the HCS.

For a constant and radidl| the wavy HCS satisfies the following equationegivby Jokipii
and Thomas (1981):

) =7—2T+sin‘l{sina sir{qﬁw}} : (2.9)

\Y,

For small values o, this equation can be reduced to the equatiomdiwyeHattingh (1998)
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To include the polarity of the HMF, Equation (2i$)modified so that

B=At|30("r—°j2(e,—tan¢/e¢)[1— 2H(6-6)]. 2.1

with & the polar angle of the HCS am§l = +1 a constant that determines the polarity of the

HMF: A > 0 is the period when the magnetic lines are directetivard in the northern

hemisphere and inwards in the southern hemispheith,A =+1. For A < 0 periods,

A =-1 and the direction of the HMF is reversed.

The Heaviside step function in Equation (2.11) isegiby

. 0Owhend< @
H(6-6)= whenos e (2.12
1whené >@

If this function is used directly in the numericalodel, the discontinuity causes severe
numerical problems (Hattingh 1998 and Langner 200d)overcome this problem, the step
function is approximated by

H'(6-6)=tanh 2.75(6-6)] . (23)

2.8. Solar cycle variations

The Sun has another important cycle, the ~ 22 ygele cwhich is directly related to the

reversal of the HMF during each period of extrerakarsactivity. These cycles have been
termed A > 0 and A < O polarity cycles respectivdlge bottom panel of Figure 2.8 shows
the long term modulation of GCRs intensities assuead at Earth by the Hermanus neutron

monitor.
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Figure 2.8: Top panel shows the tilt anglefrom 1976 until recently Two different models oare
shown namely “new” (dashed dot line) and “classisblid line). (Wilcox Solar observatory:

http://wso.stanford.edisee also Hoeksema 1992). Bottom panel showstigeterm modulation of

GCRs as recorded by the Hermanus neutron monitsouth Africa with a cutoff rigidity of 4.6 GV.
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The GCRs intensity time profiles reach maximum galin ~1965, ~1976, ~1987, ~1998 and
~2009 corresponding to solar minimum conditionsniklium values were observed in 1969-
1970, 1981-1982, 1990-1991, 2000-2001 which coomrdp to solar maximum conditions.
The alternating A > 0 and A < 0 magnetic polarifcles are indicted in this figure. This

means that the present cycle is an A < 0 cycle.Zbhgear cycle is also clearly evident.

The top panel of Figure 2.8 shows how the tilt angl varying with solar activity. Two
models are shown, the classic and the new model. cldssic model uses a line of sight
boundary condition while the new model uses raolndary conditions at the photosphere
to calculatex. For both modelsy varies from a minimum of ~5° to 10° (at solar mim

activity) to higher values with increased solamaiyt with o ~75° the observed maximum.

2.9. Spacecraft missions

In this section different spacecraft missions rafe\to this study are briefly discussed.

2.9.1. Ulysses mission

The Ulysses mission was a joint venture betweerktlrepean Space Agency (ESA) and the
National Aeronautic and Space Administration (NASAhe spacecraft was launched on 6
October 1990 with its main objective to explore 8izheliospherand to gain understanding
of the dynamic heliosphere in the heliospheric padgions. It was the first spacecraft to take
measurements far above the ecliptic plane, overptiiar regions of the Sun, obtaining
firsthand knowledge concerning the high latitudethe inner heliosphere with< ~5 AU.

After its launch, the spacecraft stayed close &dtliptic plane to reach Jupiter at ~5 AU
from where it started to move to higher heliolatgs south of the ecliptic plane. In the mid-
1994 the highest southern point was reached atmimi solar activity. Ulysses moved to the
northern polar region and reached it in mid-19@%unning to the equatorial plane region
again in 1998. It started the second out-of- ecliprbit after 1998 by moving into the

southern heliospheric regions.

The mission was highly successful and had congibstgnificantly to the current knowledge
regarding the inner heliosphere. Several majorodisices were made e.g. the strong latitude
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dependence of the solar wind speed changing wi#n aotivity. Concerning GCRs, the main
discoveries and highlights were discussed in séveveews, the recent ones bieber and
Potgieter (2006, 2007). For more detailed infororagébout the spacecraft mission, see also
the NASA Ulysses homepage at htttp://ulysses.jpargov/.

2.9.2. Voyager mission

The twin Voyager spacecraft, called Voyager 1 angager 2, have made GCRs, solar wind
and magnetic field observations for more than tldeeades. These observations have been
used to study the spatial and temporal variation&S6Rs and ACRs at distances now
extending beyond 95 AU. The two spacecraft weredhad in 1977, Voyager 2 first in
August, and Voyager 1 in September. The spacelcaa thus been in flight for almost 35
years. They are the first and so far only spacetwagtudy the outer solar system, the TS and
now the heliosheath. The spacecraft also returtes alzout the HMF but unfortunately the

solar wind detector is not working.

The first objectives were to explore and study glanets Jupiter and Saturn, but Voyager 2
also went by the giant planets Uranus and Neptdogager 1 is speeding away at ~ 3.5 AU
per year, out of the ecliptic plane at a helioleté of 34.4°, whereas Voyager 2 travels at ~
3.3 AU per year, out of the ecliptic plane at adiatitude of -28.8° (i.e. below the equatorial
plane). Voyager 1 was the first to cross the T3004 at a distance of 94 AU and it has been
exploring the heliosheath since. This knowledge lheen very handy in modulation studies
and modeling and will continue to be so for anottiecade. Voyager 2 crossed the TS in
2007 at 84 AU that is 10 AU closer to the Sun thayager 1. This is confirmation that the
shock is not stationary, it moves inwards and outwalepending on solar activity (see e.g.
Snyman 2007 and Intriligator and Webber 2011).

Both Voyagers are heading towards the HP nosegtiien that is separating the solar wind
plasma from the interstellar plasma, and the heliese from the local interstellar medium.
Voyager 1 is currently at 118.9 AU meaning thahould reach the HP within the next year
or so. This region has never been explored befp@nl spacecraft. Voyager 2 is currently at
96.6 AU. The two are expected to operate until 2@2@ maybe by then Voyager 1 could be
exploring the local interstellar medium. For thestvanumber of discoveries and

accomplishments of this mission, see reviews by&ti al. (2008), Richardson et al. (2008)
20



and Krimigis et al. (2011). For more information oab the mission see: http:/

voyager.jpl.nasa.gov/mission/intersterllar.html.

2.9.3 PAMELA mission

This is a satellite-borne experiment making longation measurements of cosmic rays,
particularly optimized for their antiparticles sues positrons and anti-protons. It was
launched on June 152006 from the Bajkonur cosmodrome on-board of Resurs DK1

satellite, and since then, has continued to malsenmmoray observations following a high
inclination elliptical orbit with a period of 90 mites. It is also suited to study particles of

solar origin and particles trapped in the Earthéggmetosphere.

The main scientific objective is the simultaneobservations of cosmic ray antiprotons and
positrons, performed in the most extended energgado date (100 MeV to at least 100
GeV). The mission will continue until the satellfls, hopefully not in the next few years.
A major discovery was the large positron excess$ wespect to electrons between 10 GeV
and 100 GeV as well as discovery of antiprotonsigpéiapped in the radiation belts around
the Earth (Adriani et al. 2011). For other accasiphents of this mission, see publications
and reviews byAdriani et al. (2009), Picozza.et al. (2007), Boeet al. (2009, 2011), and
Mocchiutti et al. (2009). For more detailed infotroa about the PAMELA mission visit its

official website, http://pamela.roma2.infn.it.

2.10. Summary

In this chapter the basic concepts that are impbttathe modulation modeling of GCRs in
the heliosphere were given and briefly discussedshArt introduction was given on the
various populations of cosmic rays and their origine Sun, the heliosphere and its
geometry, the HMF and HCS, the solar wind and thar<ycles. Three spacecraft missions
were also discussed. The next chapter will giveief bverview about the numerical model,

the transport equation and the heliospheric diffagensor.
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Chapter 3

Heliospheric modulation of galactic
cosmic ray: Theory and models

3.1. Introduction

The modulation of GCRs is the process by whichrtheensities change as a function of
position, time and energy as they propagate froe ltical interstellar medium into the

heliosphere. These fully charged galactic partidese to cross various heliospheric
boundaries and regions, as described in the prewbapter, on their way to the point of
observation. The transport and propagation prosease described by a basic transport
equation with several important mechanisms: comwecdiffusion, gradient, curvature and

HCS drifts and adiabatic cooling (or heating) ascdssed briefly in section 3.3. This

equation was developed by the Eugene Parker iedHg 1960’s (Parker 1965) and verified

by Gleeson and Axford (1967) and Fisk et al. ()9a#hd refined by Gleeson and Axford

(1968) and Jokipii and Parker (1970).

3.2. The 3D modulation model

For the past four decades GCRs models, in partioulaerical models, have been developed
with increasing complexity, from steady state tanpoehensive time dependent models,
including the TS with diffusive shock acceleratiéior a brief overview of the history of the

development of these models, see Ferreira (199)gher (2000, 2004) and references
therein. Here a brief overview of a locally deveddp3D steady state model as used in this

work is given.

Kéta and Jokipii (1983) were the first to develofuk 3D steady state drift model, followed
by Williams (1990), Hattingh (1998) and Gil and Aia (2001). Fichtner et al. (2000)

developed a 3D steady state non-drift model whiciuded the Jovian magnetosphere as a
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source for low energy electrons. In 206&yreira et al. (2001a,b) developed a 3D steadg sta
drift model which included gradient, curvature aadrrent sheet drifts and the Jovian
magnetosphere as a source of low energy electsmes dlso Ferreira et al. 2001a, b). The
motivation for developing this model was the Ulyssabservations which revealed 3D
modulation effects in the inner heliosphere. Theteady state models describe solar cycle
effects as a series of steady solutions with eadhtisn containing solar activity related
changes in the modulation parameters such as tle sond, the various diffusion
coefficients and the Jovian electron source, néiglgstrong time dependent effects such as
the reacceleration of GCRs at the TS. This modé¢hésdeparture point of this study but
neglecting Jovian electrons. The latter was studhefibre by Moeketsi (2004) and NKkosi
(2006) — see also Moeketsi et al. (2005) and Nk&bsil. (2008). For this thesis, the focus is
on the modulation of GCRs electrons.

3.3. The transport equation

The transport equation is given by

of _ Loy ot :
5 = v +0.(K .Df)+3(mv)alnP+Qsoume, @

where f(r,P,t) is the omni-directional cosmic ray distributionn@ion dependent on
positionr, rigidity P and timet. The rigidity is defined as the momentum per chday a
given species of particles, and is given®y pc/ q where p is the particle momentungis

the particle's charge ands the speed of light in empty spacé;is the solar wind velocity

and K the diffusion tensor. This TPE includes the follogvprocesses:

» The term on the left side describes the changedrCiRs distribution with time.

* The first term on the right describes the outwardaed particle convection caused
by the radially expanding solar wind.

* The second term on the right depends on the diffusensor which describes the
spatial diffusion parallel and perpendicular to éverage HMF of these patrticles, as
well as gradient and curvature drifts of GCRs idolg any abrupt change in the
HMF such as the HCS.
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* The third term describes energy changes in the fafrediabatic cooling or heating
and acceleration of particles at shocks.
» The last term describes possible sources of CRdeintke heliosphere, e.g. ACRs or

the Jovian electron source.

The transport equation in leeliocentric, spherical coordinate system and fetemdy state

with % =0, is given by

diffusion

2 1 0K, |of 1
K %
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where K , K ;,K.,, Ky, Ky, Ky, K, Ky and K, are the elements of the diffusion tensor

K, discussed further in the next section.

The three components of the drift velocity aretegldo these tensor elements as follows

__sign(Bqg @ ,_. .
(vg), = g 03(3|n0K6r), (3.3

(vd>9=—8ign(Bq)[ 1 i(Kw)J,i(rK )} (3.

r sind dg
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Alternatively the drift velocity vector is describdy

vy =0xK,e, = 0% (K ,8)[ 1-2H (66 ) |+ 20,(6-6 ) (K 4&) x0(6-6 ) , (3.6

with eg :%“, with B, the modified HMF given by Equation (2.8) ahtlis the Heaviside

step function. HereK is the drift coefficient (described below) relatiedthe geometry of

the HMF andd, is the Dirac deltdunction (see also Hattingh 1998).

3.4. The diffusion tensor

The heliospheric tensét can be written in terms of diffusion and drift ch@énts orientated
with respect to the direction of the background HMF

K, 0 O
K=|0 K, K, 3.
0 -K, K,

Where K, is the diffusion coefficient parallel to the mebMF, K ,andK denote the
diffusion coefficient perpendicular to the mean HNH- the polar and radial direction
respectively, with the off-diagonal elemeii, describing gradient, curvature and HCS drifts

of GCRs in the large scale HMF. In order to find tlements of this tensor in a heliocentric

spherical coordinate system as in Equation (3h2)ftansformation matrix is used:

coy 0 siy
T=| O 1 0 (3.¢
-sing 0 cow

wherey is the spiral angle of the HMF given by Equatior6{2This gives
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Krr ré Krgo
Ko Koo Kg|=TKTT (3.¢
Ke Kgo K,

coyy 0 siy (K, 0 O) cag 0O- sin
= O 1 0 0 Ky, K, 0 1 0 (3.10
-sing 0 cow 0 -K, K, )L sig O -cag

K,cosy +K,, sify -K, sipp (K, -K,) cog sigr
= K, sing Ko K, cosy (3.11)
(Ky =K, )sing cogy  -K, cog K., cog+K, shy

where the superscrifgt in Equation (3.9) denotes the transpose of theixn&vidently, the

heliospheric transport of GCRs is determined byr foasic coefficient,, K., K;,and

K,. They determine

K =K cosy+K,, sify (3.12

which is the effective radial diffusion coefficient

K = Ko (3.13)
which is the effective polar diffusion coefficient,

Ky =Ky cOS Y +K sify (3.14
which is the effective azimuthal diffusion coeféait and

Ka =(K, —K”)sim// osy =K, (3.15
which is the effective azimuthal-radial diffusiooafficient.

3.4.1. The parallel diffusion coefficient

In this section a brief overview oK, is given without going into too much detail. It is

responsible for transporting the GCRs paralleh®oHMF. This basic transport mechanism is
described by quasi-linear theory (QTL) (e.g. Jakij9i66, 1971; Hasselmann and Wibberenz
1968, 1970; Droge 2000), with the parallel mear frath A, given by
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-ijlﬂdﬂ (3.1

with v the speed of particleg/the cosine of the pitch angle amj(,u) the Fokker Planck
coefficient for pitch-angle scattering (see alsol H&874; Stawicki 2003). The relationship

between the parallel mean free péﬁﬂ)and K, is given by

3

A==
v

K, (3.17)

The calculation of®(4) in Equation (3.16) is needed as an input powectsp® of the

magnetic field fluctuations which can be dividetbithree ranges namely; the energy range,

where the power spectrum is independent of the wiawebeik , the inertial range where it is

proportional tok™" and the dissipation range where it is proportiao&l” (see e.g. Bieber
et al. 1994). The dissipation range plays an ingmrtole in the resonant scattering of low
energy particles where the pitch angles of thesgicfes approach 90°. QLT predicts

that)l”becomes infinite if the dissipation range is in@ddn the calculation of Equation
(3.16). This is becaus@(/,l) goes to zero in the dissipation range as pitcheaagproaches

90°.

In contrast, if the dissipation is neglecteq, becomes too small for lower rigidities and

gives a wrong rigidity dependence, however, thisallsm”can be applied when calculating

high energy proton modulation since protons expegelarge adiabatic energy changes

below ~300 MeV and the change J’rﬂ will not have any effect on proton modulation (see

e.g. Potgieter 1984).

Knowledge of/]|| is quite important for electron modulation becaeaktrons with energies

(rigidities) below ~300 MeV (300 MV) are diffusiorohinated and respond directly to any
changes in\”for rigiditiesP <100 MV. A higher order theory, which is beyond the scope

this study, is needed to fully understand QLT.
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Taking into account theoretical arguments by Buegeal. (2000), &, for computing GCRs

electron modulation in the heliosphere was constudy Ferreira (2002). This complex
coefficient is given by

K, = KOIBfl(r’P)' (3.1
where
f,(r,P)=0.29 (P)c(r)h(r,P), (3.19
with
2 1.7 2.2 1/3
—00d 2] [X Plr Pl{r
wr-0od 2] [ voof 2] of2] 1) a0
_|1.0i0fr >r, 30
e(r)= m(r) if r<r_|’ (3.2
'3
m(r):if[LJ , (3.2
rc r‘0
and
o(P) :(%j , (3.23)
where £=(Lj ,x=(0'016) I = fo = (3.2
r. PR, 0.1+(P, /R)"
and
(1) :{(10ro Jr)"ifr >10 AU}, 3.25)
1.0if r<10 AU

with k =125x 104(r /ro)z. Here £ is the ratio of the speed of cosmic ray particles

to the speed of ligh, = 4% 0 Jém'sP,= 1GN= 1AU &hd PwhenP<1GV
andP,=1GVwhenP=1 GV.

Ndiitwani (2005) constructed a differeil]t, especially in terms of its rigidity dependence,

based on the theoretical turbulence work doneJl”fcat Earth by Teufel and Schlickeiser
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(2002). In addition, a radial dependence was coatd in order to have)rﬁl which produces

realistic modulation in the heliosphere. This patahean free path is given by

A=A(r.P)A,(r.P), (3.2

where

Al(r,P):g 0.0106 (P /R)" + 357 7 |+ €Y< 10°(P R) |, (3.2
(0512 +(P /R)’)
and
P)+0.08
A (r,P)= G , 3.2
-(1:P) G (P)(r/r)>*+0.08( /ry)"* (
with
0.02 )"

P)=83.0 ——— | . 3.29
(P =83q 02 | 1)
The parallel diffusion coefficient is then

V
K, =§/]H(r,P). (3.30)

This implies thaﬂ”for low energy GCRs electrons has almost no rigidépendence which

is required as will be illustrated in the followiebapters.

This mean free path was also used by Nkosi et2808) and Nkosi (2006) to compute
modulation for electrons and will be discussedenti®ns 3.5 to 3.7, in terms of its rigidity

dependence, radial and latitudinal dependence.chiapter ends with a discussion of the

diffusion coefficients for the purpose of this sfuahd a motivation why they are necessary.
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3.4.2. The perpendicular diffusion coefficient

In generaK_ plays a very important role in the transport of GQ#articles in the direction

perpendicular to the HMF. It is subdivided into temefficients, perpendicular to the HMF in

the radial direction given by, and perpendicular to the HMF in the polar directigiven

byK . It has become a standard practice to sealspatially ax, . It then follows that

Ko =akK, (3.31)
and
Koo =K, (3.32)

where a andb are either constants or if required, a functiorrigidity (see also Ferreira
2002; Nkosi 2006 and Ngobeni 2006).

In this work, as done by Ferreira (2002) and NKB8D6), it is assumed that

Ko = bK”F(B), @®)
with

. 1
F(O)=A+A tanh[E(HA -90° +9F)} , (3.3¢

whereA*=1/2(d+1), 40 =1/8, Oa= 6 and@r = 35° ford < 90° while ford > 90°, 9 =180°9

and 6 = -35°.This means thak,, = K_, is enhanced toward the poles by a faaawith
respect to the value b'ql in the equatorial region as is required to explailysses

observations (see Potgieter 1996, 2000; Ferreiah 2001a; Heber and Potgieter 2006). This

function is illustrated in Figure 3.1 with= 6.
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Figure 3.1: F (9) in Equation (3.34) as a function of polar angle,de 6.

The rigidity dependence, radial and latitudinal elegence of the diffusion coefficients are

discussed in the next sections.

3.5. The drift coefficient

The drift coefficient under the assumption of weakttering is given by

(K s = (K)o 2o (3.3

standard 0 3B !
m

Here, the constar(tKA)O is dimensionless and varies between 1.0 and Oi6hwdescribes

what Potgieter et al. (1989) called 100% and 0% sdrThe drift coefficient used by Burger
et al. (2000) and Ferreira (2002) is different fréms standard weak scattering form and is
given by

il K ari (P)’ (3.3¢

Ka =(KA)03?

with B, being the modified HMF given by Equation (2.8) adg, (P) given by

10P?
drift ( ) =

- 3.3
1+10P? (
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with (KA)O =1.0. Equation (3.36) means that the drift coefficientstaling with a spatial

dependence af/B_ and that its rigidity dependence is increasedwaétcenergies to account

for observations e.g. Webber (1990) and Heber aothgi€ler (2006). This rigidity

dependence is shown and discussed below.

3.6. Rigidity dependence of the drift and diffusion
coefficients

In any 3D modulation model, the diffusion tensos Imne elements as given by Equations
(3.9) to (3.11). As shown above, a spatial depecelereeds to be assigned to them, usually
based on diffusion and turbulence theory (e.g. Bugg al. 2000). These theoretically based
diffusion coefficients (DCs) are usually improvetlepomenologically using comparisons
between numerical models and observations. Thditygiependence of these coefficients is
equally important and the same procedure is foltbvie this section, the rigidity dependence
and in the next section the spatial dependencen@f0Cs used by Nkosi (2006) and
Ndiitwani (2005) as given above are reviewed araphically illustrated, followed by the
simplified DCs used for the purpose of this study.

The work of Nkosi (2006) was focused on Joviantebss in the inner heliosphere, without
attempting to explain Voyager observations of GAé&tteons in the outer heliosphere. The
work of Ndiitwani et al. (2005) was focused on G@®tons along the Voyager trajectories
and could reproduce observations in the outer sighiere. (See also Manuel et al. 2011). The
issue investigated here is whether the rather cemnpbidity and spatial dependence as
shown above are indeed also required for GCR elestfrom the inner to the outer
heliosphere. It will be illustrated that simplifi€Cs are adequate to obtain compatibility with
Voyager 1 observations in the outer heliospherelevhetaining compatibility with the
observations at Earth.
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Figure 3.2: Computed rigidity dependence k()ﬁandKDr for 12 MeV electrons at 1 AU and AU,
respectively, wittg = 60°. The DCs are in units of 6X2@nt s* in all the figures.
Left panel of Figure 3.2 shows the computed rigidliependence of<|| (dotted line) and

K. (solid line) of Ndiitwani (2005) at 1 AU with = 60°. At 1 AU, both are almost constant

at low rigidity but increase rapidly foP >0.1 GV. The right panel shows the rigidity

dependence ofK, and K, at 5 AU. In this case both remain almost constapt
toP =2 GV, increasing rapidly with higher rigidities. Evidén K, and K, have the same
rigidity dependence but have different values (akdquation 3.31). The rigidity dependence
for larger radial distances looks similar and igstinot shown.

Figure 3.3 shows the computed rigidity dependerfc&Kp, K, andK,, (top panels) and

—(Kw = Ka) (bottom panels) for 12 MeV electrons at 1 AU andltbrespectively, withg =

60°, representing the Voyager 1 trajectory. Evibenthey have the same rigidity
dependence, changing with radial distance withrangtincreasing trend asincreases. At

1 AU, K, has the largest value but at 5 AKl,, is dominating. The bottom panels show the
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rigidity dependence of(K,,=K,) for 1 AU and 5 AU. At 1 AU for small rigiditiese.
belowP >0.1 GV, -(K ,=K,) is small and almost a constant, bufat 0.1 GV it starts to
increase sharply with higher rigidities. At 5 AB(K, ,=K_ ) remains almost constant for

P< 4 GV, increasing sharply above this value. Tigediiy dependence is thus much stronger

at 1 AU for-(K,, =K, ) than at 5 AU.

Figure 3.4 shows the rigidity dependence §f,and K, (top panels) and-K , and

-K,, (bottom panels) at 1 AU and 5 AU, respectively.sTtepresents the drift term in the
diffusion tensor as shown in Equations (3.36) aBB7). The rigidity dependence for
Kgp Kar =K and-K , is indistinguishable at 1 AU but this is not trese at 5 AUK, >
Kg,and-K , >-K,,. The stronger decrease in the rigidity dependeet@bP = 0.1 GVis

because of the scaling factor in Equation (3.37"he implication of this is that for low
energy electrons drifts become negligible so thet transportation of these particles is

dominated by diffusion.
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Figure 3.3: Computed rigidity dependence of DCs with- 60° at 1 AU and 5 AU respectively. Top
panels show the rigidity dependence Kf ,Kwanngg; bottom panels show the rigidity dependence

for (K., =K, ).
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Figure 3.4: Computed rigidity dependence waand K, (top panels); bottom panels show the

rigidity dependence ofK ,and-K,,, again at 1 AU and 5 AU, with = 60°.
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3.7. Radial dependence

The top panel of Figure 3.5 shows the radial depeoel of K, and K., for 12 MeV

electrons computed witl# = 60° which is the latitude of Voyager 1. Based the

assumptions made as discussed ab#ye>Kg, , throughout the heliosphere, with both

increasing from 1 AU to 10 AU then to remain almoshstant. The bottom panel of Figure

3.5 shows the radial dependenc&pf, K, and K,, computed withy = 60°. According to
Equation (3.12) K, is dominated bj(” in the inner heliosphere wherd&g dominates in the

outer heliosphere (except at and near the polesadrording to Equation (3.14) it is the

other way around fdf ,; the reason why these two diffusion coefficientsén a different
radial dependence. Essentially, this is determimethe combination d{”, and K, and the

geometry of the assumed HMF (the terms dependintherspiral angle). Note thd,,=

Ko Which increases rapidly within the first 10 AU,remain then almost constant.

The top panel of Figure 3.6 shows the radial depecel of-(K,, =K, )at 12 MeV again

computed withd = 60°. Within the first 10 AU in the inner helidsgre —(KW: Kg)

increases to turn round and decreases sharplyimgtbasing radial distances. The middle

panel shows the radial dependenc& gandK, ; K, is independent of radial distance for
most of the heliosphere, but this is not the cagh Ky, , see Equation (3.11Yhe bottom

panel shows the radial dependence-Kf, and-K ,, which is identical to the middle panel.
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Figure 3.5: Computed radial dependencef andK, (top panel) anK, ,K, ank, (bottom

m?

panel) withd = 60° and at an energy of 12 MeV.
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Figure 3.6: Computed radial dependence for 12 MeV eIectrons—(;Kw: Kw) (top panel),
Kgy,and K, (middle panel) and-K , and =K, , (bottom panel), withd =60,
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3.8. Latitudinal dependence

Top panel of Figure 3.7 shows the computed poéditidinal) dependence df, at 1 AU
and 5 AU for 12 MeV electronK

~rr

is larger at the poles than at the equatorial pbetause
it is dominated byK, at the poles. EvidentlyK increases with increasing radial distance,

more so at the poles than at the equatorial pldie. bottom panel shows the polar

dependence d&f , , see Equation (3.14). At 1 AU, it decreases gfiyonlose to the poles but

remaining otherwise almost constant.

Top panel of Figure 3.8 shows the computed polgedeence ofK,, at 1 AU and 5 AU,
respectively.K,, is small in the equatorial plane and increasesifeegntly between ~70°

and ~50° to a constant value up to 0°. The redsothis is the effect of using Equation

(3.34) and illustrates the enhancementkgf, towards the heliospheric poles. The bottom
panel shows the polar dependence—¢K, ,=K,), see Equation (3.15). The values drop

sharply towards the poles but remain constant ¢lm$iee equatorial plane.

Figure 3.9 shows the computed polar dependencié pftop left panel) andK,, (top right

panel) at 1 AU and 5 AU for 12 MeV electrons. Tladues are quite small at this energy (see
also Figure 3.4). These DCs are determined by tiftecdefficientK , according to Equation

(3.11) and since it is small at these energies; twiously contribute little to drift effects.
The bottom panels of Figure 3.9 show the latitudatependence of-K , and-K,,. The

results are similar to what was obtained in the papels, as it should be. According to

Equation (3.11)K,,=K andK, =K_,; they differ only in sign.
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Figure 3.7: DCs K, andK , as a function of polar angle at 1 AU and 5 AU 1& MeV

electrons.
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Figure 3.8: DCs K, (top panel) and—(Kw = KW) (bottom panel) as a function of polar

angle at 1 AU and 5 AU for the 12 MeV electrons.
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3.9. Diffusion and drift coefficients for the purpcse

of this study

The DCs illustrated above do not reproduce all etspef observed GCR electrons in the
heliosphere, despite being rather complex, to xbene that it becomes rather tedious to keep
the numerical ADI solving procedure stable (e.gttidgh 1998). It has become necessary to
re-evaluate these complex DCs and compare thei@wuthey produce with simpler
approaches which appear to be at least as goodeas tomplex equations. This will be

investigated in this and in the following chapters.

To compute electron modulation in the heliosheathsimpler approach is to assume:
K|| =K B1,(P) f,(r,8) with f(P) giving the rigidity dependence amgr,d)the spatial

dependence oK”. This approach, which separates the rigidity ddpane from the spatial

dependence, will be used to compute the modulatibri2 MeV electrons. Following
Potgieter and Ferreira (1999), the assumptions nmaBeguations (3.31) to (3.34) are used. It
will be illustrated that such a simplified approashadequate to obtain compatibility with
Voyager 1 observations in the outer heliosphere.odder to be able to achieve this
compatibility, a constant rigidity dependence belBw< 0.4 GV is needed, but changing
significantly wherP > 0.4 GV. A similar approach was used by Potgieter (1984).

3.9.1. Parallel and perpendicular diffusion coeffients

The diffusion coefficients used for this study havdifferent radial dependence in the inner
heliosphere than in the outer heliosphere. In otdesissure compatibility with Voyager 1
electron observations, it is necessary to spebiégyDRCs differently over the first 80 AU than
in the outer heliosphere with> 80 AU. This will be discussed further in latéapters.

In the inner heliosphere € 80 AU), the DCs are given as follows.
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If P< 0.4GV:

Ky = (K, /5.0)/3(1{%} | ] , (3.3¢

Ky = (@/5.0)K. (3.39)

If P>0.4 GV:

K, = (K, /5.0)ﬂ{3j[1+(ij | } (3 9)
R I

K., =(a/5.0)K,. (3.41)

In the outer heliosphere> 80 AU, the coefficients become:

If P<0.4 GV:
K, =(K,/5.0) B(1+ ¢ K, ¥°), (3.4
K., = (a/5.0)K,. (3.43)
If P=0.4 GV:
K, =(K,/5.0) ,B(g)(1+ ¢ I, ), (3.44
K., =(a/5.0)K,. (3.45)

For the perpendicular diffusion in the polar direct

Koo =2k, F(6), (3.4

with

FO)=A +A tanh[i(e -90°+4 )} 37)
- AN FrY

whereA™=1/2(d+1), 40 =1/8, 0a= 0 andd = 35° ford < 90° while ford > 90°, H = 180°9
andég = -35°.

In these equations = 0.025andK,= 76 in units 0f6.0x 1G° cnf &', re= 1 AU andP, = 0.4

GV.
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3.9.1.1. Rigidity dependence

In this section, the rigidity dependence given iquations (3.36) and (3.38) to (3.47) is

illustrated.

Shown in the top panel of Figure 3.10 is the comgutgidity dependence dK” at 1 AU,

5 AU, 60 AU, 90 AU and 110 AU witl# = 60°. Evidently, it is constant below< 0.4 GV,
increasing proportional tB above 0.4 GV. The choice of using this straigintverd rigidity
dependence is based on turbulence theory as dexetopthe innermost heliosphere (Burger
et al. 2000)assuming to be applicable also to the outer hdliesgp The illustrated rigidity
dependence reflects what is assumed for Equat®Bs)(to (3.45). The bottom panel shows

the computed rigidity dependence Kf, also at 1 AU, 5 AU, 60 AU, 90 AU and 110 AU.

As expected, it is identical to that féf, but with K, < K.

Top panels of Figure 3.11 show the computed rigidépendence oK, , K, andK, at1l

AU and 5 AU, respectively, witl = 60°. These DCs have the same rigidity dependence
asK; andK,,. At 1 AU, K, has the largest value followed It§,, and K,, respectively, but

at 5 AU,K, has the largest value because it is dominatedh®r terms. The bottom panels

show the rigidity dependence ef(Kw: K ) at 1 AU and 5 AU respectively. Evidently,

@

Ko =K, ‘ is larger at 5 AU than at 1 AU.

Top panels and bottom panels of Figure 3.12 shewtmputed rigidity dependence wa

and K, and -K , and-K,, respectively, at 1 AU and 5 AU with= 60°. As mentioned

before, this is determined by the rigidity depercderof the drift coefficient given in
Equations (3.36) and (3.37) with a stronger depeceleat lower rigidity than at higher
rigidity.

In Figure 3.13 the rigidity dependence &f , K, and K, (top panels), together with

—(Kw: Ka)(bottom panels) is displayed, now at 60 AU andA20 As expected, they

have the same rigidity dependence but with diffevatues at these radial distances.
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Figure 3.10 Computed rigidity dependence Kf” andK_, at1 AU, 5 AU, 60 AU, 90 AU and
110 AU, with® = 60°. The DCs are in units of 6x2@nt s* in all figures.

Figure 3.14 shows the rigidity dependence Kf,and K, (top panels) and-K , and

-K,, (bottom panels) at 60 AU and 90 AU. Similar to tig 3.12 they have the same

rigidity dependence.

Figure 3.15 shows the computed rigidity dependere at 110 AU forK, , K, and Ky,

m

(top left), for —(K,(/,:Ka) (top right), for K,,and K, (bottom left) and forK , and

-K,, (bottom right). As expected, all these DCs havesdrme rigidity dependence but with

different absolute values.
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Figure 3.11: Computed rigidity dependence d&f, ,K ,and K, (top panels) and~(K, , =K )
(bottom panels) at 1 AU and 5 AU, with= 60°.
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Figure 3.13: Computed rigidity dependence 1§y, , K
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3.9.1.2. Radial dependence

Figure 3.16 shows the computed radial dependenteeddCs withd = 60° and from 1 AU

to 120 AU where the HP boundary is assumed. The junthe DCs, that is the lower values
in the heliosheath, is introduced so that the tguhafile intensities observed by Voyager 1
beyond the TS can be reproduced. This will be shiomthe next chapters. It is expected that
the turbulence beyond the TS and inside the head@tshincreases and thus causing the DCs
to drop significantly over the TS to stay smallgr to the HP. See also the discussion by
Strauss (2010), Strauss et al. (2010, 2011) andiMta@l. (2011).

The top panel of Figure 3.16 shows the radial deépece ofKII and K, computed for 12

MeV electrons withy = 60°. Both are increasing steadily with radiatdnce for the most of
the heliosphere, as expected from Equations (338§B.41). Withr > 80 AU, both K,

andK_, abruptly decrease to continue with a less strordjaradependence to the HP,

according to Equations (3.42) and (3.43). The botfmnel shows the radial dependence

of K, K, Kg- With r <10 AU, the radial dependence &, is different, changed by the

terms depending on the spiral angle of the HMFiasngby Equation (3.12); witlh >10 AU

it increases to the abrupt change a 80 AU. ForK , the radial dependence is similar to
that of K, except in the inner heliosphere where it diffdighsly. The radial dependence of

Kge is identical to thaK, andKy, .

In Figure 3.17 the radial dependence €fK, ,=K,)(top panel), K,, and K, (middle
panel),-K,, and-K , (bottom panel) are illustrated for 12 MeV elecsarith & = 60°. Both
—(Kw:Kw)display the assumed rapid decrease in the outeliospekere. In

contrastK,,, K, , =K, and-K ,do not show this rapid change because the assumspo

that the drift coefficient which determines thes€<Ddoes not change abruptly in the outer

heliosphere.
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Figure 3.16: Computed radial dependence of the DCs for 12 M&¢trons withd = 60°. Top
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3.9.1.3. Latitudinal dependence

Figure 3.18 shows the polar (latitudinal) dependenicK,, at 1 AU, 5 AU, 60 AU, 90 AU
and 110 AU. It is small in the equatorial planegéat the pole(s) because it is dominated

there byK,. Ford >20°K, is almost constant for 60 AU, 90 AU and 110 Algremsing

r

significantly below 20° resulting ik, having large values at the poles. However, tharpol

dependence at 1 AU and 5 AU is different.

The top panel of Figure 3.19 shows the polar depecel ofK , again at 1 AU, 5 AU, 60

AU, 90 AU and 110 AU. Unlik& ,K , is large in the equatorial plane and small at the

poles because it is dominatedky . For¢ >5°,K , is constant at 60 AU, 90 AU and 110
AU with the largest value obtained at 60 AU; tbk 5°, K , decreases sharply. At 5 AU,
KIS constant witly > 20°, to decrease sharply below 20°, becomindlsahthe poles. At 1

AU, a similar but less pronounced pattern is fokoThe middle panel shows the latitudinal

W0 -
0 20 40 60 80

Polar angle (deg)

Figure 3.18: Computed polar (latitudinal) dependencekof for 12 MeV electrons at 1 AU, 5
AU, 60 AU, 90 AU and 110 AU
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dependence oK,, at 1 AU and 5 AU. As before it displays the palependence caused by
enhancingK,, through Equation (3.33), depending on the valuel,othe enhancement

factor. This has an effect on the computed poktrt@idinal) gradients for electrons, through
the whole heliosphere and it will be addressedhturtin section 6.2.2. See also Potgieter
(1996, 2000), Burger et al. (2000) and Ferreirale(2001a). The bottom panel shows the
polar dependence for(K ,=K ) at 1 AU, 5 AU, 60 AU, 90 AU and 110 AU. At 1 AU@n

5 AU, they are small at the poles. This is notdhse at 60 AU, 90 AU and 110 AU. At these
radial distances they have a small value in theatgal plane, and large at the poles,

because for > 10 AU,K_, dominates these DCs according to Equation (3.15).

In Figure 3.20, the top left panel shows the pdigpendence oK, at 1 AU, 5 AU, 60 AU,

90 AU and 110 AU. The general trend is small in dguatorial plane becoming larger
towards the poles. At 60 AU, 90 AU and 110 AU tla¢ues are the same. The top right panel

shows the polar dependence Kf,, at similar radial distances. Its value is quiteam

decreasing towards the poles. At larger radiabdists e.g. 60 AU, 90 AU and 110 AU it is
larger with an increasing trend towards the poldse bottom panels show the latitudinal

dependence ofK yand -K , which are identical to the above mentioned DCsepkéor
their sign, see Equation (3.11). Overg)}, K, -K ,and -K ,have small values for all the

radial distances discussed above.
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Figure 3.19: Computed latitudinal dependence K, K, and (K , =K )for 12 MeV
electrons. Top panel shols,,, middle panel shows ,;, bottom panel shovvs(Kr(p = K(ﬂ).
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Figure 3.20: Computed polar dependencekgf,, K, K yand K, for 12 MeV electronst 1 AU, 5 AU,

60 AU, 90 AU and 110 AU. Top panels shifyy andK,, bottom panels showk , and-K , .

Op

59



3.10. Summary and conclusions

This chapter gave a brief background on the hdhiesp transport equation, the 3D modulation
model and aspects of the diffusion tensor. Firstlprief history about the 3D modulation
model was given without going into too much detdlhe transport equation and its form in
spherical coordinates were discussed. The diffussasor and a brief background about the

parallel and the perpendicular diffusion coeffi¢tgehased on the QLT were given.

The rigidity dependence, spatial dependence amddatal dependence of the elements of
the diffusion tensor were given based on the wooknfNkosi (2006) and followed by the
rigidity, spatial and latitudinal dependence of th#usion coefficients constructed for the

purpose of this study.

These diffusion coefficients, together with the nlewal interstellar spectrum constructed in
the following chapters, for GCRs electrons assorapatibility with electron observations in

the outer heliosphere while maintaining compatipivith observations made at Earth.
In the next chapter, the background about thesactyaland local interstellar spectra for

GCRs electrons is given together with the reasdmg itvwas necessary to find a new local

interstellar spectrum for electrons.
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Chapter 4

Very local interstellar spectra

4.1.Introduction

One of the important aspects of the modulation @RS in the heliosphere is the local
interstellar spectra (LIS). This serves as inpuwcsa specified at an assumed modulation
boundary and then modulated throughout the helegphs a function of energy and time.
Because of this modulation and the fact that tHerfature of the heliospheric diffusion
coefficients is not yet known, all LIS's at low egies are still not well known and
understood, and therefore controversial. Recertly Yoyager 1 electron observations,
especially since 2010 when it was already beyor®l AW, have given good insight on how
the electron LIS could actually look like at loweggies, suggesting a simple power law. In
this chapter, different calculations and forms lué electron LIS are discussed, as well as
what it implies when used in a modulation modele Btectron LIS that gives the best results
when modeling is compared to observations willdleced as a research result and will then

be used as the electron LIS for the rest of thidyst

4.2. Galactic spectra versus very local interstelfa

spectra

Galactic spectra (GS) are referred to as specitaatie produced from astrophysical sources,
usually assumed to be evenly distributed through @alaxy, typically far from the
heliosphere. These spectra are computed usinghe.gvell-known GALPROP propagation
model (e.g. Moskalenko et al. 2002). Over the yedhis model has been improved and
extended, becoming more and more sophisticatedtaioomy substantial physics. For a

review, seestrong et al. (2007).
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Figure 4.1 shows examples of computed GS for different cosmic ray species computed with
the GALPROP model. From this figure it is clear how diverse these GS can be. In
heliospheric modulation studies, these GS, wrongly referred to as LIS’s, are commonly used
as input spectra in models, to be modulated up to Earth (e.g. Moskalenko et al. 2002; Webber
1999 and Langner et al. 2001).

Since GS do not contain the contributions of any specific (local) sources within parsecs from
the heliosphere, an interstellar spectrum could be different from a GS, which could on its turn
be different from a local interstellar spectrum (thousands of AU away), which could be
different from a very local interstellar spectrum (VLIS), say 300 AU away from the Sun. If
known, the latter should be the ideal spectrum to be used as an input spectrum for modulation

models.
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(part MeV '

Figure 4.1: A compilation of computed galactic spectra, from Potgieter (2008), for cosmic ray
protons, anti-protons, electrons, anti-electrons, Helium, Boron and Carbon (see also Langner et al.

2001 and Moskalenko et al. 2002).

A VLIS may be defined as the spectrum just outside the heliosphere, that is, the location
where the heliosphere does not disturb the local interstellar medium any more. Scherer et al.
(2011) showed that a VLIS for protons may be slightly modulated in the outer heliosheath, so
that there may be a difference between a VLIS and the proton spectrum at the HP. Both

Voyager spacecraft seem to be close to the HP, so that one can argue that at least Voyager 1
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is already observing HP spectra. Potgieter ancekar(2002), Ferreira and Potgieter (2002),
Langner and Potgiete2004a) and Langner and Potgieter (2004b) showed the

heliospheric TS can indeed re-accelerate low-engadgctic electrons to higher energies so
that strictly speaking a HP spectrum could be ckfiefrom a TS spectrum. In fact, such a TS
spectrum could even be higher than a HP spectregerdling on the energies considered.
However, because the TS has been observed as vetl&r (Richardson et al. 2008) this

effect is expected to be small.

Because of the controversy surrounding the terrogyinvolved in defining these spectra
and the lack of observations beyond the HP, thé bélsalling the GS a LIS, and assuming
the VLIS equal to the HP spectrum, is continuedhis work. The next section gives some
examples of computed galactic electron spectrawsdfin the literature

4.3. Computed galactic electron spectra

Figure 4.2 shows several GS for electrons compwidd earlier versions of the GALPROP
propagation model, done between 1994 and 2000elitop panel, the differential intensity is
multiplied by E? and compared to Pioneer 10 data. The first antelsigLIS, indicated as
Strong94 in the top panel, was reported by Strangl.g(1994). This GS for electrons was
used as the LIS in earlier modulation studies (Bajgieter 1996 and Ferreira et al. 2000).
Later, Strong et al. (2000) argued that this LISSwa@o high and much lower spectra were
computed, indicated as 19-004526 (dashed linepari®-004508 (dashed dotted line), in the
lower panel according to their numbering (see Meskalenko et al. 2000). Langner et al.
(2001) recalculated the electron spectrum usingeam@menological approach, including also
radio data for calculations at lower energies, tmthd a LIS value that was between the
spectra reported by Strong et al. (1994, 2000).s THS is shown together with the
GALPROP LIS's in the bottom panel, this time intarof particles i§ s* sr* MeV?, as is
mostly used in modulation studies.

Significant theoretical modifications were made tte GALPROP code as reported by
Ptuskin et al. (2006) when they re-examined sontaephysical processes in galactic space,
involving in particular the rigidity dependence tbe diffusion of cosmic rays through the

Galaxy. They computed the primary and secondargtspéor different cosmic ray species.
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Here, only the different GS for electrons are désea and shown in Figure 4.3, without

going into too much detail.
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Figure 4.2: The computed galactic electron spectra from th&BFROP model. Top panel shows
the intensities multiplied b¥? together with Pioneer 10 data: Strong94 (Strongletl994),
Strong98a,c (Strong et al. 2000). Bottom panel shtvese galactic spectra in a form that is
normally used in modulation models together with tlangner LIS (Langner et al. 2001; Ferreira
and Potgieter 2002).

They used three different approaches, diffusiveael@ration with damping (DRD model);

plain diffusion (PD model) with an ad hoc breaktl®e galactic diffusion coefficient (only
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one is used) and an approach with distributed sdaation (DR model) and power law
diffusion with no breaks (see also Moskalenko e2G2; Ptuskin et al. 2006). The PD and
the DR models give a GS with relatively high intées at low energies while the DRD
model produced a completely different GS, with mimher intensities, already fd < 3
GeV. The modulated spectra compare reasonablyetolibervations for all three models but
only down to about 1 GeV. At lower energies, thedmated spectra are far too high,
especially for the DR and PD models, indicating thase GS are too high at energies below
~ 1 GeV. It must also be noted that the Force-Fetdiulation model is strictly not valid for

electron modulation at energies below about 1 GeV.

Webber and Higbie et al. (2008) used a Monte C&iltiusion Model for electron
propagation in the galaxy to calculate new elect@® below 1-2 GeV. They referred to
these GS as interstellar spectra. This study wasivated by new experimental and
theoretical developments (Ptuskin et al. 2006)tedlao both electron propagation in the
galaxy and to the electron spectrum observed inatner heliosphere by the Voyager
spacecraft. From this observationally influencethpof view, they argued that the computed
GS presented as an interstellar spectrum were itgo dt lower energies, in particular for
electrons. They also emphasized that solar modulaifects should be properly handled in
the outer heliosphere to reconcile Voyager 1 olsems and observations at Earth with
computed GS (Langner et al. 2001). For the de&ditsut the physics of these models, see
Ptuskin et al. (2006) and references therein.

Figure 4.4 is taken from Webber and Higbie (2088g their Figures 2 and 4. The two panels
show a variety of their computed electron LIS spetbgether with the calculated LIS from
Langner et al. (2001) and Ptuskin et al. (2006)comparison with observations near the
Earth as described in the caption and Voyager Erehtons when it crossed the TS in
2004.95 at 94 AU and also ~3 years later in 20Qh&n it was at 105 AU, approximately 20
AU beyond the TS (McDonald et al. 2007). The topgdaf Figure 4.4 shows three of their
spectra (IS 2.4, 2.3 and 2.4) together with the d?ld DRD approaches of Ptuskin et al.
(2006) and the LIS of Langner et al. (2001). Thee¢hnew spectra are basically the same
down to ~500 MeV with IS 2.3 very similar to theS_by Langner et al. (2001). Note that
Webber and Higbie (2008) and Langner et al. (2@@ilized observed radio data to improve
the spectral shape of the LIS at energies belowM®&U so that it is not so surprising that

these LIS are about the same.
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Figure 4.3: Computed galactic electron primary plus secondagctsa. Top panels show
respectively the GS as calculated by Ptuskin €R8D6) with a plain diffusion model (PD) and
a re-acceleration and damping model (DRD), whettea®ottom panel shows the GS calculated
with a re-acceleration model (DR). Also shown aatlmlated spectra at Earth obtained by using
a simple Force-Field modulation model in comparisdgtih observations from AMS-I (Alcaraz
et al. 2000); CAPRICE 4 (Boezio et al. 2000); HE®4-95 (Du Vernois et al. 2001); MASS 91
(Grimani et al. 2002) and Sanriku (Kobayashi ef.@p9).
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Figure 4.4: Top panel shows various computed electron LIS fiebber and Higbie (2008),
indicated by IS 2.4, 2.3 and 2.2 in comparison whth LIS electron spectra calculated by Ptuskin
et al. (2006), indicated by PD and DRD, whereasd&ghed line is the LIS electron spectrum
from Langner et al. (2001). The data points are AM8ectron measurements (Alcaraz et al.
2000) at Earth at the time of the 1998 modulationimum (AMS-98) and Voyager 1 electron
measurements (McDonald et al. 2007) at the timigsofiTS crossing (V1-HTS) and ~3 years
later (V1-07.7). Bottom panel shows again the olzg@ns with the PD and DRD approaches as
mentioned above, now with various attempts by Wehbe Higbie (2008) of computing the LIS
using their Monte Carlo Diffusion model. Here, {@idlicates a reference spectrum with a source
spectral index of -2.3 and a constant galacticudiéfn coefficient below ~3.0 GV, and three
computed spectra, indicated as IS-7, 1S-9, andllSall with a different rigidity dependence for
the galactic diffusion coefficient. The intensitiage in units of electrons’nsr* s* MeV* xE?
(GeVY.
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Obviously, the PD and DRD approaches are drastichiferent because complex rigidity
dependences for the galactic diffusion coefficiesetre utilized in the GALPROP code in
order to calculate them. Webber and Higbie (20@#pved this approach, shown in the
bottom panel of Figure 4.4 as spectra I1S-7, IS@®18311. They are compared to a reference
spectrum, indicated by (1), for which the galactiusion coefficient is simply assumed to
be constant below ~3.0 GV. The peculiar form ofcg@ePD, DRD and IS-7, 1S-9 and I1S-11
are caused by different rigidity dependences fer dhalactic diffusion coefficient. This is
clearly shown in Figure 4.5, taken from Webber Bingbie (2008); see their Figure 3.
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Figure 4.5: Computed rigidity dependence of the galactic diffascoefficient used in various
propagation models. (1) Shows the diffusion cogdfit used to obtain the LIS electron spectra
shown in Figure 4.4 top panel, (2) and (3) showdifieision coefficient that are used to obtain
the 1S-7 electron spectrum and 1S-11 spectrumerbtsttom panel of Figure 4.4, respectively. PD
and DRD are the ones used to obtain the PD and §fedtra as shown in the bottom panel of
Figure 4.4. From Webber and Higbie (2008).

Inspection of all these computed LIS, in comparisoiin electron observations, shows that
some of them are unrealistic and can be eliminased meaningful LIS. The most obviously
wrong one is the DRD spectrum because it touchesliiservations during 1998 at Earth at
700 MeV. This directly implies that there is no mtation of electrons in the heliosphere at

this energy, which is impossible and thus illugisaa serious inconsistency with respect to
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the near Earth observations. At different enertfiese spectra seem to do better. However,
spectra 1S-9 and IS-11 are also too low at energedween 50 to 100 MeV because the
present Voyager 1 measurements are already hihese spectral shapes can thus also be
eliminated as plausible LIS's. Clearly, an effoasho be made to bring compatibility and
consistency to these attempts in calculating ap@atEpLIS. This is partly the purpose of this

study.

4.4. Mathematical description of different LIS's

This section gives the mathematical expressiondiverelectron LIS's published since the
mid- 1990’s e.g. by Strong et al. (1994, 2000), drear et al. (2001) and from Webber and
Higbie (2008). The spectra that will be used laer those from Langner et al. (2001) and

Webber and Higbie (2008) in particular their ISFie equations are as follows:

From Strong et al. (1994, 2000)
LIS (19-004606) from Strong et al. (1994) is gi\®n

4

Jus =1.7ex;{— 2.83 5.C-R+10 Rj : (4.1
with R=log(P).
The highest LIS (19-004526) of Strong et al. (208®iven by

- 17(318.36- 0.5B- 0.1%) "

us = (1.0+589.2° + 838.58°+ 1676.F8)’ "’
The lowest LIS (19-004508) from Strong et al. (2080yiven by

1.7(48.9- 0.4P+ 0.002%)
4.

hus = (1.0+179.1# + 382.4@° + 175.59)
From Langner et al. (2001)
If P<0.0026 GV,
_ 1.7(126.067% 1.95IR ))
hus =77 0.26InP }+ 0.02(InP )’
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if 0.026 GV<P< 0.1GV

P - (52.55+ 23.0[9)2
HS 1.0+148.6°P ) '

if 0.1 GV < P< 10 GV,
_ _1.7(915.22+ 10.2P- 1.97 1P+ 3.023 -193)
Jus = 91 0P+ 7532.08°+ 2405.0%+ 103.87

, (4.4)

if P>10 GV,
jus =1.5exd- 0.8%- 3.22(IR ))

From Webber and Higbie (2008)IS-7
If P< 0.0712 GV,

J _ 745.07+ 18975.38— 25649.29
Hs 1+ 656.7P + 41019.98°

if 0.0712 GV< P< 1.0 GV,

= 53.86- 973.68+ 258.8%
HS 1+87.5P - 1541.76° - 3426.98%0°

if1.0 GV< P < 10 GV,

J _0.13- 6.6< 10°P+ 5.48 10P?
HS 1-1.3P+ 1.09° + 0.28°

, 6

if P>10 GV,
jus =exp(-0.89- 3.22IF )

Here |, is the differential intensity in units of partislei” s* sr* MeV™, and P = pc/ q is

rigidity in units of GV, wherepis the momentum of the particles with chamgeandcthe

speed of light.
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4.5. Modulation implications of different electron
LIS's

This section focuses on the Langner et al. (20080tren LIS, hereafter referred to as the
Langner LIS, and the Webber and Higbie (2008) I8ettron LIS, hereafter referred to as
Webber IS-7. The two LIS's are used in the modutathodel with diffusion coefficients as
discussed in chapter 3, in order to illustrate aedcribe the corresponding modulation
effects. These modulated spectra as computed willcbompared, where possible, to
observations as a test of how realistic the resutsas well as to illustrate the main features

and characteristics of electron modulation in tekosphere.

4.5.1. Modulation of different electron LIS's

The main features of the modulation of GCRs elestrio the heliosphere as described by a
full 3D model are illustrated in this section. Thssbased on two selected LIS's as given
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Figure 4.6: Computed electron spectra at radial distances AfJ15AU, 60 AU, 90 AU and 110
AU in the equatorial plane using Langer LIS.
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above, the Langner LIS and Webber 1S-7. The Lan@gh®ris used to obtain what can be
called reference solutions for this study sinckas been used successfully in the past (e.g.
Ferreira 2002; Langner 2004; Moeketsi 2004 and NROS6). All the LIS used here are
normalized at 50 GeV, the energy at and above whidch assumed that no modulation

Ooccurs.
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Figure 4.7: Computed electrompectra at 1AU, 5 AU, 60 AU, 90 AU and 110 AU iretaquatorial
plane with respect to the Webber IS-7 spectrum asddS.

In Figures 4.6 and 4.7 the computed modulated speaith respect to the two assumed
LIS's, are shown at radial distances of 1 AU, 5 A0 AU, 90 AU and 110 AU, respectively.
The diffusion coefficients used in the model welscdssed in chapter 3; see Figures 3.2 and
3.3. The Webber IS-7 LIS is almost the same asdmgner LIS down to 1 GeV. Below this
energy, the Webber IS-7 is less than the Langn®r &lmost a factor of 10 &= 10° GeV.
Comparing the modulated spectra in Figure 4.6 witse in Figure 4.7, the effects of using
different LIS's are illustrated. Qualitatively, thesults look similar, with basically the same

features e.g. the modulated spectra reach a peakd500 MeV, decreasing to around 50
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MeV below which the intensity rises sharply to prod little modulation at IdGeV. This is
in sharp contrast to proton modulation (e.g. Poegi#996, 2000). In both cases the 1 AU and
5 AU spectra are indistinguishable above 100 Me®lo#% 100 MeV the two start to differ

but not much, not even at low energies.

The decreasing modulation (difference between tlelutated spectra and the LIS) with
decreasing energy to eventually producing rath#de Imodulation at very low energies in
both cases is caused by the assumed rigidity depeed of the relevant diffusion
coefficients; see top panels of Figure 3.2 and &igoire 3.3. It will be illustrated in later
chapters how electron modulation changes when igidity dependence of the diffusion
coefficients is changed as was discussed in detaiction 3.9. This will then be compared

to Voyager 1 observations.

Figure 4.8 shows the computed ratio between th@h@nand Webber LIS as a function of
kinetic energy. The purpose of this graph is tasiitate how the two LIS’s differ at different
energies since this is not so obvious from Figdrésand 4.7. It follows that this ratio as a
function of kinetic energy is always larger thantynwith the smallest difference around 1
GeV, implying that the Langner LIS is higher th&ue Webber LIS at all relevant energies.

1y E T T T T T T T T
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Figure 4.8: Computed ratio between the Langner LIS and the Wel®7 as a function of kinetic

energ\.
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At low energies, the almost flat ratio Bt< 10 MeV implies that the spectral slopes are the
same but with the Langner LIS a factor of 10 higfAdnis is peculiar because both LIS’s at
these energies are based on radio observations.illliktrates that the computation of these
LIS’s is still very much biased and subjective.itigh the Langner LIS is a factor of 10
higher at low energies, the two LIS’s give the sam®unt of modulation, a consequence of
the choice of the rigidity dependence of the helesic diffusion coefficients. This will be
explored further in the next section.

4.5.2. Computation of modulated spectra in compare
with observations

In this study electron observations from Ulysséemaduring 1997 (e.g. Potgieter et al. 1999)
when positioned at ~ 5 AU and@ = 8, Evenson’s balloon flight of 1983 (Evenson et al.
1983), PAMELA spectra from 2008 (Boezio — privatemenunication; see also Boezio et al.
2011 and reference therein) and Voyager 1 speatra 2010 (Webber — private
communication) are compared to the computed speltefirst three sets are representative
of observations in the inner heliosphere and thanfVoyager 1 of the outer heliosphere,
when the spacecraft was at ~112 AU. The diffusioefficients used here are those discussed

in section 3.4.

In the top panel of Figure 4.9 the modulated speaased on the Webber LIS are shown at 1
AU, 5 AU, 60 AU, 90 AU and 110 AU in the equator@hne. These computed spectra are
compared to the mentioned four set of observatasdicated in the figure caption. The

bottom panel is similar except that the Langner isl8sed instead.

It should be noted that the Ulysses electron d&plaled around ~10 MeV is largely of
Jovian origin. Using a full 3D model, similar toettone described in this work, Ferreira
(2002), Moeketsi (2004) and Nkosi (2006) illustchtthat Jovian electrons completely
dominate the electron spectrum in the inner hehespbelow 30 MeV, subsiding with

increasing energy so that at 100 MeV an unknowatitva could be attributed to galactic
electrons. It is therefore to be expected thatlthkoon data between 30-80 MeV should

contain a Jovian contribution. These issues areobtiee aspects studied for this work.
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also Caballero et al. 2010).
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The purpose of Figure 4.9 is to illustrate that wiidferent LIS’s are assumed, the spectra
above 200-300 MeV observed at and near Earth csily &® reproduced by adjusting the set

of modulation parameters as given in chapter 8en3D model.

Unfortunately, because the diffusion coefficierttsh@se energies are not yet known exactly
from diffusion theory, one cannot really choosewssn the two selected LIS’s. It appears
that the Langner LIS does not agree very well vabservations above 10 GeV. In the
following chapter, this issue will be addressed tredPAMELA observations will be used to
fine-tune the spectral slope with> 10 GeV. Since the model used here does notpocate
Jovian electrons, the compatibility at lower enesgs getting poor, as expected.

With the basic applicability of the modeling apprbaestablished, the focus can be shifted to
how good the compatibility is between the model HredVVoyager 1 observations between 6
MeV and 100 MeV at 112 AU. Obviously, the Voyagerolbservations in the outer

heliosphere are not contaminated by Jovian elestron

It follows from the top panel of Figure 4.9, basad the Webber LIS, that the model can
reproduce the Voyager 1 observations down to ~ @042V but below this energy the
Webber LIS seems to decrease too rapidly with @sang energy, touching the observations
below ~10 MeV. This implies that if this LIS wasrpect, no modulation occurred between
112 AU and the modulation boundary, assumed atAl2Qwhich is most unlikely. This
situation can be improved from a modeling pointvigw by either revising the slope and
value of the LIS or adjusting the diffusion coeifficts at these energies in the outer
heliosphere or moving the HP outwards. The lattiéiro&ause increased modulation which is
in the wrong direction. An additional complicatitimat follows from these results is that the
computed galactic electron spectrum at Earth guesigh the observational points around 10
MeV which are interpreted as from a Jovian origlblearly, the selected diffusion
coefficients in the model produce too little modida near Earth at these energies; the

computed spectrum for galactic electrons shoulbdddew the Jovian electron data.

In this chapter the focus is on the choice of th8, lso the first option is to replace the
Webber LIS with the higher Langner LIS in ordereiablish the modulation effects thereof
before making significant adjustments to the hel@sic diffusion coefficients. The results
are shown in the bottom panel of Figure 4.9. Is t@se, the model is producing far too little
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modulation throughout the heliosphereEak ~200 MeV, whereas above this energy the

model reproduces the observed spectra reasonably.
The conclusions drawn from this modeling exercige a

e« The Webber LIS is too low & < ~ 80-100 MeV. The Voyager 1 observations suggest
that the LIS should be a simple power law at trersergies, that is, not decreasing with
decreasing energy as both the Webber and Langig&matd displaying. Developing a
new LIS that has the same slope as the Voyagetdlidahe outer heliosphere is the
purpose of the work to follow.

* Increasing the Webber LIS at these energies wilewer produce too high galactic
electron intensities in the inner heliosphere, ipaldrly at Earth. This means the
diffusion coefficients used so far will have to ddjusted in terms of both their spatial

and energy (rigidity) dependence.

4.5.3. Selection of a reasonable electron LIS

As argued above a more appropriate electron LI8natgies below a few hundred MeV,

even below 1 GeV, seems to be required. Firstcapr®f what has been considered so far.
Motivated by Voyager 1 observations beyond the m& some theoretical developments for
galactic cosmic ray propagation (Ptuskin et al.6d0Webber and Higbie (2008) computed at
least three new electron LIS’s that were differtrgin what they and others used previously.
They found without exception the new LIS’s loweanhanything used before, similar to what
Ptuskin et al. (2006) also suggested based onfttimaretical input for the GALPROP code.

This was in contrast to the Langner et al. (20@breach despite the fact that almost similar
arguments had been used to derive these LIS’striditing the controversy around what the

electron LIS really is at lower energies.

In Figure 4.10 the two Webber and Higbie (2008)'&1&e plotted, indicated as 1S-2.3, 1S-7.
The 1S-2.3 is almost the same as the Langner LIS ssed in the modulation model, it

would give qualitatively similar results. In theeprous section the Webber 1S-7 spectrum
was used and it was illustrated that there arerturfately modifications necessary, as is the

case for the Langner LIS which seems too highegdhow energies.
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Hence, for this study a new LIS is derived, indécbas the RRN LIS in Figure 4.10. This LIS
consists of two power law spectra combined; at heglergies £ > 10 GeV) where the
modulation is supposedly little, the PAMELA electrobservations were used to fine-tune
the spectral index of the LIS. This part of the dpen formed the first power law. The
Voyager 1 spectrum below 120 MeV was then useding the second power law. The
combination was then matched to produce a reasenad for the middle part of the

electron spectrum.

The expression for this RRN LIS is as follows:

fP<1.0GV,
jus =expE2.0- 1.5110I, )),

WhereTk = (P/ R)/(1.0- E,)with Eq the rest mass of the electron.

if 1.0 GV< P< 10.0 GV,
_0.1349- 6.&¢ 10P+ 15.49 I0P?

= , 4.
Jus 1-1.318P+ 1.081P*+ 0.23F (
and
if P>10.0 GV,

jus = exp(—0.89- 3.262IK )

Shown in Figure 4.11 is the computed ratio betwbenLangner and the RRN LIS together
with the ratio between the Webber and the RRN i®rder to emphasize the differences
between them in terms of absolute value and spetti@es. The computed ratio between the
Webber and RRN LIS’s becomes less than unity belo®@ MeV, thus indicating that the

RRN LIS is higher at these energies as seems teduired by the Voyager 1 observations as
discussed above. As expected, the differences battfee Langner and RRN LIS get large
between 1 GeV and about 10 MeV, below which the gbes to unity and less as it should

because the Langner LIS is too low at these ergergie
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4.6. Summary and conclusions

This chapter was devoted to finding a new LIS falagtic electrons, which is an important
requirement for doing numerical modeling. The LI& o be specified at the heliospheric
modulation boundary as an input spectrum (as aialicondition) to be modulated inside the

heliosphere.

First, the nomenclature used to describe galagiectsum (GS) as a local interstellar
spectrum (LIS) or as a very local interstellar $peuo (VLIS) or even as a HP spectrum was
critically discussed. This is to make the pointttmafuture cosmic ray modulation studies
both experimental and modeling will have to dealhwthese issues. It is proposed that
Voyager 1 is presently observing HP spectra whighlater become VLIS once it enters the
interstellar region, that is the region undisturbgadhe moving heliosphere (perhaps 300-500
AU away from the Sun), not necessarily beyondHRe(see Scherer et al. 2011). The name
GS should be reserved for computed GCRs specti@se@ or so away whereas the LIS
should be used for spectra a 1000 AU away. Unfaittly, at this stage the (bad) habit of
making no distinction between these names, hae tmbtinued also in this work.

Figure 4.1 showed examples of computed galactictspéor different cosmic ray species,

obtained using the GALPROP model. The focus ondtudy is on galactic electrons so only
galactic electrons were further discussed. Over yhars, efforts have been made to
determine the GS for electrons using different gadapropagation models. The first

calculation was done by Strong et al. (1994), peotythe highest GS for electron. This high
GS was used as a LIS in earlier studies of galat#ictron modulation (e.g. Potgieter 1996).
Later, in 2000, Strong argued that this LIS was high and had to be changed so he
computed a much lower spectrum, see Figure 4.2 #tl®wn was the LIS from Langner et

al. (2001) which is between the highest and thediai&trong LIS’s. This Langner LIS has

been used since its development and is still pogEkrreira 2002; Moeketsi 2004 and NKkosi
2006).

Over the last decade, significant theoretical modifons were made and a more
sophisticated GALPROP model was developed (Ptusiiral. 2006). They took into

consideration additional physical processes in ggialaspace concerning the diffusion
coefficient in the Galaxy, especially its rigididependence. After re-examining this they
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calculated the primary and secondary GS for diffeo®smic ray species. Figure 4.3 showed
computed electron GS from the GALPROP model forclwhhree different approaches were
used, the PD, the DR and the DRD models. The PDthadDR models give too high
intensities at low energies, while the DRD modalduces a completely different GS with
low intensities. The results are the consequenctefchoice of the diffusion coefficient
utilized in computing GS. Compared to observatitives three do reasonably well above 1
GeV. To get the modulated spectra at Earth they tise Force Field modulation model

which unfortunately is not valid for electrons aeegies below about 1GeV.

Two years later Webber and Higbie (2008), motivat®d the new experimental and
theoretical developments of Ptuskin et al. (20@$ted to both electron propagation in the
Galaxy and to the electron spectrum observed inater heliosphere by the Voyager
spacecraft, calculated new GS below 1-2 GeV foctelaes. They used a Monte Carlo
Diffusion model for electron propagation in theaggl and put these GS equal to interstellar
spectra. They argued that their calculations wepessary because the GS from Ptuskin et al.
(2006) were too high at low energies. This was shimwFigure 4.4. Obviously, there is still a
lot of work to be done regarding the galactic difin coefficient especially its rigidity

dependence.

After showing different computed electron GS amfibin the literature, two were selected to
compute the modulation of galactic electrons, datlee Langner LIS and the Webber IS-7.
The results were compared with observations. Thectsf on electron modulation of using
different LIS’s with the same set of diffusion ch&knts were studied. It is found that the
global (qualitative) picture was the same. The ¢ereg of giving too little modulation at low

energies in the outer heliosphere was found toawsex by the rigidity dependence of the

heliospheric diffusion coefficients that were used.

The comparison with observations was done to ashabhich LIS would give good

compatibility with observations at Earth and in th&er heliosphere, shown in Figure 4.9.
Since the 3D model used here does not incorpanatddvian electrons the compatibility at
low energy was expected to be poor. It was alsmdathat the Webber IS-7 had a good
agreement with the observations at Earth above €\, @Gnd also agreed very well with the
Voyager 1 observations down to ~20-30 MeV. The lremd.IS did not agree very well with

the observations above 5 GeV, and also with thgager 1 observations in the outer

heliosphere.
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It was concluded that there was a need to compuoésval.lS that would give compatibility to

the observations above a few GeV at Earth andeagdime time giving compatibility with the
Voyager 1 observations at low energies in the ob#&diosphere. This LIS was developed
together with a set of diffusion coefficient thaasvdifferent from those used with the

Langner LIS and the Webber IS-7 LIS.

The next chapter is devoted to the electron modulan the heliosheath, utilizing this newly

developed LIS and set of diffusion coefficients.
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Chapter 5

Modulation of galactic electrons in the
heliosheath

5.1. Introduction

Voyager 1 crossed the TS in 2004 and it has beplomxg the inneiheliosheath since then,
with evidence that it might be approaching thedpduse zone, or more controversial, that it
has already entered this zone (Krimigis et al. 20This is based on the interpretation of the
flow speed of very low energy particles at Voyatjdyecause the solar wind speed detector
has not been working for a long time. This intetatien suggests that the solar wind speed in
the radial direction is decreasing relatively fastplying that the other components are
increasing so that Voyager 1 may be close toglyen or zone where the solar wind plasma

meets the interstellar plasma, the HP. This hadeen confirmed, however.

In this chapter the focus is on the modulation a@fgtic electrons in the inner heliosheath.
First, for modeling purposes, the modified expm@sdor the solar wind speed in the inner
heliosheath is revisited as well as the correspundiiMF magnitude. The modulated
electron spectra and the corresponding radial aar intensity-profiles are computed. The
results obtained are then compared to recent efeaibservations made by Voyager 1.

Lastly, the new HP spectrum for galactic electnsnsriefly discussed.

5.2. Solar wind speed and magnetic field profilesi
the heliosheath

The approach in finding an expression for the soliad speed in the inner heliosheath is
similar to what Nkosi et al. (2011) used, exceptehenly a stationary TS position is
considered. The solar wind speed profile is plotbedly along the Voyager 1 trajectory

because in this case only these observations aigdewed. For a review on how the solar
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Figure 5.1: Computed solar wind speed as a function of radsshdce with the TS located at 94

AU, the position where Voyager 1 crossed it.

wind profile may vary in the heliosheath, see Larget al. (2006) and Strauss and Potgieter
(2010), although the latter focused more on the AGRponent.

The radial dependence of the magnitude of the salad velocity, from in front of the TS
positioned ats up to a radial distance of, beyond the TS is given by

V,(s+1l) V(s1 -
V, = o(s+1) _ W )tanh(kr Lr) (5.1)

2s 2s

where the average value in front of the shodkjis 400 km.&". Although the model does not
include the process of shock acceleration, a cossme ratio ofs = 2.5 is included for
consistency and in order to describe the transitinat is happening across the TS into the

heliosheath. Herd, = 1.2 AU, the scale length of the transition. Beya,,, V, is assumed

to decrease with distance according to

r a(r)
Vi =V [—} .

sh
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whereV,,is the solar wind speed closely upstreap®r >r of the TS, anda(r) a function

determining the profile o¥/. further into the heliosheath. For simplicity itassumed that
a(r) =-2.0with the constraint that the divergence of the rsafad velocity is zero inside the
inner heliosheath; which give(ﬁ.v) =0 in Equation (3.1). This means that adiabatic gyer

changes cannot occur for low energy galactic edestin the heliosheath beyond a few AU
from the TS. See Ngobeni and Potgieter (2010) dswllaangner et al. (2006) for a different
approach.

Figure 5.1 show how/, changes as a function of radial distances, condpatté = 6, with

the TS located at 94 AU. This is obtained using &igm (5.1) in the modulation model
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Figure 5.2: The Parker HMF magnitude calculated for the solardwspeed profile in Figure 5.1,

shown as a function of radial distance) &t 60°.

instead of using Equation (2.2) throughout thedsghere. The figure illustrates how the

assumedv, is changing into the heliosheath, after crossirgg TS. Of particular interest is
just a few AU beyond the TS where this is decreasing like . Figure 5.2 shows the
Parker HMF magnitude as a function of radial distacorresponding to the solar wind speed
profile shown in Figure 5.1. Correspondingly, th®IF magnitude decreases Bs- (rV)_l

into the heliosheath.
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5.3. Modeling results

5.3.1. Electron spectra

Shown in Figures 5.3 and 5.4 are electron spetté® &AU and 110 AU computed with =
10°,8 = 60° andl = 90°, respectively, for the A < 0 magnetic pdlagpoch with a tilt angle

a = 5° assuming full drifts. The solar cycle relatgianges due to drifts are not further
explored because the focus is on the low enerdgy0®BMeV) galactic electrons where drifts
are insignificant as shown in chapter 3. At higheergies, drifts cannot be neglected (see
also Potgieter 1996).

The interesting fact about studying the low enegtpctrons is that they respond directly to
the energy dependence of the diffusion coeffici@soppose to protons which experience
large adiabatic energy losses at low energies (&etg 1996, 2000). The diffusion

coefficients used for these computations are tloismussed in section 3.9. Only the 90 AU

and the 110 AU modulated spectra are shown bet¢hesamphasis is on electron modulation
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Figure 5.3: Computed electron spectratat 10° and at 90 AU and 110 AU in the heliosheutith
respect to the LIS at 120 AU, as a function of kmenergy for the A < 0 HMF polarity epoch.
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in the heliosheath. The computations are shownifegreht polar angles to illustrate the
differences in modulation, especially below 100 Mé&@m the heliospheric equatorial plane
(0 = 90 to the poles.

Figure 5.3 shows computed electron spectra at 9@adJ110 AU withd = 10° (close to the
heliospheric pole) and with respect to the RRN di§ussed in the previous chapter. Above
300 MeV the spectra are indistinguishable from thH8 showing that there is little
modulation above these energies in the polar regidnhe heliosheath. This changes rapidly
below 300 MeV but below 50 MeV the amount of modiola (difference between the LIS
and the modulated spectra) becomes constant wetmtbdulated spectra having the same

slope (spectral index) as the LIS down to 1 MeV.

This steady modulation is the consequence of thelity dependence of the diffusion
coefficients that is constant bel®« 0.4 GV, but increases abo¥e> 0.4 GV. This rigidity
dependence was shown and discussed in sectioA8&plained in this section, the choice
of using this rigidity dependence of the diffusicrefficients is based on turbulence theory as
developed for the inner heliosphere, assuming tadpdicable also to the outer heliosphere.
This will be tested further below.
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Figure 5.4: Computed electron spectra for 90 AU and 110 AUtlfer A < 0 HMF polarity epoch
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function of kinetic energy.

The bottom panel of Figure 5.4 shows the compupettsa at 90 AU and 110 AU, now at

6 = 60°. This case is of special interest becahiseis the approximated heliolatitude of the

Voyager 1 trajectory. Evidently, the modulation netarts at a higher rigidity, at ~2 GeV,
but with little difference between the 90 AU and)1AU modulated spectra from 2 GeV to

500 MeV. The top panel of Figure 5.4 shows theasitun atd = 90°, the equatorial plane.
The 110 AU spectrum at 1 MeV gives somewhat lesslulation than at) =10°. The

88



intensities at 1 MeV is just above>lfarticles M s* sr* MeV™, whereas fof = 60° andd
=10° the intensities are ~930 particle¥ stsr'MeV™* and 800 particles fs* sr* MeVv*
respectively. The situation at 90 AU is differefal; the computed spectta= 13 shows the
least modulation with respect to the LIS, followeyg thed = 9¢° and therd = 6. This
implies that the latitudinal intensity gradientgsite unusual between these latitudes and is

therefore discussed further below.

5.3.2. Polar dependence of 12 MeV electron intengs

Shown in top panel of Figure 5.5 is the polar deleece of 12 MeV electron intensities
computed at 90 AU. The shape that is depictederfiture illustrates the unusual latitudinal
dependence of electrons at this energy deep idéhiosheath. Maximum intensities are
obtained at the poles, with minimum intensitiesaoteéd nearf ~ 50° andfd ~ 130°
respectively. The polar intensity gradients therefoecome zero at these polar angles. This
also happens in the equatorial plane but here girhptause of the assumed boundary
condition in the model. In contrast, quite a lapgdar dependence is found near the poles of
the heliosphere, with large polar intensity gratien

The bottom panel is similar but now results arenghat 110 AU. Again an unusual shape is
found, but now the highest intensities at the palesalmost matched at the equatorial plane.
The maximum intensity is ~ 31 particle§m’ sr* MeV™* at 0° and at 180° and the minimum
is ~ 12 particles fis* sr* MeV?! intensity a9 ~ 30° and) ~ 130°. The minimum intensities

at this distance are the maximum for 90 AU.

The global picture shown here is that inside tHeotleeath, a large latitudinal dependence is
found for 12 MeV electron intensities.
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Figure 5.5: Computed 12 MeV electron differential intensitissaafunction of polar angle at radial

distance of 90 AU and 110 AU respectively. Notedtferent scales for the intensities.

5.3.3. Radial dependence of 12 MeV electron intetisis

Figure 5.6 shows computed differential intensities 12 MeV electrons as a function of
radial distance between 70 AU to 120 AU, witlx 10°,0 = 60° andd = 90° respectively.
These computations are based on the modeling astedpby Ferreira (2002), Moeketsi
(2004) and Nkosi (2006) using the Langner LIS.
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The diffusion coefficients used for these compotadiare given by Equations (3.30), (3.31)
and (3.33). Evidently, the intensities at the thpeéar angles differ insignificantly. But, it
follows that a strong radial dependence is foumdHis outer part of the heliosphere up to the
heliospheric boundary (HP). However, this steadiialadependence, with relatively high
intensities, cannot reproduce the 6-14 MeV elecintensities as observed in the heliosheath
by Voyager 1. The computation is therefore repeat@dg the RRN LIS, shown in Figure
5.7. The other modulation parameters and diffusioafficients used for this figure were
given in section 3.9. In this case, the radial deleace is clearly different from the previous
figure. The tendency is to give a flatter radiapeledence between 70 AU and 90 AU,
different for the three polar angles. Beyond 110, &¢ difference in intensities between the

three polar angles subsides.

1 vev?
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nes sr

107 ;
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Differential intensities (particles

Figure 5.6: Radial dependence of 12 MeV electron intensitiemmded at three different polar
angles:# = 10° (the solid line)d = 60° (dotted linexandd = 90° (dashed line) based on the modeling
done byMoekets (2004) and Nkos(2006.
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Figure 5.7: Similar toFigure 5.6 but based on the RRN LIS. In this casediffusion coefficients

discussed in section 3.9 were used.

Figure 5.8 shows two radial intensity profiles fidt MeV electrons with§ = 60°. The first
case is withv, constant (independent of radial distance) andséw®nd withV, not constant
(dependent on radial distance). In particular, dbkd line is computed with the solar wind
expression given by Equation (2.2) and the dottezlwith Equation (5.1) in the 3D model.

The reason for using the different solar wind egpi@ns was to establish what happens in the
heliosheath if the solar wind velocity is divergerfeee so that no adiabatic energy changes
occur in the heliosheath. From the figure follovsittthe global picture is similar, only
relatively small quantitative changes occur: betw@@ AU and 80 AU the two profiles are
identical but between 80 AU and ~ 94 AU the nonstantV, profile shows a weaker radial
dependence than with a constahnt Beyond 94 AU the non-constaM is showing a
somewhat stronger radial dependence. The overatllesion that can be made from Figure
5.8 is that changing the solar wind expressiondmdhe heliosheath only changes the

modeling results quantitatively but not qualitatwe
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Figure 5.8: Computed 12 MeV electron differential intensitissaafunction of radial distance @&t
60°. The solid line is the computation with theasalind speed givehy Equation (2.2) whereas

dotted line is given by Equation (5.1).

5.3.4 Comparison with Voyager 1 electron observains

Computed spectra at 90 AU and 110 AU together tighRRN LIS are shown in Figure 5.9.
These spectra are compared with Voyager 1 obsengtvhen it was at 112 AU (Webber,
private communication, see alS§@aballero et al. 2010). This shows that the ne®, lised
together with appropriate diffusion coefficient®ed in fact produce a modulated spectrum
that compares well with observations. This is aprmmement compared to what was shown

in chapter 4 using the Langner LIS and Webber IS-7.

Figure 5.10 shows the computed radial dependen&@ dfeV electron intensities compared
to the 6-14 MeV electron intensities as observed \lgyager 1 (Webber, private

communication) between 70 AU up to 112 AU. The teonputed profiles are from Figure
5.8. The compatibility between the two computedfif@® and the observations are good,

except that beyond 100 AU tMe not-constant-approach seems too high.
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Figure 5.9: Computed electron spectra at 90 AU and 110 AU, iobthby using the RRN LIS at
120 AU, compared with Voyager 1 observations at 112 in 2010 (Webber, private

communication). The spectra are computed With60°, resembling the Voyager 1 trajectory.
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Figure 5.10: Computed intensities for 12 MeV electrons as acfion of radial distance
compared to Voyager 1 electron observations at Bt&¥ (Webber, private communication)
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Figure 5.11: Newly computed RRN LIS for galactic electrons.

The Voyager 1 observations shown in Figures 5.95mh@ are up to 112 AU which means
that it is probably close to the HP zone. The etecspectrum observed by Voyager 1 can
thus be called the HP spectrum for galactic elestrd\ result of this work is that the RRN
LIS (Equation 4.6) is presented as the VLIS, sonawiigher than the HP spectrum. To
recap, this spectrum is shown again in Figure ScleRrly illustrating that it consists of two
power laws, with a break around 1 GeV. For highigidities, PAMELA electron
observations were used to adjust the spectral sibyweeas for the lower part the Voyager 1
observations were used when it was at 112 AU. Tmebination was smoothed to produce
what seems also a reasonable LIS for the middkegpéne electron spectrum.

5.4. Summary and conclusions

This chapter focused on the modeling of 12 MeV gataelectrons in the heliosheath,
making use of a new LIS and a set of appropriaffeisdon coefficients. The spectra were
computed at 90 AU and 110 AU for polar angle® efL0°,4 = 60°, and = 90° to establish

how different the modulation could be; shown inlfes 5.3 and 5.4.
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The polar dependence of the electron intensities also computed for 90 AU and 110 AU

and a strong latitudinal dependence was found,gigtapplicable to the whole heliosheath.

The radial dependence of the electron intensitias then computed, again @t 10°,60 =
60°, andd = 90°. This was compared tmwmputations done previously by the local research
group e.g. Ferreira (2002), Moeketsi (2004) and $NKQO006). It was found that these
attempts did not resemble the recent Voyager 1 reasens well and was therefore
modified, using a new LIS and a new set of diffasicoefficients, fine-tuned for the
heliosheath. The results were shown in Figure BAB510. A complete radial profile from 1
AU up to the HP will be shown in the next chapter.

It was thus necessary to use a new LIS that presehe spectral slope &% what the
electron observations inside the heliosheath haggested, since it crossed the TS. This LIS

is seen as an improvement of the Webber I1S-7 antdhgner LIS.
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Chapter 6

Modulation of galactic electrons from
the inner to the outer heliosphere

6.1. Introduction

In this chapter the modulation of galactic elect&rérom the inner to the outer heliosphere is
investigated. This includes modulation aspectsiranffom the computed spectra at Earth
and at different radial distancesitdensitygradients, both radial and polar, focusing on low
energy galactic electrons. This is done using téw bIS developed for this study and in
comparison with observations from Voyager 1. Asoatcome of this computational study,
predictions are made about the intensity that galaslectrons could have in the inner

heliosphere, up to Earth.

6.2. Radial and latitudinal cosmic ray gradients

The study of GCRs intensity gradients has alwaymnkee topic of interest, now even more
with Voyager 1 far out in the heliosheath and apphing the outer modulation boundary of
the heliosphere. The gradients that Voyager 1 he®rged in the heliosheath are most
relevant and can be used to predict the valueet iB, especially at energiés< 100 MeV
that is difficult to obtain from galactic propagatimodels (Moskalenko et al. 2006). Webber
and Higbie (2008) reported that large radial graiein a range between 10-20 % AU
could be expected to be measured by Voyager 1. adpsct is studied further. Concerning
cosmic ray latitudinal gradients, Ulysses obsemey small gradients, less than 1% per deg

in the inner heliosphere, see Heber and Potgi2@)q) for a review.

In this study the radial and polar gradients armmated for different energy bins, as a
function of radial distance and polar angl€hkis is done along the Voyager 1 trajectory as

the main interest.
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Electron intensities as a function of radial disearare computed to determine by what
percentage low-energy intensities have increasekeiouter heliosphere as compared to the
inner heliosphere. It should be noted that calauiat of these gradients based on observed
intensities, are called non-local gradients, int@st to local gradients that are calculated
directly from computed spectra at different radiatances and polar angles. In this study
only local gradients are computed. (See also theudsion on gradients by Nkosi et al. 2008
and Ngobeni and Potgieter 2010).

The cosmic ray intensity gradients in the heliosplae the consequence of the combination
of all four modulation processes. The modulationdelogenerates an omni-directional
distribution function,f, throughout the heliosphere, that is, as a functb three spatial
coordinates and rigidity (or energy). To obtain mjitees that are equivalent to those
measured by cosmic rays detectors, the distributioction is expressed as a function of

differential intensity

j OP?f, 6.1

J

The total local vector gradient in the heliospherethree dimensions is mathematically

defined in heliocentric spherical coordinates as

_19f  10f 1 of 19 1 6j 1§
+ + + - e+

O oS 06 % gt 00 % 1@ T 06 £ sing 0p £ (62
with the local radial gradient
and the local polar gradient

1914 .

% =196 1 o6

The units in this case are expressed in %'dédj*. The latitudinal gradieng, is related to

the polar gradierd as follows
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The units are then simply in % dédNext only radial and polar gradients are computed

6.2.1. Electron radial gradients

The local radial gradient, in terms of a computadianodel, is determined by the size of the
spatial (numerical) grid. In correspondence withu&epn (6.3), it is then computed as the
variation of the differential intensity, with = j with a variation in radial distanég . The
equation for the computed local radial gradienthen given by

G =140 (6.6)
J Ar

and is expressed in % AU It can be computed with a numerical model thraughthe
heliosphere at different energies, with the predsand accuracy determined by the spatial

grid size used in the numerical mo@® - 0=G, - ¢,).

From observations far apart in the heliosphere ampn-local gradient can be calculated for

a particular energy; with, >r, and with the corresponding intensitidsandJ,, the non-

local radial gradient is

GD:A|n~]:In(Jz/Jl):In(lefl) (6.7)
' Ar r,—r, r,=, . |

For further information on these gradients, seegittar et al. (1989), Nkosi (2006) and
Ngobeni and Potgieter (2010). For reports on olsemal radial gradients from IMP8,
Voyager 1 and 2 and Ulysses, see e.g. Heber @t983), Fujii and McDonald (1999, 2001),
Webber and Lockwood (2004) and Heber and Potgi2G6).
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6.2.1.1. Energy dependence

Shown in Figure 6.1 i§,, computed as a function of kinetic energy at 1 AWAU, 60 AU,
90 AU and 110 AU, witl® = 10°and) = 60° respectively.

The top panel shows; with # = 10°. For all radial distances, it is increaswith decreasing
energy. A large6; is thus always obtained at lower energies. Atl, the highest value is:
G ~ 18.2 % AU' at 1 MeV, then decreasing sharply between 20 Me¥/ 200 MeV, makes
a turnaround at 100 MeV to increase between 100 E&l/1 GeV, then decreases sharply to
remain unchanged above 1 GeV. At 1 AU, and belo 4@V, G, also has the largest value
compared to other radial distances. At 5 A&Jjs mostly larger than at 60 AU and 90 AU.
At 60 AU, G; is the smallest and remains constant below 100 Mb¥n decreases and
approaches zero above 10 GeV. At 90 AR}, remains constant below 100 MeV and
decreases sharply between 100 MeV and 1 GeV anbages zero above 1 GeV. At 110
AU, G, is the second largest giving ~ 15.9 % Alat 1 MeV and maintains that value until it
reaches 60 MeV where it decreases sharply to apipero already at 1 GeV indicating that
Gr becomes independent of energy in the polar regibrike heliosheath at lower energies

than in the rest of the heliosphere.

The bottom panel showS, with 8 = 60°. Here, unlike af = 10°,G, ~ 18.3 % AU is the
highest at 1 MeV at 110 AU. It maintains constant&7.5 % AU below 100 MeV then
decreases sharply to flatten off to zero above @U.G&t 90 AU, G; is larger than at 1 AU
and 5 AU below ~100 MeV, and larger than at 60 Adloty 200 MeV; it approaches zero
above 200 MeV. At 60 AUG, ~ 1 % AU" is the smallest for almost all energies and go to
zero above 5 GeV. At 1 AW, is almost the same as for 90 AU below 10 MeV todbee

the largest value above 500 MeV.

It follows from computingG; at these different polar angles and radial diganwow its
energy dependence changes (sometimes quite pgc@ilaan the inner to the outer
heliosphere. The computed values in Figure 6.Ivgthat G, could range from as large as
20% AU™ to almost zero with increasing energy. Of cousgeenergies above 10 GeV, the
gradients will approach zero as the modulation isielss For this model it is assumed that
modulation does not occur above 30 GeV.
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Figure 6.1: Computed radial gradie@; at 1 AU, 5 AU, 60 AU, 90 AU and 110 AU as a fuocti
of kinetic energy shown &= 10° (top panel)d = 60° (bottom panel) for an A < 0 solar magnetic

polarity epoch.

Also not explored for this work is how the gradeenhange with the solar cycle and when the
polarity of the HMF is switched because this istigely well-known - see Potgieter (1996),
Ferreira et al. (2003), Moeketsi (2004), Ngoberl Rotgieter (2010).
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6.2.1.2. Radial dependence
The radial dependence & for 12 MeV galactic electrons are computed with 10°,0 =

60° andd = 90° respectively. The top panel of Figure éavss this radial dependence with
6 = 10°, producing at ~ 1 AU quite a large valu&, ~ 15 % AU, decreasing sharply over
the first ~10 AU to remain small and almost constgnto the heliosheath. Beyond 80 AU,

G increases significantly to its maximum value 88% AU at 120 AU.

The middle panel is similar but with= 60°. At r ~ 1 AU, G, is now almost a factor of 2
smaller than obtained with = 10°, yielding an increase up te- 5 AU, but then decreases
until r = 80 AU. Beyond 80 AU it increases sharply with aximaum of G, ~ 24 % AU" at
120 AU. At these polar angles, the overall tendesdpatG; is relatively small in most of
the inner to middle heliosphere with a relativelgak radial dependence but the outer
heliosphere shows larger radial gradients withrangt radial dependence. This is of course
expected because the diffusion coefficients aneifsigntly reduced in this region; see Figure
(3.16).

The bottom panel is similar but with= 90°. The tendencies discussed above are now mor
enhanced. Withr < ~4 AU, a relatively largeG; is produced with a stronger radial
dependence, decreasing sharply fi@m~ 20 % AU* at ~1 AU toG, ~ 5 % AU at ~4 AU
where it turns to decrease rapidly for the reshefinner heliosphere giving, < 5 % AU*
between 20 AU and 60 AU to become even smaller é&mtwb0 AU and 80 AU witks, < 1

% AU™. However, beyond ~ 80 AU, G, increases sharply to reach a maximum around 100
AU to then decrease moderately up to 120 AU. A msicbnger radial dependence is thus

obtained in the outer heliosphere, as is requedproduce the Voyager 1 observations.

Although the computations differ quantitatively different polar angles, the global
(qualitative) picture is not that much different. depicts large changes in the innermost
heliosphere with a relatively small radial deperwerfrom the inner to the middle
heliosphere to become significantly larger in theéeo heliosphere, reaching a maximum

close to the HP as modulation boundary.
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Figure 6.2: Computed radial dependence®f shown at? = 10° (top panel)d = 60° (middle panel)
andd = 90° (bottom panel).
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6.2.2. Electron polar gradients

The polar gradients are also expressed as locabmiocal gradients. Similar to the radial

gradients, the local polar gradigs at a given radial distanaeis given by

N

-8 6.8
N WY (6.8)

and is expressed in units of % Ateg".

The non-local polar gradient at a given radialatise between polar angigs> g, is given

by

(6.9

Usually the calculated latitudinal gradi€)tbased on observations is given in terms of

heliolatitude (not polar angle) and is related3p by
G, =1G,. (6.10,

and is expressed in units of % deg

It is known that the HMF has two different polaritycles called the A 0 and the A< O
where negatively charged particles drift differgrdepending on which cycle it is. During A
< 0 polarity cycle negatively charged particlestdridm the poles inward and outward along
the HCS. Their intensities are higher at the poles in the equatorial plane, causing a

negativeG, as a function of polar angle.
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6.2.2.1. Energy dependence

Figure 6.3 displays the comput&j for galactic electrons at 1 AU as a function ofétio
energy with & =10°. Evidently, it has small absolute values wédhpeculiar energy
dependence around 100 MeV. Figure 6.4 shows theuwdG, at 1 AU as a function of

kinetic energy with = 60°. The absolute values are larger thath=0°.
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Figure 6.3: Computed5,as a function of kinetic energy at 1 AU with= 10° for the A < 0 magnetic
polarity epoch.

Comparing Figures 6.3 and 6.4 shows that energgrdgmce is the same, caused by the fact
that K, has the same rigidity dependencelé&from Equation (3.33). It turns out that
these polar gradients are quite small, less thae\é&h at Earth. The gradients at other radial
distances are not shown because they are evenesrtt@in the ones shown here. This is
caused by enhancini§, with polar angle (see Equation 3.4@)ich in the outer heliosphere

is quite large. Its modulation effect is to supprebifts, hence giving small latitudinal

gradients throughout the heliosphere. See alsddReitd1996).
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Figure 6.4: ComputedG, as a function of kinetic energy for electrons a&U with ¢ = 60° for

the A < 0 magnetic polarity epoch.

6.2.2.2. Polar dependence

Shown in Figure 6.5 are the comput8g for 12 MeV galactic electrons as a function of
polar angle computed at 1 AU and 5 AU. Top panelFagure 6.5 shows the polar

dependence of this gradient at 1 AU; below 908 megative but positive above 90°. It peaks
around ~ 110° (~70°) with 0.78 % degt appraches zero at the poles and at the edalator
plane as required by the boundary conditions sigekcih the model. The bottom panel shows
it at 5 AU. The same tendencies are evident butatisolute values are much smaller. The

gradients at other radial distances are not shamge ghey are much smaller than shown

here.
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Figure 6.5: Computed polar dependence@ffor 1 AU and 5 AU respectively.
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6.3. Electron spectra

Figure 6.6 shows the computed energy spectra factgaelectrons at 1 AU, 5 AU, 60 AU,
90 AU and 110 AU withd = 10° andd = 60° respectively for the A < 0 magnetic polarity
epoch with tilt anglex = 5° for solar minimum conditions with full driftas discussed in
chapter 5. The diffusion coefficients used for the®mputations are those discussed in
section 3.9. The spectra are shown from 1 AU to AllDand at different polar angles to
illustrate how the modulation, especially below M@V, changes from the inner heliosphere

to the outer heliosphere.

The top panel of Figure 6.6 shows the spectra ctedpwithd =10°. The 1 AU and the 5 AU
spectra show significant modulation already at €%/ @s compared to the spectra discussed
in the previous chapter. Witk > 100 MeV, the 1 AU and the 5 AU spectra are
indistinguishable giving the same amount of modoiatThe 1 AU spectrum shows the most
modulation with the lowest intensities. The 60 Apestrum shows already significant

modulation from ~2 GeV and below.

The features of the 90 AU and 110 AU spectra héready been discussed in Chapter 5. An
overall feature is that at 1 MeV maximum intensit@e obtained, in contrast to GCRs
protons where the modulation is always a minimuntoater energies. Another important
feature of electron modulation is that with< 50 MeV the modulation becomes constant
with decreasinde, with the modulated spectra having the same glgpectral index) as the
LIS, down to 1 MeV. This is the consequence of tilgedity dependence of the diffusion
coefficients being constant beldn< 0.4 GV, as discussed and motivated in section 3.9.

The bottom panel of Figure 6.6 shows the compupedtsa at) = 60°. This case is of special
interest because it is the approximated heliold¢itof the Voyager 1 trajectory. The 1 AU
and the 5 AU spectra show modulation already fro~GeV, meaningful higher than @t
=10°. WithE > 100 MeV, the 1 AU and the 5 AU spectra are itlggiishable. The 60 AU,
90 AU and 110 AU spectra are almost the same abdesv GeV and only start to deviate
from the LIS at ~2 GeV. The 60 AU and the 90 AU & separate from each other at
~ 1 GeV, but remain very close, thus confirming thends in the intensity gradients
discussed above. The 110 AU spectrum, compareuetoest of the computed spectra, gives
smaller but still significant modulation. Also ihi$ case, all the modulated spectra below 50
MeV maintain the same slope as the LIS.
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Figure 6.6: Computed electron spectra as a function of kinetiergy from the inner to the outer
heliosphere. Spectra are shown at 1 AU, 5 AU, 60 8WAU and 110 AU, witl¥ = 10° (near the
poles) and) = 60° (Voyager 1 trajectory), respectively.
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Figure 6.7: Similar to Figure 6.6 but with = 9C.

Figure 6.7 shows the computed spectra at 1 AU, 5680UAU, 90 AU and 110 AU now &t
= 9¢°. The same features as mentioned above are evideet although some trends are

somewhat enhanced.

6.4. Polar dependence of electron intensities

Figure 6.8 shows the polar dependence of 12 Mebtreles computed at 1 AU (top panel),
5AU (middle panel) and 60 AU (bottom panel). At U&A small polar dependence is evident
with the minimum intensity obtained in the equatbplane withd = 90° and the maximum
are obtained at the poles. At 5 AU and 60 AU tresd is enhanced.

As discussed above this trend gives in heliocerdpberical coordinates per definition a
negative polar gradient from= 0° to# = 90° but a positive polar gradient frah+= 90° tod
= 180°.0Observational reports usually do this the other saynd, using heliolatitude where

the equatorial plane is specified as 0° (similageographic latitude).

A more pronounced change is seen at 90 AU as slmowre top panel of Figure 6.9 where
the intensities are becoming high at the poles withodestG, between e.gd = 50° tod =

90° but with very large polar gradients betwéken 0° tod = 50°. The trend of having the
same sign folGy between e.gd = 0° andd = 90° is now changing, the sign is switching

aroundd = 50° (130°). At 110 AU, as shown in the bottonmglaof Figure 6.9, this feature is
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pronounced. The Voyager 1 and 2 trajectories aferwmately just outside this region of

large polar gradients.

6.5. Radial dependence of electron intensities

Figure 6.10 shows the computed differential intéesifor 12 MeV electrons as a function of
radial distance between 1 AU and 120 AU, with= 10°, 6 = 60° andd = 90°. These
computations are based on the modeling reportelddnketsi (2004) and Nkosi (2006). A
similar figure was shown in the previous chaptdrdnly for the outer heliosphere (70 AU to
120 AU). As pointed out in the previous chapteis teteady radial dependence cannot
reproduce the 6-14 MeV electron intensities as maseby Voyager 1 in the heliosheath
despite that a strong radial dependence is depiotetthe inner heliosphere, within the first
20 AU. This illustrates an important constraintemmumerical models are compared to only
one observational point, say the Earth, as mangarebers do. In this case the electron
spectrum at Earth may have been reproduced adégbgtthe mentioned approach, but now
that the Voyager observations are additionally med, the insight and conclusions

change, causing ithe process quite a challenge. This is discuss#aelr below.

Figure 6.11 shows the computed radial dependehd® eV electrons as a function of
radial distances, from the inner heliosphere to dhéer heliosphere, for three different
scenarios described in the figure caption. Theetlseenarios are qualitatively similar in the
outer heliospherer (> 80 AU) and heliosheath, although subtle quamntgadifferences are
evident. In the inner heliosphere the scenario Withdiffusion coefficients independentrof
gives very small radial gradient, with the leveéhwodulation at this energy almost the same
from Earth to 80 AU. In contrast, the other tworsmos give a significant radial gradient
with the intensity decreasing by a factor of 8 mdw 1 AU and 60 AU. This has
consequences for the intensity of low energy gelatectrons at Earth and will be discussed

further below.
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6.6. Comparison with observations

Figure 6.12 shows the computed spectra from theritlmthe outer heliospherg AU, 5 AU,

60 AU, 90 AU and 110 AU, witl# = 60°)together with observations at Earth and also fer th
outer heliosphere. Earth observations are from RBMELA mission (Boezio, private
communication, see also Boezio et al. 2011), ti#/ 19lysses observations (Potgieter et al.
1999) and the Evenson balloon flight data (Evenstnal. 1983), whereas the outer
heliosphere observations are from Voyager 1 whewas at 112 AU (Webber, private
communication, see also Caballero et al. 2010). HABIELA data cover the energy range
from 50 GeV (even higher if required) to 200 MeWfartunately not to any lower energy.
The balloon flight data go to lower energies buantlwith severe systematic uncertainties
because these short-term experiments are doneeiribel Earth’s magnetosphere with
ionospheric and atmospheric influences. The Ulyskda were obtained not at Earth but
along its trajectory. At least down to 200 MeV, tbbsses and balloon data are consistent
with the much more accurate PAMELA data. Unfortehgtballoon data between 20 MeV
and 80 MeV are considered less reliable while thess¢s data around 10 MeV are certainly
dominated by Jovian electrons. Voyager 1 and 2trelecata are available only between 4
MeV and 120 MeV.

One of the frustrations about electron observatimnghat below 100 MeV no space
experiments are done at or close to Earth. Thisiarypart of the predicted (modeled)
electron spectrum, where drifts are starting ty pla increasing important role (e.g. Potgieter

1996); can therefore not be tested rigorously.

A purpose of this study is to establish when ushg RRN LIS, if the model was able to
produce good compatibility with Voyager 1 observas in the first place, with the energy
range just perfect, while attempting to predict glagactic electron intensities at Earth. In this
case compatibility with observations at Earth (rhidable) is expected to be poor because
Jovian electrons are not included in the models™as done in detail by Ferreira et al.
(2001a,b,c). However, above ~200 MeV, where theeMagions are plentiful, the model
seems to give good compatibility with the PAMELAlysses and the Evenson observations
despite that the modeling solutions are showdl at60°. The polar intensity gradients are

small as reported above making this comparisororedse.

115



The balloon flight data below ~100 MeV (three ps)nshould not be interpreted as a good
observation of galactic electrons at Earth. In félosé modeled spectrum at 60 AU seems
more consistent with these data points clearly pagrto the fact that they cannot be seen as
galactic electrons. The same applies to the thigsesds data points around 10 MeV which

are published (confirmed) as Jovian electrons.

The RRN LIS also displays the spectral slope ofRARELA observations above 10 GeV.
This LIS is normalized to PAMELA observations atG8V as shown in the graph.

A conclusion is that the modeled spectrum at 1 Aldampatible to the accurate PAMELA
electron data down to 200 MeV. Clearly, the modgiroduces the Voyager 1 observed
spectrum (available only between ~6 MeV and ~120/Mat 112 AU in all detail. The
computed spectra at 1 AU and 5 AU are presentesl deeplausible galactic electron spectra
from 1 MeV to 200 MeV. This will be discussed fiattbelow.

Figure 6.13 shows the radial dependence for theetbomputed profiles from Figure 6.11
compared to the observed radial profile for 6-14VMaectrons. The peak shown at 5 AU
was when Voyager 1 encountered the Jovian magretosso that this radial profile is
dominated by Jovian electrons up to ~20 AU (see BRlsrreira et al. 2001a, b, ¢) whereas
galactic electrons clearly dominate from> 80 AU. The observations in the middle
heliosphere, between 20 AU and 80 AU are contrislelbecause the intensity level is close
to the threshold energy of the detector which wesighed to handle the high Jovian electron
intensities. Now, for the first time, the Voyageelectron intensity at these low energies is
exceeding the Jovian electron intensity observethdiuhe Jupiter encounter. It is known
that GCRs protons interacting with the spacecréfise produce secondary electrons which
may enlarge the counting rate of electr@esbecome background counts) so that it may be
incorrect to interpret the intensity from 20 AU 8) AU as galactic electrons. If this
interpretation is correct, it remains controversidly there are several temporal changes in
the electron profile not correlated to proton esertnfortunately, only the researchers
working with this detector can resolve this issuel ahey disagree (private conversations
with Webber, McDonald and Stone; see also McDograkl. 2006).

The only certainty is that with< 20 AU, the Jovian electrons dominate. This mehatit
is unknown what the galactic electron intensitgtig€arth at these low energies. Wi 30

MeV, the Jovian contribution subsides rapidly &sstrated by Ferreira et al. (2001a, b, c).
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Figure 6.12:Computed electron spectra at 1 AU, 5 AU, 60 AUA@Dand 110 AU showing how the
spectra are modulated from the inner to the owtko$phere withh = 60°. These spectra are compared
with observations from Voyager 1 (at 112 AU), PAMELUlysses and balloon flights from Evenson,
with references given in the text. The LIS is sfiediat 120 AU.

The modeling shown in Figure 6.13 is therefore @ienapt to predict the galactic electron
intensity at Earth at these low energies. Anotlsgreat to consider here is that turbulence
theory predicts that at these low energies, thetrele diffusion coefficients should remain
independent of rigidity (energy) meaning that matioh should remain the same wkh<

100 MeV at a given position, exactly as shown iguir¢ 6.12. If the DCs are indeed so large,
the immediate implication is that not much modwlatcould occur at these energies as a
function of radial distance, or in fact over a satgicle, so that the flattish radial profile for

the inner heliosphere in Figure 6.13 seems to bgpatible with turbulence theory.

The predicted flat radial intensity in this figui@ashed line) is, from this point of view, thus
a realistic scenario. The conclusion is therefoeslenthat this predicted differential intensity
(2.5 x 10" electrons nf sr! s MeV?!) at 12 MeV is the highest plausible intensity for
galactic electrons at Earth. The other two scesaagsuming a stronger radial dependence

for the DCs are very close, and do give a muchggpradial intensity gradient towards the
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inner heliosphere. They represent what is integordor this study as the lowest plausible
galactic 12 MeV electron intensity at Earth (3 x2Hectrons rif sr' s* MeV™).

For the outer heliosphere, the controversy abouwkdraund electron contributions is
irrelevant so that the observations can be truagedalactic electrons. But, there is another
issue. The detectors on board the Voyagers canmtihglish between electrons and
positrons as the PAMELA detector does, so whatesgnted as observed galactic electrons
are in fact the sum of galactic electrons and pmsst Fortunately, based on galactic
propagation models (Moskalenko et al. 2002), theglijoted positron contribution at 10 MeV
is a factor of ~350 less than galactic electroes Egure 4.1).

As discussed in the previous chapter and emphasiess] is that the model does well in
reproducing the galactic electron intensity at 12Win the outer heliosphere. The
conclusion is made that the relevant diffusion fioeihts must be reduced abruptly once the
TS is crossed and that they are significantly iessle the heliosheath than in the rest of the

heliosphere. This conclusion should be taken iostmant when diffusion coefficients for the
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Figure 6.13: Radial dependence of 12 MeV electrons shown fottiree computed profiles as in
Figure 6.11, together with Voyager 1 observatioreswieen 6-14 MeV (Webber, private
communications). The peak at 5 AU was when Voydgencountered the Jovian magnetosphere.
This profile is therefore dominated by Jovian eleas up to ~20 AU whereas galactic electrons

dominate clearly from > 80 AU.
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heliosheath are calculated from fundamental difflasind turbulence theory.

In addition it is claimed that the RNN LIS is prdiyathe most realistic LIS so far. In order to
test this rigorously additional electron spectrgdral 112 AU from Voyager 1 are required.
This study should then be extended to include Voyagesb&ervations to make it as
comprehensive as possible.

6.7. Summary and conclusions

This final research chapter was focused on the timgdef 12 MeV galactic electrons from
the inner to the outer heliosphere, making usenefrtew LIS (main result from chapter 5)
and the appropriate diffusion coefficients, asuésed in chapter 3.

Radial and latitudinal gradients were computed dsnation of kinetic energy and spatial
position, with emphasis on polar anglesfoft 10°,6 = 60° andd = 90°. Electron spectra,
from 50 GeV down to 1 MeV were computed from theeinto the outer heliosphere to
establish how electron modulation evolves overstadice of 120 AU from the Sun. They
were compared to observations made near and ah,Eand at 112 AU in the outer
heliosphere.

Concerning the radial gradients it was found that computed values could range from as
large as 25% AU in the outer heliosphere at 1 MeV to almost zérceatain radial distances

and with increasing energy.

Concerning the polar gradients it was found thatyttare overall quite small in the
heliosphere, not even 1% degt 1 AU, with smaller numbers at larger radiatatises. This
was not surprising because drifts are generallyragsed in this 3D model by enhancing
perpendicular diffusion in the polar direction agswntroduced by Potgieter (1996). This is
required in order to reproduce Ulysses observatminsmall latitudinal gradients. For a
review, see Heber and Potgieter (2006). New obsenal results were published by De
Simone et al. (2011) that seem compatible with agatpns.

The radial dependence of 12 MeV electrons was ctedpbetween 1 AU and 120 AU
showing the full observed radial profile - see Fegé.11. This profile was first computed
using the model of Moeketsi (2004) and Nkosi (2006yvas found that previous attempts
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could not resemble the latest Voyager 1 observatisa a new LIS was deduced, together
with a set of diffusion coefficients fine-tuned ftiie whole heliosphere. This was then
utilized to compute the radial gradients that rdslerthe Voyager 1 observations - see Figure
6.13.

Concerning the computed electron spectra it wasddhe RRN LIS displays the appropriate
spectral slope, compatible with the PAMELA obsensz above 10 GeV, and seems the

most appropriate electron LIS published so far.

The model reproduced the Voyager 1 observed specatuill2 AU in detail. Since the
numerical 3D model did well in reproducing the gélaelectron intensity at 12 MeV in the
outer heliosphere, the conclusion was made thatdlesant diffusion coefficients must be
reduced abruptly once the TS is crossed and tlegt #re significantly less inside the
heliosheath than in the rest of the heliospherés Thnclusion should be taken into account
when diffusion coefficients for the heliosheath eaéculated from fundamental diffusion and

turbulence theory.

It was concluded that the modeled spectrum at lissédbmpatible to the accurate PAMELA
electron data from 50 GeV down to 200 MeV. The mé® is probably the most realistic LIS
so far. In order to test this rigorously additioredéctron spectra beyond 112 AU from
Voyager 1 are required. This study should then kteneled to include Voyager 2

observations to make it as comprehensive as pessibl

The conclusion was made that the predicted diffekimtensity (2.5 x 10 electron rif sr*

s® meV?') at 12 MeV is the highest plausible intensity f@lactic electrons at Earth. The
other two studied scenarios, assuming a stronghkalrdependence for the DCs were very
close, and gave a much stronger radial intensagignt towards the inner heliosphere. They
represent what is interpreted for this study addixest plausible 12 MeV electron intensity
at Earth (3 x 18 electron rif sf* s* meV?'). The computed spectra at 1 AU and 5 AU are
presented as plausible galactic electron spectoaviieMeV to 200 MeV. See Figure 6.12.
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Chapter 7

Summary and conclusions

Voyager 1 crossed the termination shock in 20084tAU and since then it has been
exploring the inner heliosheath region. In 201feturned interesting observations regarding
the galactic electron spectrum for energies bel®® MeV. These observations give an
answer to a long-outstanding question about thpesbathe LIS at these lower energies. In
this study, utilizing these observations, a new W& developed and applied to study the

modulation of 12 MeV galactic electrons in the bgfihere.

The background about cosmic ray modulation andhétiesphere was discussed, this include
the solar wind, the HMF and the geometry of thedsphere. Since the focus shifted to the
outer heliosphere, the intensity profile that Vosrad observed was shown. It is evident that
the spacecraft is approaching the HP zone. Unfatély the solar wind speed detector is not
working on Voyager 1 so that it is not yet confihgit is inside the HP zone.

The mathematical and numerical model based on #hespheric transport equation was
discussed together with aspects of the diffusioisde which had to be assumed in order to
solve the transport equation. The focus was onlififigsion coefficients because gradient and

curvature drifts for low energy electrons are rgagle.

The rigidity and the spatial dependence of theffeasion coefficients are of special interest
since it determines how the computed spectra geutated throughout the heliosphere. The

rigidity and the spatial dependent fdﬁ as given by the theoretical work of Teufel and

Schlickeiser (2002) at Earth, and on which the egstbased, were followed. But, first the
work done on these diffusion coefficients and immated in the models by Ndiitwani
(2005) and by Nkosi (2006) was illustrated and eatdd. It was found that the rigidity
dependence that they used, had to be changeddadmpatibility with recent Voyager 1
electron observations which form the most importart of this study. Different rigidity and

spatial dependence for the diffusion coefficienesevthus implemented in the 3D model.
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A new local interstellar spectrum was found based@mparisons of the model and Voyager
1 observations. It was subsequently implementedataomputational modulation for the

whole heliosphere.

The transition that the solar wind speed makessactioe TS and into the heliosheath was
discussed and implemented in the model. For thediedath it was assumed that no adiabatic
energy losses occur so that the divergence of dlee wind velocity remained divergence

free. Modulated electron spectra were subsequenthyputed and the results were compared

to observations in the outer heliosphere and aEdréh.
Conclusions of this study are:

* Electron spectra, from 50 GeV down to 1 MeV, weoenputed from the inner to the
outer heliosphere to establish how electron moutulag¢volves over a distance of 120
AU from the Sun. Comparison between these compelkectron spectra for the outer
heliosphere and corresponding Voyager 1 obsenatiequired the use of a modified set
of diffusion coefficients in the 3D model. The dgy dependence of previously used
diffusion coefficients could be simplified while m#&aining the basics of turbulence

theory applied to heliospheric conditions.

* The model reproduced the Voyager 1 observed spacitul12 AU in detail. Since the
numerical 3D model did well in reproducing the géilaelectron intensity at 12 MeV in
the outer heliosphere, the conclusion was madethtigatelevant diffusion coefficients
must be reduced abruptly once the TS is crossedttatdthey are significantly less
inside the heliosheath than in the rest of theokphere. This conclusion should be taken
into account when diffusion coefficients for thelibgheath are calculated from

fundamental diffusion and turbulence theory.

* Radial and polar gradients were computed as aitmadf kinetic energy and spatial
position in the heliosphere. They were compareobiervations made near and at Earth,
and at 112 AU in the outer heliosphere. Concerttiegradial gradients it was found that
the computed values could range from as large #s 23" in the outer heliosphere at 1
MeV to almost zero at radial distances closer &3hn, and with increasing energy.

» Concerning the polar gradients it was found thatythre overall quite small in the
heliosphere, not even 1% degt 1 AU, with smaller numbers at larger radiatatises.
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This was not surprising because drifts are genesalppressed in this 3D model in order

to reproduce Ulysses observations of small latitaldgradients.

Apart from adjusting the diffusion coefficients,n@w local interstellar spectrum for

galactic electron was deduced.

Using this new LIS, it was found that the compuégttron spectrum at 1 AU and from
10 GeV down to 200 MeV is compatible to the acaRAMELA electron data. It was
found that this LIS displayed the correct speditape (index) and thus seems the most
appropriate electron LIS published so far. The frt#n Langner et al. (2001) was found
too high at low energy while the LIS from Webbedatigbie (2008) was too low at low
energy. In order to test this rigorously additioeldctron spectra beyond 112 AU from
Voyager 1 are required. This study should then kengled to include Voyager 2

observations to make it as comprehensive as pessibl

The galactic electron intensity below 50 MeV is koiown at Earth because of the
dominance of the Jovian electrons at these enengitdee inner heliosphere. Using the
compatibility obtained between computations andeolaions in the outer heliosphere,
the model was used to make estimate of this irtieasiEarth. The conclusion was made
that the predicted differential intensity, 2.5 xélectrons rif sr* s* MeV?, at 12 MeV

is the highest plausible intensity for galacticcélens at Earth. The lowest plausible 12
MeV electron intensity at Earth is 3 x 40electrons ¥ s sr* MeV'. The
corresponding computed spectra at 1 AU and 5 AUpaesented as plausible galactic
electron spectra from 1 MeV to 200 MeV.

The following aspects of electron modulation, mpsthnsidered to be beyond the scope of

this present study, need further investigation:

* Applying the model for studying radial intensityofites to higher energies for galactic

electrons, up to 120 MeV, the highest energy abkal&om Voyager 1.

» Extending the computational study to include newenbational results from Voyager 2.

A comparison of particle, solar wind and magnetetdf observations and comprehensive

modeling results between Voyager 1 and Voyageegsanost relevant.
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» To study the solar wind profile in more detail hretheliosheath by utilizing Voyager 2

observations. These types of data are not avaifedote Voyager 1.

» Extending the computational electron studies taoper of increased solar activity and
then pursue the issue of computing the galacttrele intensity at Earth during this phase of
the solar cycle. Recent electron observations ®RRAMELA mission may be useful in this

context.

* Investigate how the new LIS for galactic electrdressed on the modulation studies
presented for this work, could be match to the asamppons of a galactic electron spectrum

based on the GALPROP galactic propagation code.
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